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Chapter 1

Introduction
nderstanding the physics and chemistry that take place in regions forming both low
and high mass stars, especially the earliest, highly embedded evolutionary stages of
star formation is the general topic of this thesis. Star forming regions are among the most
chemically rich and complex regions of the Universe and they are located in dense parts
of the interstellar medium. The study of their molecular content is one of the major goals
of astrochemistry in general and this thesis in particular. But why are we so interested in
the chemical composition of these regions?
We know that several processes during star formation influence the chemical composition, complexity and evolution of the interstellar medium. Additionally, the chemical
composition and evolution of the interstellar medium have their own influence on the
evolution and possibly the mass of a newly born star. The dynamical processes that lead
to the collapse of an interstellar cloud and thus the creation of a protostar are highly connected with the chemical composition of the gas. The thermal pressure of the gas and
the magnetic fields resist the gravitational forces and thus the collapse, and both are connected with the chemical composition of the medium. Namely, the thermal balance can
only be understood if we know: what kind of molecules can be formed, when and where
do they form and how much do they contribute on the cooling of the gas via line emission? What are the main heating mechanisms during star formation? The magnetic fields
on the other hand, are coupled with the medium through ions. Knowing the ionization
structure and the abundance of ions is mandatory to understand the overall star formation
processes.
Another topic of interest is understanding the evolutionary stages of very young objects. The processes that turn a prestellar core to a protostar and the several evolutionary
stages can be probed by molecular and dust emission. Molecular emission is a powerful
tool in probing the several mechanisms that take place during star formation since different chemical species probe different regions and conditions (i.e. temperature, density,
velocity distribution). A question of observational importance is: what are the main observational signatures that one can use in order to distinguish the different evolutionary
stages?
Last, but not least, understanding the formation/destruction of molecules in star formation is directly connected with understanding the chemical history of stars and planetary systems. Complex organic molecules, which are the building blocks of life, have
been observed towards young protostars. How, where and in which form do they form?
Studying and understanding the chemical reactions and evolution in star forming regions

U
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could eventually lead to understanding their distribution in protoplanetary systems and
to get closer to maybe understand how prebiotic molecules form and the origin of life on
Earth.
The purpose of this chapter is to describe the scientific context of this thesis and to
give an overview of its commonly used terms, followed by an outline of the observational
data and the methods used in our attempt to approach the topics mentioned above. At the
end of this chapter the reader finds the specific questions that this thesis addresses and a
summary of the scientific chapters that aim to provide answers to these questions.

1.1

Interstellar Medium

The Interstellar Medium (ISM) plays an essential role when it comes to the study of
Star Formation, which is the broader topic of this thesis. Stars form within the densest
regions of the ISM, while the presence of complex molecules in these regions could be
(in)directly connected to the origin of life itself, which may develop on planets around
stars.
The ISM fills the space between the stars in galaxies, and it is a combination of dust
(„ 1 % by mass) and gas („ 99 %) in ionic, atomic and molecular form. The average
density of the ISM is 100 ´ 101 cm´3 , but its distribution is highly inhomogeneous.
In cool, dense regions of the ISM, matter is primarily in molecular form, and reaches
number densities of ą106 molecules cm´3 . In hot, diffuse regions of the ISM, matter is
primarily ionized, and the density may be as low as 10´4 ions cm´3 .
The ISM can be cool (10 ´ 100 K), warm (103 ´ 104 K) and hot (104 ´ 106 K) and
it is spread throughout the host galaxies with the cooler parts in dense interstellar clouds.
Depending on the density and temperature of a given cloud, the hydrogen in it can be
neutral (HI regions), ionized (HII regions), or molecular. Interstellar clouds are divided
into dense clouds (AV ą 2 mag, nH ą 104 cm´3 ) and diffuse clouds (AV „ 0.3 ´ 2 mag,
nH „ 100 ´ 500 cm´3 ). The classification and transition from a diffuse atomic to a dense
molecular cloud can be seen in Figure 1.1.
From the various forms of ISM that were briefly introduced above, we will focus on
Molecular Clouds since they provide the host environment for Star Formation. For more
background about the ISM and atomic/molecular clouds, see the book from “Physics of
the Interstellar and Intergalactic Medium” (Draine 2011) and the review “Diffuse Atomic
and Molecular Clouds” (Snow & McCall 2006).

1.1. Interstellar Medium
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Figure 1.1: Definitions of cloud types (Snow & McCall 2006).

1.1.1 Molecular Clouds
It was „ 1970 when astronomers first realized that dense interstellar clouds do not
actually mainly consist of atoms but molecules as well (Dieter & Goss 1966). This is
a crucial difference since molecular clouds are denser and cooler than the atomic clouds
and those properties are exactly what make them ideal sites for the formation of stars. The
density and size of these objects permits the formation of molecules, with the molecular
hydrogen (H2 ) the most common, followed by some heavier species. Cold H2 is difficult to observe by infrared observations (Tielens 2005) for two reasons: it is symmetric
and thus the pure rotational lines are dipole–forbidden, providing only weak quadrapole
transitions, and it has low mass, which means that the energy levels are high, so that the
lines appear in the mid–IR and they trace warmer gas. The ro-vibrational lines appear in
near–IR and they trace mainly hot gas („1000 K, e.g. shocks).
The next abundant molecule often used in this thesis, CO, has a small but nonzero
dipole moment, and is therefore widely used as a tracer of cold H2 in dense molecular
clouds because it has an almost constant, stable and high abundance (H2 /CO „ 104 ;
Tielens 2005). The formation of molecules depends on extinction and somewhat on the
density. Figure 1.1 shows exactly this dependence: we can see that H2 begins to form

4
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in diffuse molecular clouds (AV „ 0.5), while CO begins to form in translucent clouds
(AV „ 1.2), with the exact boundary depending on the radiation field. Using Herschel,
Langer et al. (2010) present „30 H2 diffuse clouds (AV ă 1.3) that interestingly, show
[CII] and HI emission but no associated CO emission. This finding was the first observed
evidence for the presence of warm molecular “dark gas” (hidden layer of H2 ) in diffuse
regions. Grenier et al. (2005) also unveiled clouds of cold dust and dark gas, invisible in
HI and CO but detected in γ rays.
Observations in other galaxies show that the conversion factor between the observed
CO intensity I(CO) and the H2 column density N(H2 ) as measured is not universal, but
changes with metallicity, cosmic ray density and UV radiation field. The observed “Xfactor” X = N(H2 )/I(CO) is of order 1020 mol cm´2 /K km s´1 for giant spirals and rises
up to the order of 1021 mol cm´2 /K km s´1 for dwarf irregulars (Boselli et al. 2002). In
the Milky Way disk, which is more relevant to the galactic sources studied in this thesis,
the “X-factor” is 2ˆ1020 mol cm´2 /K km s´1 (Bolatto et al. 2013).
Molecular clouds are often inhomogeneous, showing structure of clumpiness, consisting of several denser regions (102 ´ 104 cm´3 ). Signposts of (massive) star formation include infrared sources, HII regions and masers. There is evidence that inside
these regions the formation of massive stars is also taking place (Zinnecker & Yorke
2007; Beuther et al. 2007). The main mechanisms that are responsible for those inhomogeneities in molecular clouds are turbulence, magnetic fields, shock waves and stellar
winds, leading to the formation of clumpy structures that lead to star formation.
A big part of this thesis focuses on the study of the interaction between the radiation
that the newly born stars emit and their surrounding ISM. The best environments to study
the influence of the far ultraviolet photons (FUV) from stars to the ISM are the so called
photon dominated regions, also known as photodissociation regions (PDRs).

1.1.2 Photon Dominated Regions – PDRs
PDRs are regions where far ultraviolet photons (FUV) with energies 6 eV ă hν ă
13.6 eV control the thermal balance and chemistry. Classic PDRs are associated with
conditions that allow the co-existence of neutral hydrogen, photodissociated molecules
and ionized species, such as carbon (C) (ionization potential ă 13.6 eV). These conditions can be found in the interface between [HII] regions and molecular clouds. Nowadays, we use the term PDRs for a broader range of regions, including regions where
molecular hydrogen is abundant and carbon mostly in CO, such as the surfaces of molecular clouds. These are regions where FUV photons drive the chemistry of oxygen and
carbon.
Figure 1.2 presents the structure of a PDR as discussed by Hollenbach et al. (2009).
FUV photons from hot stars or the interstellar radiation field penetrate the molecular
cloud, resulting in ionization, dissociation and an increasing of gas temperature. The
UV radiation field decreases with distance into the cloud, which can be quantified by the
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visual extinction AV . In the [HII] region the field is strong enough to maintain hydrogen
in ionized form (HII). The rest of the H–ionizing photons are absorbed in the so called
ionization front, which is a thin layer in which the ionization fraction of hydrogen transits
from almost fully ionized to almost fully neutral. Hydrogen remains atomic until the
attenuation of the H2 dissociating photons by the dust and the self–shielding of H2 (in
dense PDRs AV » 2). In a similar way carbon (C, AV » 2–4) transits from ionized
to neutral which leads to the formation of CO. The location of the CII/C/CO transition
depends on the incident radiation field.

Figure 1.2: Schematic diagram of a PDR showing the structure on the interface of a

molecular cloud and an [HII] region, illuminated from the left and up to about AV „10,
where O2 is not photodissociated. The water surface formation and the ices influence the
PDR structure at high AV (Hollenbach et al. 2009). Illustration: M. Kaufman

The structure of PDRs depends basically on two factors: the strength of the radiation
field and the density. Densities range from n„0.25 cm´3 in the warm neutral medium
(WNM), to n „10–100 cm´3 in diffuse clouds and up to n„103 –107 cm´3 in PDRs
associated with molecular clouds. FUV photons influence the chemistry and ionization
balance of the species mentioned above for AV ă 8, where most of the mass in molecular
clouds lies. Ionized carbon can trace all the phases of ISM mentioned above. Pineda
et al. (2013) studied the global distribution of ISM gas components in the galactic plane
using the [CII] emission with Herschel and found that most of the observed emission
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comes from dense PDRs („47%), followed by CO-dark H2 gas („28%), cold atomic gas
(„21%), and a smaller fraction by ionized gas („4%). Thus, we can say that most of the
ISM is actually in PDRs, a fact that makes their study and understanding very important.
A significant part of this thesis is the study of the thermal balance in the S 140 PDR
region and the influence of a clumpy structure on its thermal balance. S 140 is located
at the surface of the L 1204 molecular cloud at a distance of 764 pc. There is on–going
star–formation in the cloud, as it harbors a cluster of massive young stellar objects. The
main heating and cooling mechanisms that take place in such regions and the importance
of clumpiness are described below.

1.1.3 Heating and cooling mechanisms in PDRs

The heating of PDRs is mainly the result of two main mechanisms which are both
connected to the impact of the FUV: the photoelectric effect on large PAH (polycyclic aromatic hydrocarbon) molecules and small grains and FUV pumping of the H2 molecules.
The dust is mainly heated by the direct absorption of the FUV photons. During the
photoelectric heating, the electrons that are injected into the gas phase are characterized
by some excess kinetic energy, which results in heating of the gas. The second mechanism is a result of vibrationally excited H2 in the ground electronic state, that can release
its excess vibrational energy by emitting a near–IR photon or by de-excitation through
collisions, which also heat the gas. Additional heating processes include the collisional
de–excitation by atomic H at high densities (n ą 104 cm´3 ), cosmic ray heating, the
formation of H2 into an excited state and its dissociation, turbulence and shocks from
protostellar outflows and collisions between grains and gas at higher dust temperatures.
Gas–grain collisions can also contribute to the general heating of the gas as soon as a
gas molecule (usually H2 ) collides with a warmer grain, which can cause the increase of
its original kinetic energy. This mechanism can become important in the deeper, opaque
regions of the PDR (Av „5) where the radiation of the embedded stars warms the dust to
temperatures that can exceed the gas temperature (Kwok 2007).
On the other hand, in order to understand the thermal balance in PDRs, one has to take
into account the cooling processes that take place. The major process that leads to the
cooling of the gas is the collisional excitation of far–infrared fine structure lines followed
by the emission of a photon. The more important atomic lines during this process are:
[CII] at 158 µm, [CI] at 609 and 370 µm, [OI] at 63 µm and 145 µm. Only at larger
depths (higher AV ) of the PDR, the ro–vibrational transitions of H2 and the rotational
lines of CO become also important. Lastly, far–infrared continuum emission provides
the main cooling of the dust. Gas–grain collisions can also contribute to the general
cooling of the gas as soon as dust temperature is lower than the gas temperature and the
cooling becomes significant when T ă 50 K.
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1.1.4 PDRs and clumpiness
When one aims to study the properties of a PDR, as we do in this thesis, one needs
to understand the factors that allow or block the transfer of FUV radiation in the ISM.
Dust absorption and scattering and the geometry of the cloud define to what degree the
FUV radiation will penetrate the cloud, which in turn defines the several chemical zones
that characterize the PDR. During modeling of such regions the assumption of a homogeneous medium is widely adopted, while the measured properties of the clouds are
basically average values and based on specific lines.
It is broadly accepted that the interstellar clouds are not generally homogeneous but
they rather show clumpiness, which influences the degree of the FUV penetration into
the cloud. In a clumpy environment, the FUV photons can travel deeper in the cloud than
in a homogeneous medium. They can penetrate the less dense interclump medium and
as a result PDRs are formed on the surfaces of the embedded clumps that face the UV
source (Figure 1.3). The penetration of FUV radiation can vary by orders of magnitude
for different assumed clump filling factors and density contrast between clump and interclump gas (e.g. Orion Bar; Young Owl et al. 2000; Lis & Schilke 2003). As we described
above the FUV radiation is the main heating mechanism of PDRs and thus the clumpy
structure of these regions, is a crucial factor in understanding their thermal balance and
their chemistry, which is among the main goals of the present thesis.

Figure 1.3: Schematic diagram of UV propagation in spherical PDR which is character-

ized by high density clumps and lower density interclump medium.
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Star Formation

The second goal of this thesis is the understanding of the processes that lead to the
formation of the protostar and its evolutionary stages. This section aims to describe
the main processes that support or halt the parent cloud from collapsing and create the
conditions that favor the protostellar formation.
A cloud of gas will remain in hydrostatic equilibrium as long as its gravitational force
is in balance with the gas pressure. A cloud, or a part of it, can leave the equilibrium
state and start to collapse, when the gas pressure is not strong enough to balance the
gravitational force. The upper limit of the mass of a cloud that is required in order to be
in equilibrium, for a given temperature and radius and assuming a spherical symmetry,
is known as the Jeans mass M J and it is described for instance in Stahler & Palla (2005).
Once this critical mass is exceeded, the contraction of the cloud will begin until the
conditions change in a way that will not allow further collapse. When the central H2 core
is heated up to a point that a hydrostatic balance is achieved, we have the formation of
the First Hydrostatic Core (FHSC), which is prior to the real protostar. At that point the
temperature of this core increases while the gas keeps falling towards it leading to an
additional heating of the core. At about 2000 K the H2 molecules begin to dissociate,
followed by the ionization of hydrogen and helium. These processes allow a second
collapse on timescales similar to free fall. When this accretion phase is complete and the
internal forces are enough to support the object from further gravitational collapse, we
have the formation of the real protostar.
Cooling through molecules, such as CO emission (Tielens 2005), play a crucial role
in this process, since their radiation through collisional excitations causes the cooling
of the clumps, which leads to further contraction and a fragmentation that favors star
birth. Although H2 is the most abundant molecule in dark clouds it does not provide
the basic cooling mechanism, but CO does. Collisions with H atoms and H2 can raise
CO to excited vibrational levels and it will return to its ground vibrational state emitting
the energy as radiation. This will cause the cooling of the gas. But this mechanism
(vibrational transitions) is efficient at high temperatures (several thousands of Kelvins)
and not in lower gas temperatures that characterize the cool environments giving birth
to stars. On the other hand, other molecules provide efficient cooling mechanisms at
low temperatures, since their lowest excited rotational level is at much lower energy that
that of H2 . Cooling is mostly provided by the emission lines of [CII] and [OI]. There
are, however, molecular lines such as CO (rotational), OH and H2 O which can become
prominent coolants in dense, embedded regions further down to „10–30 K. H2 O for
example is prominent in shock–heated clouds, where sputtering of ice by high–velocity
particles becomes important at velocities higher than 10-15 km s´1 (van Dishoeck et al.
2013).
Further collapse increases the density of the clumps much more, making them opaque
and rather inefficient in releasing the energy through radiation, raising the temperature
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which does not permit additional fragmentation. Now the environment has the ideal
conditions in order to produce newly born stars. Of course the mechanism as described
above is quite simplified since other physical processes also take place inside the clouds,
such as rotation, magnetic fields and turbulence, which affect both the collapse and the
fragmentation of a cloud. More precisely, turbulence and magnetic fields have been
suggested to be the prominent mechanism that prevent clouds from collapsing (Troland
& Crutcher 2008; Padoan & Nordlund 2011). A collapsing rotating cloud eventually
flattens (conservation of energy and angular momentum), leading to the formation of
what we call an “accretion disk”. Through accretion the matter from the surroundings is
falling into the central part of the structure, known as central protostar.

1.2.1 High and low mass star formation
Although we are aware of the fact that stars of different masses form inside dark
clouds, we actually poorly understand the mechanism that leads to formation of highmass stars (ą 8 Md ). Our understanding of low mass star (ă 2 Md ) formation though,
is better. In terms of chemistry, during the cold and dense pre-collapse phase, molecules
on the grain surfaces form ices (H2 O, CO, CO2 ) and are enriched with more complex
molecules. While collapsing, the radiation that comes from the central protostar heats the
inner parts of the envelope that surrounds it, and causes the injection of the molecules,
that used to form ices, into the gas phase, which triggers further chemical reactions,
and therefore the creation of even more complex molecules may occur creating the so
called, “hot corinos”, that we describe in more detail in Sec. 1.2.3. These phases of
star formation are characterized by bipolar outflows, the interaction of which with the
surrounding matter causes shocks that compress and heat this matter enriching even more
the chemistry of these regions (Bachiller & Pérez Gutiérrez 1997; Tafalla et al. 2000).
On the other hand the theory that describes high-mass star formation is more “open”
since there are more gaps in our understanding of the chemical and dynamical processes.
The radiation emitted by massive stars is likely to be strong enough to prevent the surrounding material from falling into the pre-stellar core if the accretion is spherical (e.g.;
Krumholz & Matzner 2009), so if massive stars form via core accretion like low–mass
stars, the accretion must be non-spherical. Theory cannot fully predict the existence of
stars more massive than a few tens of solar masses (Zinnecker & Yorke 2007) although
observations have revealed even more massive stars (ą 150 Md ; Crowther et al. 2010).
Furthermore there is evidence that at least some massive protostars are indeed surrounded
by accretion disks (Tan et al. 2014), which leads to the assumption that massive stars may
be able to form by a mechanism similar to that of low mass stars. There are additional theories that try to explain high-mass star formation via merging of less massive protostars
(Bally & Zinnecker 2005; Yorke & Bodenheimer 2008). Besides the progress of the past
decade we still have troubles to fully understand high mass star formation. Both core
and competitive accretion theories still face challenges in explaining several important
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aspects. On one hand core accretion is challenged when it comes to the fragmentation
properties of magnetized/turbulent gas, and the accretion disks and outflows from collapsing cores. On the other hand competitive accretion has toubles to take into account
a realistic feedback from MHD outflows while the observed massive starless cores cause
an extra challenge for this theory. For a recent review on the topic see Tan et al. (2014).
The present thesis focuses on the first stages of low mass star formation, when the
new born star is embedded in and hidden by its surrounding envelope, and the influence
that high mass stars have on their nearby ISM (PDRs).

1.2.2 Protostellar evolution
Low mass protostellar evolution is another topic of interest in this thesis. To put
this topic in context, we give here a description of the processes that turn a prestellar
core into a protostar and the several protostellar stages that are commonly distinguished.
From a cloud of gas that begins to collapse until the formation of a star that enters the
main sequence, there are several evolutionary stages that are characterized by different
properties, lifespans, sizes. Figure 1.4 presents a schematic drawing of the different
stages of high and low mass star formation from a prestellar core to the Class III pre–
main sequence object.
Low mass phases
The protostellar evolution in low–mass star formation, following the formation of the
protostar is becoming reasonably well characterized, but the evolution from a prestellar
core to a protostar is not well known. The first hydrostatic core (FHSC) has been suggested to be the missing link between the two stages for few decades already (Larson
1969), but the scarcity of observations makes its characterization and detailed study very
difficult. Recent studies have reported only few candidates (e.g. Enoch et al. 2010; Chen
et al. 2010; Pineda et al. 2011).
Before attempting to classify any protostellar object it is crucial to have evidence
that this object is a protostar in the first place and not a prestellar core. A compact radio/centimeter continuum source accompanied with molecular outflows (i.e. CO), and/or
evidence of an internal heating source (e.g. near/mid infrared emission) are signatures
that can rule out the prestellar core. The most common way to classify the individual
young stellar objects (YSOs) is the shape of their spectral energy distribution (SED).
This classification can be seen in Figure 1.5. The classes are considered to be associated with the specific evolutionary stages as described above, and many times the two
terms are used to describe the same thing. This is not totally correct since the evolutionary stages represent the theoretical models, while the class is connected to the observed
shape of the SED combined with the determined spectral index or the bolometric temperature as determined by the SED, which depends on more parameters such as geometry
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and inclination of the source (Robitaille et al. 2007; Launhardt et al. 2013).

Figure 1.4: Schematic drawing of the different stages of low and high – mass star for-

mation. The last column shows the evolution of a massive cluster and its fragmentation,
which may be associated with massive star formation. The illustration was taken from
http://physics.uwyo.edu/ chip/cluster_res.html.
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Figure 1.5: Spectral energy distributions (SEDs) of the different classes of low mass–

protostars (André et al. 2000). The yellow areas correspond to the black–body radiation
curves and the red areas represent the infrared excess compared to the black body.

According to the bolometric temperature definition we have a Class 0 object when
Tbol ă70 K, a Class I when 70 KăTbol ă650 K and Class II when 650 KăTbol ă2500 K
(Enoch et al. 2009a). A Stage 0 object is characterised by an envelope mass Menv greater
than the mass of the central heating source M˚ , which can be translated to Lbol / L submm ă
200, under the assumption that Lbol relates to M˚ and L submm relates to Menv (André et al.
2000). At the same time a Class 0 object is characterised by an extended submillimeter continuum emission up to few 1000 au, which traces the envelope. In the transition
between Class 0 and Class I the majority of the material is expected to have been accreted from the envelope into the central object and thus M˚ ą Menv (Menv ą0.1Md ). The
Class II stage, is believed to correspond to the well known T–Tauri stage, during which
the protostellar envelope has been completely dispersed (Menv ă0.1Md ). In this stage the
SED is dominated by the black body radiation of the pre–main sequence object and the
disc. So Lbol / L submm can be used as an indicator of the evolutionary stage of an object
and it is expected to increase with time. Class II shows a much more compact structure
of no bigger than a few 100 au.
The accretion rate reduces from 10´5 Md /yr to ă10´7 Md /yr and the outflow momentum from „10´2 Md km s´1 to „10´3 Md km s´1 , as we move to more evolved stages
(Machida & Hosokawa 2013) while the lifespan of these objects increases by about an
order of magnitude in each stage, from few tens of thousand years for a Class 0 object to
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107 years for a Class III object, which is believed to be characterized by a debris disc.
High mass phases
Although in this thesis we do not study the evolutionary stages of high mass formation, a brief discussion is added for a more complete view and comparison with the low
mass case.
Despite the difficulties to observe massive star–forming regions, observations have
helped us to classify several phases of high–mass cores. It is very difficult to confirm
that these phases are also evolutionary constraints, because of the fast scales that a massive star evolves, which complicates the differentiation between luminosity and evolution
signatures.
The formation of a high mass star begins in high mass starless cores (HMSC) at densities ą106 cm´3 , temperatures ă 20 K and typical masses of few hundreds to thousands
Md . The Infrared Dark Clouds (IRDC), that are dark filaments with a bright infrared
background, have been suggested to host cores of diferent evolutionary stages (Shipman et al. 2014). The high–mass protostellar object (HMPO) is the phase that possibly
follows. This object does not appear at cm wavelengths that trace the ionized gas by free–
free emission, it is lacking complex chemistry, and it is characterized by infall activity.
After this, the complex organic molecules begin to enrich the spectrum of the object, as
a result of the ice evaporation of the dust grains (Cesaroni 2005). An object that shows
this chemistry is called a hot molecular core and it shows the transition to warmer phases
of star forming regions as observed also in the low–mass case. Hot molecular cores may
coexist with the phases that follow.
The fact that a a massive protostar can get hot enough to trigger hydrogen fusion
and to enter the main sequence while still collapsing and accreting, is one of the main
differences between low and high mass star formation. The accretion at this phase can
be halted by the strong radiation pressure caused by the UV, and we have the appearance
of the next evolutionary phase, the hypercompact/ultracompact HII regions with typical
sizes between a few 100 to a few 1000 au. When the parental cloud is disrupted due to
the expansion because of the radiation pressure, magnetic fields and turbulences and the
stars can be observed in the optical and the near infrared windows.

1.2.3 Chemistry: hot cores and corinos
A third goal of this thesis is to understand the chemistry that characterizes low–mass
protostellar envelopes and compare it with previously studied high–mass cases. Classical
hot cores are located around young high–mass stars. These cores are characterized by
high temperatures (ě100 K) and high densities (ě107 cm´3 ) and are of interest because
of the complex organic molecules that they host (Herbst & van Dishoeck 2009). Similarly, a complex organic chemistry has been reported in the inner envelopes of low–mass
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Class 0 protostars, the hot corinos. The observed chemical complexity is thought to be
a result of evaporation from dust grains at temperatures of „100 K, which also indirect
defines the physical size of the hot corino (R„100 au). The formation of complex organic
molecules on the icy grain surfaces is enhanced closer to the central object, and the evaporation occurs easily due to high temperatures, and these molecules enrich the gas. It is
worth mentioning that although CH3 OH is by astronomical definition a complex organic
molecule, its common presence in the ISM (Kang et al. 2013) separates it from a hot
corino or core indicator. CH3 OH is easy to make (the simplest alcohol) and its formation
is thought to take place almost entirely on grain surfaces of ISM where atoms meet and
react, producing molecules. The mechanism for methanol production appears to be a sequence of surface reactions that begins with the abundant CO. H2 CO is an intermediary
in this process. Methanol provides the major route to the formation of more complex less
abundant organic molecules, which do not seem to build up in the same simple way (i.e.
atom by atom) but rather by using pre-formed building blocks, such as methanol (e.g.
section by section). CO freezing is suggested to be an important factor when it comes to
the formation of CH3OH and of larger COMs (Ceccarelli 2008).
The chemistry that characterizes the ISM and star forming regions is a result of a variety of mechanisms. The formation of molecules cannot be described by a single process
but overall we can explain the formation of relatively simple species by categorizing all
the ongoing processes into two broader main mechanisms: gas phase chemical reactions
(e.g. photodissociation, neutral–neutral, ion–molecule, dissociative recombination) and
grain–surface chemical reactions that occur when gas phase species accrete, diffuse and
react on the surfaces of small grains. The detailed description of the sub–processes is
beyond the purpose of the current introduction; it can be found for instance in Tielens
(2005, 2012).
Although we understand the gas–phase chemistry reasonably well, we only poorly
understand the grain–surface chemistry and even less the gas–grain interaction. This lack
of understanding becomes more important when attempting to understand in detail the
chemistry of special environments such as hot cores, where gas–grain interaction leads
to the evaporation of the ice mantles and the enrichment of the gas with grain–surface
products This fact increases the uncertainties of our models for complex molecules (e.g.
CH3 OH) which can reach orders of magnitude..

1.3

Long wavelength observations

Molecular clouds are too cold to emit visible light, and are usually studied at infrared
and radio wavelengths. The greatest challenge in infrared astronomy is that almost all the
radiation gets absorbed by the water vapor in the Earth’s atmosphere. Even the highest
observatories have only a limited access when it comes to mid– and far–infrared and (sub)mm–wave radiation (5 µm – 3 mm, Figure 1.6). From this fact one can easily understand
the necessity of observatories at really high altitudes and dry environments, but also the
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importance of stratospheric and space missions. This thesis uses a variety of instruments
in this field ranging from single–dish ground–based observatories (i.e. JCMT, IRAM) to
interferometer (CARMA) and up to stratosphere (SOFIA) and space (Herschel).

Figure 1.6: Atmospheric transparency for the different wavelengths of the electromag-

netic spectrum. Molecular clouds, environments of star formation, are usually studied at
infrared and radio wavelengths.

Spectroscopy plays a crucial role in our understanding since it is the main tool yielding information on the physical and chemical properties of these regions. By studying
spectra we gain information about the temperature, density, collapse rate, velocity structure, the chemical abundances and chemical distribution of the protostellar envelopes and
their surrounding environment.
Not only molecules, but also dust is essential in star–forming regions. At temperatures of 10–100 K, dust emits strongly at (sub–)millimeter wavelengths as continuum
emission. In particular, by knowing the total flux density of this emission, the Planck
function for given dust temperature, the opacity and the distance of the emitting area, we
can estimate the total dust mass of this area. We can then find the mass of the gas after
the assumption that gas–to–dust is 100.

1.3.1 Ground based observations

• The JCMT Spectral Legacy Survey (SLS)
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The JCMT Spectral Legacy Survey (SLS; Plume et al. 2007) is one of seven big surveys that all together make up the more general JCMT Legacy Surveys (JLS) programme.
The aim of JLS is to study our Galaxy and the Universe at sub-millimeter wavelengths
using the capabilities of the James Clerk Maxwell telescope on the summit of Mauna
Kea in Hawaii. The SLS focuses on star formation. It uses the unique spectral imaging
capabilities of the 16–element Heterodyne Array Receiver Programme B (HARP–B) and
the Auto–Correlation Spectral Imaging System (ACSIS) to study the molecular inventory
and the physical and chemical structure of several objects, including NGC 1333 IRAS 4
region, which contains three low mass protostellar systems, and is a target of interest in
this thesis (Chapters 4 and 5). NGC 1333 IRAS 4 was mainly chosen because it is one
of the first and youngest proto-binaries ever detected (IRAS 4A and IRAS 4B), while
previous studies have shown a binary nature of these individual systems and interesting
chemical differences between them. The SLS produces for the first time a spectral imaging survey that covers the wavelengths of the entire window from 330 GHz to 375 GHz,
providing the spatial (21 ˆ21 maps) and velocity distribution of all the covered detected
molecules. This allows the examination of both sources in more detail and over a more
extended area than was possible before.
• IRAM – Institut de Radioastronomie Millimétrique
The IRAM 30m telescope is one of the most large and sensitive millimeter telescopes,
and it is located at an altitude of 2850 m on Pico Veleta in Sierra Nevada, Spain. It
provides mapping capabilities and high resolution spectroscopy at 0.9, 1, 2 and 3 mm
wavelengths. It has made a great contribution on studying the chemistry and the physical processes that take place during star formation within the molecular clouds of the
Milky Way and beyond. This thesis uses the mapping capabilities (41 ˆ41 maps) from this
telescope towards the S 140 star forming region, at 1 and 3 mm (Chapters 2 and 3).
• CARMA – The Combined Array for Research in Millimeter-wave Astronomy
CARMA (2006–2015) was one of the most powerful millimeter arrays in the world
providing great wide–field heterogeneous imaging capabilities and sub-arcsecond angular resolution which can be as high as 0.152 . It consists of up to 23 antennas that can
be used in combination in order to provide maps at millimeter wavelengths, and more
specifically it provides a broad frequency coverage, covering the atmospheric windows
27–35 GHz (1 cm), 85–116 GHz (3 mm) and 215–270 GHz (1 mm). In this thesis we
use both continuum and molecular line observations taken with the array of 15 antennas
at 1 mm. It is the only interferometer used in this thesis and the data cover only the
NGC 1333 IRAS 4C dense core (Chapter 4).
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1.3.2 Stratosphere based observations – SOFIA

The Stratospheric Observatory for Infrared Astronomy (SOFIA) is a modified Boeing 747SP aircraft that carries a reflecting telescope of 2.5 m. It is the largest airborne
observatory in the world. The infrared light that SOFIA is capable to observe cannot
reach even the largest ground–based telescopes that are located at the highest altitudes
mostly due to to the water vapors on Earth’s atmosphere that absorbs these wavelengths.
In this thesis we use observations from the German REceiver for Astronomy at Terahertz
Frequencies (GREAT) which is a dual channel heterodyne instrument that provides spectra of high resolution (Chapter 3) and continuum images from the Faint Object infraRed
CAmera (FORCAST) which is a dual–channel mid–infrared camera sensitive from 5–40
µm (Chapter 2). This dataset was targeting the S 140 photon-dominated region with as
main goal the study of the thermal balance in the region and the influence of internal and
external radiation under a clumpy environment.

1.3.3 Space based observations – Herschel

The Herschel Space Observatory (2009–2013), had a mirror of 3.5–m diameter making it the largest space telescope ever launched. In addition Herschel was the only
space observatory that covered electromagnetic radiation from the far–infrared to the
sub–millimeter. Herschel had three instruments on board: the Heterodyne Instrument for
the Far Infrared (HIFI), the Photodetecting Array Camera and Spectrometer (PACS) and
the Spectral and Photometric Imaging Receiver (SPIRE).
In this thesis we use data from HIFI and PACS towards both regions of interest (Chapters 2, 3 and 5). HIFI is the only instrument that permits high spectral and spatial resolution along with higher sensitivity over the 500–2000 GHz frequency range, which is
hardly observable from the ground. Herschel gives us the opportunity for an extended
study that was not possible before due to these limitations and thus provides an important
unbiased survey. In this frequency range, there are several molecular and atomic transitions that are crucial for understanding the energy balance, chemical composition, and
physical structure of star forming regions. In addition we use the imaging capabilities
of PACS, an imaging camera and low–resolution spectrometer which covered the range
from „ 57 – 210 µm.
The HIFI datasets used in this thesis are part of the ”Warm And Dense Interstellar
medium” – WADI for S 140 (Ossenkopf et al. 2011) and the ”Chemical HErschel Surveys
of Star forming regions” – CHESS (Ceccarelli et al. 2010) key programmes of Herschel.
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1.4

Analysis–Methods

As mentioned before, this thesis is dealing with both spectral line and continuum datasets.
For the spectral analysis of a wide range of wavelengths, one has to identify spectral
lines. All the identifications presented in this thesis are based on the use of databases,
more precisely the Cologne Database for Molecular Spectroscopy – CDMS (Müller et al.
2001), and the Jet Propulsion Laboratory – JPL (Pickett et al. 1998), that are combined
in a common interface1 for molecular line identification.
After the correct identification, the lines can be investigated and measured for scientific analysis / interpretation. The usual shape of a line (profile) is a result of a Gaussian
component due to Doppler broadening and turbulence and a Lorentzian component due
to the uncertainty of the energy of the excited state (uncertainty principle). The last one
is also known as natural broadening. The Lorentzian component can also be a result of
collisional/pressure broadening which reduces the lifetime of the upper state, ∆t, and increases the uncertainty ∆E. At the studied wavelengths the line profile is dominated by
the Gaussian component. A first look at the shape of the line can already give us information regarding the environment from where the line originates. For example, outflow
activity causes a broad profile that can only be fitted by multiple Gaussians, compared to
a line that has its origin to quiescent gas and thus show a single narrow regular Gaussian
profile. Further signatures such as infall and expansion, can also be traced by absorption
features. Fitting the lines with one or multiple gaussians one can derive useful information such as the central velocity of the emitting gas, and thus the kinematics of the region,
the width of the lines and thus trace rotation or outflows and the integrated intensity of
ş
the lines W “ Tmb dV expressed in the unit K kms´1 . The integrated intensities of the
lines are used for more detailed modeling in order to measure physical parameters such
as temperatures and densities of the regions, and also to infer their chemical composition.
In order to understand the physical conditions that the molecular line or dust continuum emission traces, we need to compare the observed emission with the one that the
physical models produce. These models range from simple population level equations
using local thermodynamic equilibrium (LTE) to more complex radiative transfer models that take into account non–LTE effects and chemical abundances, which is probably
closer to reality. In addition the chemistry of the regions can be better studied by deriving
time dependent chemical abundance profiles using chemical codes.
In this thesis we use a variety of models in order to achieve a better understanding
on the physics and chemistry that characterize our regions of interest, and thus on star
formation. We therefore use a) population diagrams for a rough excitation analysis of the
envelope and outflow of a protostellar envelope, b) Radex (van der Tak et al. 2007a) for
an estimation of kinetic temperatures, densities and column densities towards both our
regions using ratios of CO and H2 CO, c) RATRAN (Hogerheijde & van der Tak 2000)
for a more sophisticated radiative transfer model that takes into account the physical
structure of the sources using temperature and density gradients, d) a PDR code based
1

http://www.splatalogue.net/
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on Kaufman et al. (1999) which is suitable for studying the thermal balance towards
the S 140 PDR region, taking into account the radiation field and the geometry of the
source and e) the ALCHEMIC (Semenov et al. 2010) code as a more sophisticated way to
derive the several time dependent chemical abundances towards the low mass protostellar
envelope and compare them with the observed abundances derived with RATRAN. The
exact usage of codes in the upcoming chapters and the scientific goals to be achieved are
described below.

1.4.1 Local thermodynamic equilibrium – LTE modeling
In astronomy, we often have to work with various temperatures such as effective temperature, color temperature, excitation temperature, ionization temperature and kinetic
temperature, all described by different equations. The beauty of a system in thermodynamic equilibrium is that it is possible in all these equations to use a single temperature
T.
The entire concept of thermodynamic equilibrium is based on two simple but crucial
hypotheses: isotropy applies, which means that the physical properties (e.g. density,
temperature) are the same independent of the direction, and homogeneity, which means
that the properties remain the same at all positions. Such ideal conditions never apply
100% to real astronomical objects. In particular, our objects of interest, are characterized
by much higher temperatures in their center than their outer parts. To deal with such
situations, astronomers often consider a system in local thermodynamical equilibrium
(LTE), which applies as soon as collisions dominate the de-excitation process, and all the
transitions are populated by a single excitation temperature T ex .
One of the temperatures used in this thesis is the kinetic temperature Tkin which describes the velocities υ of the particles in a system, following the Maxwell–Boltzmann
distribution:
f pυq “ 4πp

2
m
3
´ mυ
q 2 υ2 e 2kTkin
2πkT kin

(1.1)

where m is the mean mass of the particles, Tkin the kinetic temperature of the gas, υ
the velocity of the particles in the system and k the boltzmann constant.
In the case of a simple system with only two energy levels Eu and Ek , the ratio between
the population of these levels can be described by the Boltzmann factor:
gu hv0
nu
“ e´ kTex
nk
gk

(1.2)

where Tex is the excitation temperature, gu and gk are the statistical weights of the
levels and v0 is the frequency of this single transition, being equal to (Eu – Ek )/h and h
the Planck’s constant.
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In thermal equilibrium, the radiation field of a body can be described by the radiation
temperature Trad . Its distribution is described by the black body Planck function per unit
frequency v:
Bv “

1
2hv3
hv
2
c e kTrad ´ 1

(1.3)

Population diagrams
A widely used method to estimate the rotational temperature of a system is the population diagram. The basic idea of this method is that the system is in LTE, which means
that all molecules are thermally excited and thus the rotational excitation follows the
Boltzmann distribution and the local temperature can be measured by the optically thin
emission. With simple words: Tex “ Tkin “ Trad “ T of the system. This approach is
valid as soon as the density of a region is characterized by densities above the critical
density of the molecular transitions, which is defined as the ratio between the radiative
processes of excitation (Einstein coefficients) over the excitation of molecules caused by
collisions. The reader should note that LTE is not universal for all molecules under certain conditions but it depends on the molecule and the line transition since the critical
densities vary for each molecule and each transition. Thus, for example from the same
gas, low-J CO lines may be in LTE, but HCN lines and high-J CO lines may not. Every
molecule will be in LTE under certain conditions. As an example, CO 2-1 will be in
LTE for densities nH2 ą 2ˆ104 cm´3 while HCO` 2-1 will be in LTE for densities nH2 ą
ˆ106 cm´3 .
The temperature of the system when in LTE can then be determined by:
ş
T mb dV
Eu
NT
Nu
“
“x
e´ Trot
2
gu
vµ S
QpT rot q

(1.4)

where x “ 8.591ˆ1037 8πk/hc3 , Nu the column density of the upper energy level
(cm´2 ), gu the degeneracy of the upper energy level, Tmb the main beam temperature (K),
dV the velocity range (kms´1 ), v the frequency (Hz), µ the dipole moment (D), S the line
strength, NT the total column density (cm´2 ), Trot the rotational temperature (K), Q the
partition function (can be found in CDMS for a given rotational temperature) and Eu the
upper energy level.
This method can work well for some molecules in dense regions where LTE is expected. It gives an idea of the average excitation temperature, but fails to deal with
temperature gradients. Furthermore, it can only be used for optically thin lines. This
means that the method does not work for molecules with high column densities, and thus
the rare isotopologues are preferred.
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Overall, the following factors can result in temperature and column density estimations that differ significantly from their real values: non–LTE excitation (sub-thermalization),
high optical depths and beam effects. By beam effects we mean the divergence from homogeneous conditions inside the beam, i.e. excitation gradients within the beam, and
the beam dilution as a result of different angular resolutions among the lines used for
the analysis. Goldsmith & Langer (1999) describe these effects, and propose to use the
modified equation:
ln

NT,thin
Eu
Nu
“ ln
´ lnpCτ q ` lnp f q
´
gu
QpT rot q kT ex

(1.5)

where Cτ is the optical depth correction factor, and f the beam dilution which is
defined as the size of the telescope beam over the size of the emitted region.
However, star forming regions are characterized by temperature and density gradients and the several molecular transitions can arise from different layers and thus trace
different excitation conditions. For more accurate modeling one has to take into account
non–LTE effects and temperature and density gradients.

1.4.2 Non–LTE modeling
The LTE approach does not work if any of the following play a role: optical depth
effects, sub–thermal and supra–thermal excitation (n ă ncr i.e. Tex , Tkin ), radiative
pumping and population inversion (i.e. maser emission) and formation pumping. The
later is caused by exoergic chemical reactions that cause Tex " Tkin and a molecule is
formed in an already higher excitation level. The last two effects only occur in specific
situation and require the use of specialized programs.
Here we describe the radiative transfer non–LTE codes used in this work which can
calculate efficiently model grids that can be used for the comparison with observational
data. The setups of each code vary in a way that one can assume model geometry, physical and chemical structure and choose the number and the nature of the free parameters.

RADEX
The RADEX code (van der Tak et al. 2007a) uses the basic equations of radiative
transfer and it can be used to analyze molecular line observations. By default it assumes
an isothermal homogeneous spherical cloud of gas, with the possibility of expansion motions if needed, and it takes into account both radiative and collisional excitation and
optical depth effects. In most of the cases the velocity–integrated line intensity is modeled, after the assumption that the excitation is independent of velocity. The temperature
Tkin , the density nH2 , the molecular column density N are input parameters, and in the
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simplest case the first two parameters are known (i.e. from previous observations). In
addition the observed line width and the radiation field (e.g. CMB) are input parameters.
Collisions with H and electrons are not taken into account in protostellar envelopes where
both components are less abundant but they may play a role in PDRs (e.g. Nagy et al.
2013).
The program can be used in two ways: one can compare modeled line intensities with
the observed ones or one can compare the observed intensity ratios of lines of the same
molecule, for given conditions with the observed and determine temperatures and densities, which depends on the sensitivity for specific ratios to temperatures or densities. The
ratios between main and rarer isotopologues can be used to estimate molecular column
densities.
RADEX does not take geometry effects into account. Not knowing the structure
of the source makes the correction for beam dilution crucial, when the source is not
resolved. The easiest and more consistent way to deal with that is by modeling the line
ratios instead of individual fluxes under the assumption that the beam dilution is similar
for both lines, which is not always the case since the resolution often is not constant
but it changes with frequency Using lines of similar resolution and convolving mapping
observations when available to the same resolution is the recommended approach.
In this work, RADEX is used as a tool in constructing maps of kinetic temperature,
column and volume density across the regions, by using suitable species. This was done
by performing a χ2 minimization for a set of parameters. For the model input we used
the molecular data from the Leiden Atomic and Molecular Database (LAMDA) (Schöier
et al. 2005) which provides the atomic and molecular data needed for the excitation calculation, and the most recent collisional rate coefficients (e.g. CO; Yang et al. 2010).

RATRAN
RATRAN (Hogerheijde & van der Tak 2000) is a Monte Carlo radiative transfer code
for 1D and 2D spherical or cylindrical symmetric structures, which takes the radiative
transfer modeling as described above a step further, by taking into account the detailed
temperature and density structure of the emitting area. If the physical model that defines
the temperature and density gradients is known (i.e. by dust continuum models of a
region), then RATRAN defines shells of gas that follow this structure producing more
accurate solutions. The produced line profiles should be convolved according to the
beam size of the used telescope in order to be able to direct compare the results with
the observations. The most common assumption in RATRAN is thermal equilibrium
between dust and gas (Tgas “ Tdust ) which is valid for high volume densities (ą105 cm´3 )
which applies to both regions of interest. In any case, the user has the freedom to use
different temperature gradients for dust compared to gas, if there is an indication of the
decoupling of the two as we found in S 140 in this thesis (Chapter 2).
In this thesis we use RATRAN in two situations: we import the best fitting dust model
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derived using continuum observations in RATRAN, and compare the resulting modeled
lines with the observations (Chapter 2) and we compare the empirical abundance profiles
with those resulted from chemical models (Chapter 5).

PDR codes
As we mentioned in Sec. 1.1.2 most of the ISM is actually in PDRs. This fact makes
the development of PDR models very important when it comes to the interpretation of
ISM observations in multiple environments. Two of our chapters (2 and 3) study the S 140
PDR and thus the use of a PDR code for the better understanding of the observations is
crucial.
We use the PDR model based on Kaufman et al. (1999). As the majority of PDR
codes, it solves the coupled equations of thermal balance (heating and cooling), chemical
equilibrium, and radiative transfer in spherical symmetry in PDRs. Having to deal with
all these processes simultaneously, it takes into account the grain photoelectric heating
rates, the chemical rate coefficients and atomic and molecular data.
This code assumes gas–phase elemental abundances and OH5 grain properties (MRN
with thin ice mantles) taken by Ossenkopf & Henning (1994a), which was found to well
represent star–forming regions (Evans et al. 2001). Furthermore is uses a constant value
for the volume density throughout the PDR, and the intensity of the FUV radiation field
at the surface of the PDR G0 (proportional to the standard ISRF in units of Draine field).
These are the input parameters together with the microturbulent velocity dispersion of
the gas. The abundances of polycyclic aromatic hydrocarbons (PAHs) are also included
(4ˆ10´7 ), since dominate on the the grain–photoelectric heating. The grain photoelectric
heating rate was derived including a size distribution of particles: from large grains of
0.25 µm to small PAHs of 5 Å.
In this thesis we use a simple model in order to treat the PDRs in S 140 (Chapter 3)
as a face–on configuration taking the optical depths of the lines into account simulated
by Kaufman et al. (1999). In the model we apply only two free input parameters: the
volume density and the radiation field, the strength of the UV radiation field being the
most crucial, and compute the line and continuum intensities. We derive the source
parameters by comparing the [C ii] line intensity, the [O i]/[C ii] intensity ratio, and the
([O i]+[C ii])/TIR ratio from model predictions (Figs. 3-6 from Kaufman et al. 1999)
with the observed values. The inclination angle can also be used as an additional free
parameter.

1.4.3 Modeling the dust emission – DUSTY
In order to model the continuum emission and construct the physical structure of the
main heating source IRS in S 140 region and derive its temperature and density gradients
we use the DUSTY code. The radiation we receive from star forming regions, is not the
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original radiation from the embedded central object, but the one processed by dust. The
dust absorbs, scatters and re–emits the original radiation from the embedded central star
providing the spectral energy distribution which we can model. The radiative transfer in
a steady state and its simplest form is given by:
dIλ
“ κλ pS λ ´ Iλ q
(1.6)
dℓ
where κλ is the total (absorption and scattering) extinction coefficient at λ, κλ dℓ is the
optical depth dτλ , Sλ is the source function and Iλ the intensity.
The DUSTY code (Ivezic et al. 1997) solves the radiation transport equation in the
dusty circumstellar environments that surround stars and is able to do so for both the
optically thick and the optically thin cases. The solution method is based on a selfconsistent equation for the radiative energy density. It includes dust scattering, emission
and absorption, and it is exact to the numerical accuracy that was specified. For all the
formulas used the reader should go to the original paper.
There are many input parameters in DUSTY. The properties of the radiation source
and the dusty region need to be implemented, and as a result the code gives the dust
temperature distribution and the radiation field that characterizes this region. In fact
the input consists of the physical parameters, numerical accuracy parameters and flags
for additional output files. The input physical parameters are the characteristics of the
external radiation (i.e. spectral shape), dust grain properties, and the density distribution
of the envelope. The optical properties (i.e. dust absorption, scattering cross–sections)
depend on the chemical composition and the size distribution of the grains, and for the
most common types of astronomical dust (Ossenkopf & Henning 1994a), DUSTY has
them already built in and they are used to produce optical depths. Another important
input parameter is the dust temperature on the shell inner boundary.
For the given set of parameters, DUSTY generates up to 1000 models with different
optical depths. For each optical depth, the output file contains the bolometric flux at the
inner radius, the inner radius of dust temperature Tin , which scales with luminosity, the
rin /rc , where rc the radius of the central source, the angular size in arcsec of the shell
inner diameter and the dust temperature at the outer shell of the envelope. In the end
one can compare the best fit modeled SED with the observations and get a full list of the
properties that describe the region.
In this thesis the density and temperature gradients as derived with DUSTY are used
for further modeling of the lines using RATRAN.

1.4.4 Chemical models
Molecules play an important role in our understanding of the star–formation process.
Trying to understand the molecular mechanisms is crucial in our further understanding of
the evolutionary phases, the astrochemical complexity and the overal physical conditions
that characterize such regions. In order to calculate the abundances of the molecules in
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the current phase of a region, one has to solve a number of equations implementing the
initial conditions and abundances.
We are interested in deriving the time dependent chemical abundances of the observed
species towards a low mass protostellar envelope, an environment with a weaker UV
radiation compared to high mass protostellar environments (PDRs) and which is mostly
the result of accretion and shocks. The chemical models used in this thesis are based
on the time dependent gas–grain chemistry ALCHEMIC code (Semenov et al. 2010).
Gas–phase processes were previously thought to be the key mechanisms for formation of
more complex organic molecules in star forming regions (van Dishoeck & Blake 1998).
These mechanisms, however, have been considered to be inefficient and the grain–surface
chemistry has been proposed instead (Garrod 2008). The gas–grain chemistry involves
chemical processes such as the loss of atoms and molecules from the gas to the grains,
the catalytic reactions on the surfaces of the dust grains and the enrichment of the gas
through the return of the surface species to the gas–phase.
In these models one sets the chemistry network. In this thesis we used a chemical
network which is based on the gas-phase osu032008 ratefile 2 (Albertsson et al. 2013)
which includes gas–grain interactions and a set of surface reactions for the H-, O-, C-, S, and N-bearing molecules. The chemical processes in this code include both gas phase,
gas–grain, and surface reactions (as described in Sec. 1.2.3). The surface reaction rates
are calculated assuming no H/H2 tunneling through potential walls of the surface sites.
The input parameters of these models include: the physical structure, i.e. temperature
and density profiles as derived using continuum observations, the cosmic ray ionization
rate, ζ CR (5ˆ10´17 s´1 for NGC 1333 IRAS 4A), the dust radius and density, dust–to–gas
mass ratio (0.01) and the diffusion / desorption ratio for surface species (0.77). This conservative value was used until recently and it was adopted from Ruffle & Herbst (2000).
An exact value is not that well known but seems closer to 0.3-0.5, based on experimental results. If a lower value had been used, more complex organics species would have
been formed. These models are time dependent, thus the age of the object of interest
which is also important could be derived by comparing the modeled profiles for a range
of timescales, which can be from 1 year up to 109 years. We need to clarify that we can
derive the best-fit age of our object in the framework of the model that we use. If in reality conditions are quite different or our chemical network misses some key reactions, the
best-fit age value can be quite different from reality. A rigorous way to do such modeling
would require running numerous models with varying T, ρ, CR ionization rate, and reaction rates. In this thesis we use a more narrow range (103 –106 years) based on previous
estimates of the age of our object (104 –105 years).
In order to derive the abundance profiles from the species of interest one has to set
the initial abundances. The model uses a set of 12 elemental abundances from Wakelam
& Herbst (2008). These species include H, He, N, O, C, S, Si, Na, Mg, Fe, P and Cl. All
elements are assumed to be initially atomic and ionized, except from hydrogen which is
2

http://web.archive.org/web/20131408091500/http://www.physics.ohiostate.edu/ eric/researchfiles/osu032008
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assumed to be entirely molecular, and He, N and O that are only assumed to be neutral
and all heavier elements are depleted from the gas phase, and all grains are neutral. The
result of this process are abundance profiles from the species of interest. This means that
we get the abundance of species over the radius adopted for the physical models for a
range of timescales.
In this thesis, we calculate the abundance profiles for several species and compare
them with empirical RATRAN models, in our attempt to a) understand the chemical processes that take place in one of our sources (NGC 1333 IRAS 4A), b) constrain its age and
c) compare this low mass case with a high mass case from the literature (AFGL 2591).

1.5

This thesis

Our goal for the present low mass to high mass star formation thesis is to cover different
luminosities and different evolutionary phases of young stars and understand the physical
and chemical processes that take place in these regions. The sources being studied in this
thesis, the questions and the context of the scientific chapters are described below.

1.5.1 Targets
For the selection of our sources it was crucial to consider regions that host both highmass and low-mass protostars. The Class 0 sources are believed to represent the first
stages of the collapse that take place in low mass star formation for some years already
(Mardones et al. 1997). Simultaneously with the infall, violent outflow winds/jets eject
matter outwards. NGC 1333 provide a perfect laboratory for low mass star formation,
while S140 is used in this thesis for the study of high mass stars and PDRs.

a) NGC 1333
NGC 1333 is one of the most nearby (D=235 pc; Hirota et al. 2008) and young
(ă 1 My; Gutermuth et al. 2008) star forming regions. It is one of the best studied regions
and it hosts low to intermediate mass stars. It is a part of the Perseus OB2 molecular
cloud complex and it contains a large number of young stellar objects (YSOs), which
are stars in the earliest stages of development. It hosts about 50 YSOs and 36 Herbig–
Haro (HH) objects. The Herbig–Haro objects are regions that show nebulosity due to
the jets produced by newly born stars and thus they are associated with star formation.
Newly born stars are often only visible at infrared wavelengths, being heavily obscured
by dust. Far infrared wavelength observations have revealed the IRAS 4 region, which
hosts a number of highly embedded infrared sources that are connected to young low
mass stellar objects. We are particularly interested in IRAS 4A, IRAS 4B and IRAS 4C.
IRAS 4A and IRAS 4B appear as the two brightest continuum objects and are classified
as Class 0 objects while the nature of IRAS 4C is under debate.
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b) S 140
S 140 (Figure 1.7) is an HII region that lies at the south–west edge of the molecular
cloud L1204 at a distance of 746 pc (Hirota et al. 2008). This region provides strong
evidence of several phenomena associated with star formation of various masses. More
specifically, outflows and strong UV radiation are highly connected to the process of
high–mass star formation. S 140 is an ideal environment for the study of the effects of
radiation from both internal and external heating sources that create photon-dominated
regions (PDRs). On one hand we have a BOV star (HD 211880) around 1.8 pc away
from the cloud that illuminates the edge of L1204 creating a PDR region firstly seen by
Crampton & Fisher (1974). On the other hand we have several high-mass star infrared
sources with IRS1-3 the most luminous.

Figure 1.7: 2.12 µm H2 map of the S140 IRS region („ 452 ˆ 452 ): The positions of the

deeply embedded infrared sources IRAS 1 (central), IRS 2 and IRAS 3 are well shown
(Preibisch & Smith 2002).

Two bi–polar outflows can be found in the S 140 cloud (Preibisch & Smith 2002).
One is traced by observations of shock like features and H2 knots, which provide strong
evidence of hot, shocked gas, lined up northeast of IRS 1 over several degrees. The other,
which is perpendicular to the first, has been observed in CO.

1.5.2 Specific questions and components of this thesis

In this thesis I study the influence of forming stars on their surrounding matter (PDRs;
Chapter 2, 3), and the physical and chemical structure of protostellar environments, and
address the potential chemical differences among low and high mass objects (Chapter 5).
I also aim to trace the evolutionary status of dense cores (Chapter 4).
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Questions
The specific questions that we are addressing in this thesis are:
• What is the thermal balance, the chemical and dynamical structure in PDRs and
what is the impact of UV radiation and clumpiness in such environments ? (Chapter
2, 3)
• How can we constrain the evolutionary state of dense cores? (Chapter 4)
• What is the physical and chemical structure of low mass protostars? How does
their chemical structure compare to the high mass case? (Chapter 5)
• How do outflows influence the chemistry of the protostellar surroundings? (Chapter 5)

Components of this thesis
In Chapter 2 of this thesis we study the thermal equilibrium between dust and gas in
a sub–area (IRS 1–3, Ionization Front) of the photon-dominated S 140 region which is
characterized by high densities (ě 105 cm´3 ) (1st question in the list above). For this
purpose we derive the dust and gas temperatures independently. We model continuum observations from Herschel PACS combined with SOFIA/FORCAST images and SCUBA
data, using simple greybody fits and the more advanced DUSTY radiative transfer code.
In addition we derive the gas temperature by modeling CO transitions as observed with
the IRAM–30m over a 41 field and HIFI single points using RADEX. Moreover we use
the density and temperature gradients as derived with DUSTY, as input to the more advanced radiative transfer model RATRAN. In contrast to expectation, we find that the gas
is systematically warmer than the dust by at least „5–15 K despite the high gas density,
and we conclude that this is a result of a deep UV penetration from the embedded sources
in a clumpy medium and/or oblique shocks.
In Chapter 3 we try to understand the thermal balance (1st question) by studying
the gas heating and cooling in the S 140 star–forming region. For this purpose we use
maps of the main cooling fine-structure lines of [O i] (63 µm) and [C ii] (158 µm) and the
rotational transitions of CO 13–12 and 16–15 observed with SOFIA/GREAT combined
with IRAM–30m and Herschel observations that trace the energy input and the density
and temperature structure of the source. We perform radiative transfer computations
for all observed transitions and we assess the total cooling budget and measure the gas
heating efficiency with the help of the far–infrared continuum. Striking is the fact that
the main emission of fine–structure lines in S 140 stems from a 8.32 region close to
the infrared source IRS 2 that is not prominent at any other wavelength, while the main
heating source IRS 1 lacks associated emission that we cannot explain. We measure lineto-continuum cooling ratios ă 10´4 . These values are lower than in any other Galactic
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source, and are actually matching the far–IR line deficit seen in Ultraluminous infrared
galaxies (ULIRGs 3 ). This deficit is still difficult to explain, a fact that makes S 140 a
great template that may lead to a future model.
In Chapter 4 we investigate the evolutionary stage (2nd question) of three low mass
objects that are previously classified as Class 0 based on their bolometric temperature. We
directly compare the objects using molecular line observations from the JCMT Spectral
Legacy Survey and line and dust continuum observations from CARMA. We set observational constraints others than the Tbol . More precisely we report differences between
the three sources in four aspects: a) the kinetic temperature as probed using the H2 CO
lines are much lower towards IRAS 4C than the other two sources, b) the line profiles
of the detected species show strong outflow activity towards IRAS 4A and IRAS 4B but
not towards IRAS 4C, c) the HCN/HNC abundance ratio is ă 1 towards IRAS 4C, which
confirms the cold nature of the source, d) the degree of CO depletion and the deuteration are the lowest towards the warmest of the sources, IRAS 4B. Based on our findings,
IRAS 4C seems to be in a different evolutionary state than the IRAS 4A and IRAS 4B
sources, but our results are not fully consistent with a younger or older object, with the
major issues being the absence of outflow activity and the cold nature of IRAS 4C which
could point towards a first hydrostatic core. A more detailed physical model of IRAS 4C
is one of our future plans.
Finally the main goal in Chapter 5 is to study the chemical structure of the low–
mass Class 0 YSO NGC 1333 IRAS 4A and study the richness of the observed molecular
species of the envelope and try to distinguish between a hot corino and a shock chemistry
(3rd and 4th question). We also aim to compare our results with a high mass case. For
this study we use observations obtained with HIFI and JCMT and we use the Monte Carlo
radiative transfer code RATRAN to create empirical abundance profiles and compare
them with the ones derived from the time dependent chemical models (ALCHEMIC). In
addition we try to constrain the age of this object by using the best fit results between
the chemical and empirical models. We find that the outflow cavities are important for
the chemistry of the low-mass protostellar environment, unlike high-mass case where hot
cores dominate. In addition, H2 D` shows a very different spatial distribution compared
to other ions and deuterated species and it probably arises from a colder foreground layer
of gas. A more detailed 2D–3D chemical model, including a disk structure and outflow
cavity is in our future plans. Investigating the spatial distribution of deuterated species
in a larger sample of sources known to contain outflows is also a topic of interest for the
future.

3

Lower than expected [CII]-to-FIR ratios were first reported towards galaxies with high star formation
activity (high [60 µm] { [100 µm]) using ISO observations (Malhotra et al. 1997)
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Chapter 2

Temperatures of dust and gas in S 140
The beginning of wisdom is found in
doubting; by doubting we come to the
question, and by seeking we may come
upon the truth.
Pierre Abelard

Abstract
In dense parts of interstellar clouds (ě 105 cm´3 ), dust and gas are expected to be in
thermal equilibrium, being coupled via collisions. However, previous studies have
shown that in the presence of intense radiation fields, the temperatures of the dust
and gas may remain decoupled even at higher densities. The objective of this work
is to study in detail the temperatures of dust and gas in the photon-dominated region
S 140, especially around the deeply embedded infrared sources IRS 1–3 and at the
ionization front. We derive the dust temperature and column density by combining
Herschel PACS continuum observations with SOFIA observations at 37 µm and
SCUBA data at 450 µm. We model these observations using simple greybody fits
and the DUSTY radiative transfer code. For the gas analysis we use RADEX to
model the CO 1–0, CO 2–1, 13 CO 1–0 and C18 O 1–0 emission lines mapped with
the IRAM–30m telescope over a 41 field. Around IRS 1–3, we use HIFI observations
of single-points and cuts in CO 9–8, 13 CO 10–9 and C18 O 9–8 to constrain the
amount of warm gas, using the best fitting dust model derived with DUSTY as input
to the non–local radiative transfer model RATRAN. The velocity information in the
lines allows us to separate the quiescent component from outflows when deriving
the gas temperature and column density. We find that the gas temperature around
the infrared sources varies between „35 and „55 K. In contrast to expectation, the
gas is systematically warmer than the dust by „5–15 K despite the high gas density.
In addition we observe an increase of the gas temperature from 30–35 K in the
surrounding up to 40–45 K towards the ionization front, most likely due to the UV
radiation from the external star. Furthermore, detailed models of the temperature
structure close to IRS 1 which take the known density gradient into account show
that the gas is warmer and/or denser than what we model. Finally, modelling of
the dust emission from the sub–mm peak SMM 1 constrains its luminosity to a few
ˆ 102 Ld . We conclude that the gas heating in the S 140 region is very efficient
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even at high densities. The most likely explanation is deep UV penetration from the
embedded sources in a clumpy medium and/or oblique shocks.

2.1. Introduction

2.1
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tars are born inside dense molecular structures in the interstellar medium (ISM) that
consist of gas and dust. The dust grains in clouds associated with star–forming regions absorb the short–wavelength radiation from the central stars, heat up, and then
re–emit radiation at far–infrared (FIR) and sub–millimeter wavelengths. The thermal radiation from dust is optically thin at these wavelengths and thus is a good tracer of such
physical parameters as temperature, density, and the gas mass of the clouds. Dust is efficiently heated through near IR radiation thanks to the broadband absorption properties of
the dust grains. On the other hand, the gas temperature Tgas is mainly governed by heating
processes driven by UV radiation (photoelectric heating, H2 excitation, dissociation).
In the well–shielded centers of massive cores, the primary effects for the thermal
balance are cosmic ray heating, molecular line cooling, and collisional heating or cooling
due to dust–gas collisions (Goldsmith & Langer 1978; Tielens 2005; Draine 2011).
At densities above „104.5 , the dust and gas are expected to be collisionally coupled
and are characterized by the same temperature (Goldsmith 2001). At lower densities, the
rate of collisions between dust and gas decreases, and the cooling of the gas via finestructure and molecular rotational transitions becomes dominant (e.g. CO, rC IIs, and
rOIs) (Sternberg & Dalgarno 1995a; Kaufman et al. 1999; Meijerink & Spaans 2005).
Excitation of the rotational levels of molecules like CO (low dipole moment) observed at (sub)mm wavelengths is provided by collisions with H2 . If these collisions
are frequent enough to exceed the spontaneous decay rate, the levels will get into thermal
equilibrium with H2 . The critical densities ncr of CO and isotopologues for the J“1–0 and
2–1 transitions at 50 K are „2ˆ103 cm´3 and „2ˆ104 cm´3 , respectively 1 . At this point
their excitation temperature will approach the gas kinetic temperature, so that the study
of these lines is ideal for gas kinetic temperature estimates. The rarer isotopologues of
CO, such as 13 CO and C18 O, can be used to probe regions of high column density where
the lines of the abundant isotopologues become optically thick. The critical densities ncr
of CO and isotopologues at 50 K are „1.2ˆ106 cm´3 for the J“9–8 and „1.5ˆ106 cm´3
for the 10–9 transition, respectively.
S 140 is a well studied HII region that lies at the southwest edge of the molecular
cloud L 1204 at a distance of 746 pc (Hirota et al. 2008). A larger distance of 910 pc
has been adopted in previous studies (e.g., Crampton & Fisher 1974; Dedes et al. 2010;
Ikeda & Kitamura 2011). This edge is illuminated by the B0V star HD211880, creating a
visible HII region and a photon–dominated region (PDR) at the ionization front (IF). The
cloud also hosts a cluster of embedded high–mass young stellar objects (YSOs), IRS 1 to
3 (Evans et al. 1989) at a projected distance of „752 northeast of the IF. A large number of
low–mass stars are also forming, making S 140 an ideal laboratory for studying both the
star formation of various masses and the differences caused by irradiation from external
(B0V star) and internal sources (IRS 1 to 3).

S

1

The values were calculated using Einstein coefficients and collisional rates (Eq. (2)) from Yang et al.
(2010).

34

2. Temperatures of dust and gas in S 140

The analysis of physical models around IRS 1 has been performed by a number of
previous authors including Harvey et al. (1978), Gürtler et al. (1991), Minchin et al.
(1993), van der Tak et al. (2000), Mueller et al. (2002a), de Wit et al. (2009a), and Maud
& Hoare (2013). Poelman & Spaans (2006) report the clumpiness towards S 140 and
give a value of nH2 „ 104 cm´3 for the interclump medium and „4ˆ105 for the clump
gas. Previous models lacked spatial information at many wavelengths, and many of them
were based on the assumption that the gas temperature is coupled to the dust as a result
of the high densities (e.g., Poelman & Spaans 2006).
In this study we have analyzed the temperature and column density around the S 140
high–mass star–forming region of embedded young stellar objects by combining Herschel PACS and HIFI data with ground–based mapping observations of mm–wave lines
using the IRAM 30 m telescope. The new PACS continuum data and IRAM spectroscopic
maps provide us with the highest angular resolution spatial information available, covering an area that includes the YSOs in both datasets. The IF was covered by our larger
IRAM maps (41 ˆ41 ) but not by the PACS observations, since the latter cover a smaller
area (452 ˆ452 ). Furthermore, the data give us the opportunity to study independently
of the gas and dust temperatures around FIRS 1–3 and check whether the assumption of
well-coupled dust and gas is valid throughout this cloud.
In the following sections, we present the dust and gas modeling, along with the resulting parameters. We present the observations in §2, the observational results in §3, the
gas and dust analysis with a comparison between gas and dust in §4, the effect of density
gradients using more advanced dust and gas models in §5, and a discussion of our results
and conclusions in §6.

2.2

Observations and data reduction

2.2.1 PACS data
To investigate the temperature and column-density structure of the dust we analyzed a
single footprint of PACS (Poglitsch et al. 2010) with its 5ˆ5 spatial array of „ 92 pixels
over a range of wavelengths from „ 70 µm to „ 200 µm (obsid: 1342222256). The data
was reduced using HIPE 9.1.
Since the PACS spectrometer continuum data only cover the peak of the spectral
energy distribution (SED) for S 140, we have supplemented our analysis with shorter
and longer wavelength images. We used the SOFIA/FORCAST images at 11.1, 31.5,
and 37 µm discussed by Harvey et al. (2012) and the 24.5 µm Subaru/COMICS data
of de Wit et al. (2009a). Since all of these observations were obtained with resolution
better than that of the PACS/Spec images, we used them both at their native resolution
and reconvolved to the PACS/Spec 187 µm resolution. These raw and convolved images
were also resampled to a 12 grid like the PACS/Spec images. Longward of the PACS
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wavelengths, the highest resolution image available is in the JCMT SCUBA archive2 at
450 µm. We have used this image without further processing in our analysis below. We
also examined the SCUBA 850 µm image, which is qualitatively similar but has lower
spatial resolution.

2.2.2 IRAM data
The 30m observations were conducted during four hours on September 24, 2011. The
Eight MIxer Receiver (EMIR) was used during the observations. CO J = 1 Ñ 0 and
isotopologues („ 110–115 GHz, 3 mm) and CO J = 2 Ñ 1 (230.54 GHz, 1 mm) map
data were gathered in two linear polarizations. Our 41 ˆ41 maps were centered close to
S 140-IRS 1 position at RA = 22:19:18.30, Dec = 63:18:54.2 (J2000) (Figure 2.2). For
this work, we selected the maps of CO J = 1 Ñ 0 (115.27 GHz), J = 2 Ñ 1 (230.54
GHz), together with the isotopologues 13 CO J = 1 Ñ 0 (110.20 GHz) and C18 O J = 1
Ñ 0 (109.78 GHz). At all the observed lines, the FTS and WILMA were connected in
parallel as backends. In the 3 mm set up, we collected data from three bands of „ 4 GHz
each including the isotopic lines of 13 CO J = 1 Ñ 0 and C18 O J = 1 Ñ 0 in the CO setup.
The beam sizes are „ 212 at 3 mm and „ 112 at 1 mm.
The sky opacity measured by the taumeter at 225 GHz was stable at τ225 “ ´0.26.
Pointing and focus were checked about every hour on quasars and on Uranus and were
stable within 2” and 0.2 mm. The spectral line calibration was checked by pointed observations on IRS 1 and IF. The on–the–fly mapping observations were done in perpendicular directions to avoid scanning artifacts. The typical system temperatures were 96–215 K
at 3 mm and 175 – 190 K at 1 mm. The resulting rms falls between 0.152–0.705 K at
3 mm and „ 0.525 K at 1 mm for a velocity resolution of „ 0.5 km s´1 and „0.25 km s´1
respectively.
The intensities were converted from antenna temperature units to a scale of mainbeam temperature (Tmb ), dividing by the main-beam efficiencies ηmb (Be f f /Fe f f ) of 0.82
at 3 mm and 0.64 at 1 mm. Velocities are given with respect to the LSR. Baselines of
orders 0 to 4 have been subtracted. Data reduction and analysis were performed using
the GILDAS software 3 .

2.2.3 HIFI data
To test the reliability of our method for the gas analysis, we used single-pointing observations (spectra) (Figure 2.6) and cuts from Herschel–HIFI (Figure 2.2, top), in addition
to the 4’ˆ4’ maps from IRAM–30m. Single-pointing, frequency–switching spectra in
bands 1a, 1b, 2b, 3a, 4a, 4b, 6b, and 7b and OTF maps were analyzed. The singlepointing data were taken toward S 140-IRS 1 at RA = 22:19:18.21, Dec = 63:18:46.9
2

m96bu47199708210025 from http://www.cadc-ccda.hia-iha.nrc-cnrc.gc.ca/en/jcmt/
GILDAS
is
a
radio-astronomy
software
developed
by
IRAM.
http://www.iram.fr/IRAMFR/GILDAS/
3

See
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(J2000) and toward a position in the IF at RA = 22:19:11.53, Dec = 63:17:46.9 (J2000).
For this analysis, we used only the observations of CO J = 9 Ñ 8 (1036.9 GHz),
together with the isotopologues, 13 CO J = 10 Ñ 9 (1101.35 GHz), C18 O J = 9 Ñ 8
(987.56 GHz), toward IRS 1 and IF (obsids: 1342195050, 1342196426, 1342219209,
1342195049, 1342201741). In addition, we used the cuts of CO 9Ñ8 and 13 CO J =
10 Ñ 9 (obsids:1342201741, 1342201806). The observed line parameters in units of
antenna temperatures were corrected in units of main beam temperatures using the main
beam efficiency of 0.74 (987.56 GHz, 1036.9 GHz, 1101.35 GHz) (Roelfsema et al.
2012), while the beam size at these frequencies is „ 212 .

2.3

Observational results

2.3.1 Dust continuum observations
For this analysis we selected our 452 ˆ452 maps in a number of continuum wavelengths
with no obvious line emission or with line emission that was easily masked. The particular wavelengths chosen were centered on the wavelengths for which convolution kernels
have been developed by Aniano et al. (2011), which enabled us to convolve all maps to a
common resolution. These wavelength PACS/Spec data are 73, 75, 84, 94, 110, 125, 136,
145, 150, 168, and 187 µm. We extracted 3 % bandwidth continuum fluxes centered on
each of these wavelengths while masking out obvious line emission. For comparison with
other wavelength data, as well as for comparison with modeling results, we sampled all
these images again to a 12 spatial grid (Figure 2.1). For the final comparison the model
images were convolved to a telescope PSF, and typically a 92 square pixel was used to
simulate the PACS/Spec observations.
Figure 2.1 shows the image at 73µm. The 37 µm (SOFIA) emission is overlaid using
black contours showing the positions of IRS 1, 2, and 3. As shown in the image, the
emission from IRS 1 dominates at this wavelength.

2.3.2 The spatial and velocity distribution of CO emission
Figure 2.2 shows the maps of the peak intensities as observed in their original angular
resolution at their peak velocities of CO 1–0, CO 2–1, 13 CO 1–0, and C18 O 1–0. The
lines of the main isotope show two clearly disjointed peaks, one at the densest cluster
between the YSOs IRS 1 and IRS 3, and one marking the external interface of the cloud
illuminated by HD211880. Because 13 CO and C18 O trace the column density structure,
the interface peak is shifted into the cloud for these lines, merging with the peak around
the embedded cluster.
Finally, while CO 1–0 and CO 2–1 peak toward IRS 1–3 (∆RA: 10.702 , ∆Dec: -4.02 ),
the 13 CO 1–0 and C18 O 1–0 peak closer to IRS 2 (∆RA: -11.202 , ∆Dec: 18.302 ). C18 O
1–0 shows a second peak southeast of IRS 1. This reflects a column density effect that is
also revealed later in the column density map (see Figure 2.11).
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Figure 2.1: PACS/Spec continuum image at 73 µm: 5ˆ5 spatial array of 92 pixels resam-

pled to 12 grid with contours of 37 µm (SOFIA) emission overlaid showing the positions
of IRS 1, 2, and 3.
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et al. (1989) & SMM 1 from Maud & Hoare (2013). The center is at RA “ 22:19:18.30,
Dec “ 63:18:54.2 (J2000).
Figure 2.2: Spatial distribution of CO 1–0, CO 2–1,

13

Figure 2.3 shows channel maps of CO 1–0 to illustrate the velocity structure. We
find a clear velocity offset between the gas around the cluster and the interface and a
much narrower velocity distribution of the interface gas. Figures 2.4–2.5 show the line
profiles of CO and isotopologues as observed toward IRS 1 and IF. The peak velocity of
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Figure 2.3: Channel maps of CO 1–0 obtained with IRAM with the central velocities

given in km s´1 . The levels of contours are 45 K (darker) until 10 K (lighter) using steps
of 5 K.
the emission changes with position on the map. The IF peaks close to the velocity of the
source that is „ ´7.1 km s´1 , while IRS 1 peaks at „ ´3.6 km s´1 . The difference may
be caused by outflows driven by the infrared sources. For the above reasons we chose to
model the peak intensities of the lines in their peak velocities.

2.3.3 Line profiles
The line profiles as shown in Figures 2.4 and 2.5, are stronger toward IRS 1 and weaker
toward the IF (Table 2.1). At the individual positions, the lines from CO are broader than
the lines from the other isotopologues of CO (Figs. 2.4 and 2.6).
Table 2.1 presents the line parameters as measured toward the IRS 1 and IF positions,
applying a single-component Gaussian fit, including both HIFI (Figure 2.6) and IRAM
(Figs. 2.4 and 2.5) observations. The uncertainties quoted for the peak intensities correspond to the observational RMS, and the uncertainties for the FWHM and υLSR are from
the Gaussian fits to the peak position. The width of the lines varies throughout the cloud,
showing broader profiles toward the center of the map, where the three infrared sources
are located and narrow toward the ionization front (Figure 2.7). Since we are interested
in the quiescent gas and thus the narrow component of the lines, we used observed and
computed peak intensities in our calculations, because the narrow component dominates
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Figure 2.4: Line profiles of CO 1–0 (black line), CO 2–1 (gray line),

13

CO 1–0 (blue
line), and C O 1–0 (red line) toward IRS 1 as observed with IRAM (offset position: 02 ,
-4.02 ). Wings are visible at blueshifted velocities. The dashed vertical line represents the
velocity of the source (-7.1 km s´1 ).
18

Figure 2.5: Line profiles of CO 1–0 (black line), CO 2–1 (gray line), 13 CO 1–0 (blue line),

and C18 O 1–0 (red line) toward the IF as observed with IRAM (offset position: -42.72 ,
-68.02 ). The dashed vertical line represents the velocity of the source (-7.1 km s´1 ).
the total peak intensity of the lines (ě50%). With this method we limit the effects from
outflow activities on our calculations, but we cannot totally exclude them. The outflow
contamination of the line is stronger toward the central sources where the integrated contribution of the broad and narrow components is comparable and weaker in positions
away from the sources where the narrow component provides 70–85% of the total peak
intensity. We restricted the peak intensity analysis to a velocity window of the width of
the FWHM of the lines around the 13 CO 1–0 line. In this way we always model the same
quiescent component.
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CO 10–9 (blue line), and C18 O 9–8
(red line) toward IRS 1 as observed with HIFI (RA = 22:19:18.21, Dec = 63:18:46.9).
The dashed vertical line represents the velocity of the source (-7.1 km s´1 ).

Figure 2.6: Line profiles of CO 9–8 (black line),

13

Figure 2.7: Line width as observed throughout the cloud. The FWHMs were derived

from a 2nd moment map of the line emission. Broader profiles appear toward the center
(ą10 km s´1 ), where the three infrared sources are located, and narrower toward the
ionization front (ă5 km s´1 ). The FWHM that characterizes the gas that surrounds the
protostars varies between „5–10 km s´1 .

2.4

Physical conditions

2.4.1 RADEX fitting
Method
We used the non–LTE radiative transfer program RADEX (van der Tak et al. 2007a)
to compare the observed line intensity ratios with a grid of models for deriving kinetic
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Table 2.1: Line parameters of CO and isotopologues toward the IRS 1 and IF positions –

IRAM & HIFI data.

IF (-452 ,-602 )

IRS 1
Molecule Transition Rest frequency Eup
(MHz)
(K)
CO
CO
CO
13 CO
13 CO
C18 O
C18 O

1–0
2–1
9–8
1–0
10–9
1–0
9–8

υLSR
(km s´1 )

FWHM
(km s´1 )

Tmb
(K)

υLSR
(km s´1 )

FWHM
(km s´1 )

Tmb
(K)

115271.20
5.53 ´5.07 ˘ 0.08 10.82 ˘ 0.20 31.91 ˘ 0.55 ´7.32 ˘ 0.19 2.66 ˘ 0.07 5.80 ˘ 0.08
230538.00 16.60 ´5.0 ˘ 0.1 11.40 ˘ 0.22 31.69 ˘ 0.65 ´7.77 ˘ 0.01 3.20 ˘ 0.02 7.62 ˘ 0.06
1036912.39 248.88 ´6.60 ˘ 0.02 8.32 ˘ 0.07 27.62 ˘ 0.37 ´7.80˘0.07 2.50˘0.20 1.20˘0.20
110201.35
5.29 ´6.87 ˘ 0.03 4.09 ˘ 0.08 16.52 ˘ 0.34 ´8.12 ˘ 0.37 1.34 ˘ 0.70 0.84 ˘ 0.26
1101349.60 290.79 ´6.98 ˘ 0.03 3.80 ˘ 0.07 8.56 ˘ 0.03
...
...
ă3 RMS
...
...
ă3 RMS
109782.17
5.27 ´5.71 ˘ 0.14 2.37 ˘ 0.39 2.88 ˘ 0.37
987560.20 237.02 ´6.94 ˘ 0.06 3.26 ˘ 0.04 1.31 ˘ 0.06
...
...
ă3 RMS

temperatures, gas densities, and column densities. As model input we used the molecular
data from the LAMDA database (Schöier et al. 2005) and CO collisional rate coefficients
from Yang et al. (2010). RADEX predicts line intensities of a molecule for a given set
of parameters: kinetic temperature, column density, H2 density, background temperature,
and line width.

Figure 2.8: Line ratios of CO 1–0/CO 2–1 as a function of kinetic temperature and H2

density for column density NCO = 1018 cm´2 .
In the density range relevant to S 140, the CO 1–0/2–1 ratio is a good tracer for
kinetic temperatures. This is demonstrated in Figure 2.8, which shows the CO 1–0/2–1
line ratios for a CO column density of 1018 cm´2 . For typical gas temperatures, we see
that these ratios are insensitive to H2 density for values ą 104.5 cm´3 , well above the
critical density of both transitions. At this point we should also point out that at low
kinetic temperatures, this ratio is also not a good indicator of kinetic temperature at the
accuracy needed to distinguish between 30 K and 60 K. In this temperature range of
CO 1–0/2–1 „ 1.0 ˘ 0.1, one would have to know the main beam temperature reliably
to within 10 % to trust the solution to the kinetic temperature to within ˘ 15 K. Given
the uncertainties in antenna and receiver calibrations, beam sizes, sidelobes, etc., this
level of accuracy is difficult to achieve. One main source of uncertainty is the coupling
efficiency of the beam to the source structure. For sources larger than the main beam,
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the 30 m errorbeams (and sidelobes) contribute to the coupling. At 230 GHz, the main
beam efficiency of the 30 m is high, 60 %, and the three 30 m error beams contribute
26% to the total power received by the beam pattern. In addition, assuming a reasonable
source size of about 11 , only the main beam and first error beam contribute. Because the
first error beam contains only 4% of the total beam power, the correction factor for the
antenna temperatures, Fe f f /Be f f decreases only a little, from 92/59=1.56 to 92/63=1.46.
However, it is not the purpose of our paper to deconvolve the channel maps for the error
beams or to provide a full accounting of the error budget contributing to Tmb .
Assumptions
For the CO 1–0, CO 2–1, 13 CO, and C18 O peak intensities („ 3ˆ RMS), we performed
a χ2 minimization to fit the gas kinetic temperatures and column densities assuming
that all lines arise from the same gas. For more accurate modeling, the CO 2–1 map
was convolved to a lower angular resolution in order to be consistent with the other
lines („212 ). The χ2 function was computed as the quadratic sum of the differences between the observed and the synthetic line intensities for a range of kinetic temperatures
(10 KăTkin ă200 K) and column densities (1013 cm´2 ăNCO ă1019 cm´2 ), which are values that are consistent with the expected ones for such a region (e.g., van der Tak et al.
2000; Spaans & van Dishoeck 1997; Poelman & Spaans 2006; Hüttemeister et al. 1993).
An additional free parameter in RADEX is the temperature of the background radiation field that may pump the line transitions. We adopted the value of 2.73 K for all our
calculations since the cosmic background radiation (CMB) peaks at 1.871 mm, and it is
the prominent component at millimeter wavelengths. We used a fixed line width value
of 3.5 km s´1 that approximates the value that we have measured throughout the cloud
for the narrow component. Finally, to compute the intensities of the isotopic lines, we
assume fixed isotopic ratios of 12CO{13CO “ 60 and C 16 O{C 18 O “ 560 (Wannier 1980;
Wilson & Rood 1994).
Gas density
Previous studies have shown that the S 140 region contains gas with nH2 „ 105 cm´3 .
Poelman & Spaans (2006) report clumpiness in the region and give a value of nH2 „ 104
cm´3 for the interclump medium and „4ˆ105 for the clump gas.
Figure 2.8 shows that it is impossible to derive the gas density from the low-J lines
of CO (2–1, 1–0) for densities of nH2 „ 105 cm´3 or above. A reliable determination of
the gas density was thus only possible for those parts of the map where the HIFI cuts
provided additional high-J line data. Here, we performed a three-parameter RADEX
analysis, fitting the CO 1–0, CO 2–1, CO 9–8, 13 CO 1–0, 13 CO 10–9 and C18 O 1–0 lines
convolved to the same resolution (212 ), to determine the nH2 . The result is shown in
Fig 2.9. This fit proves that, at least along the cuts, we find gas densities everywhere,
well above nH2 = 105 cm´3 , where the CO 1-0/CO 2-1 line ratio can be directly used as a
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Figure 2.9: Profiles of gas temperatures (bottom), column densities (middle), and nH2

densities (top) along the HIFI cut, as resulting from the 3–free parameter fitting process
to the 30 m and HIFI data. The resulting nH2 densities are always ą 105 cm´3 throughout
the HIFI cut.
temperature measure. In this way we can be sure to avoid the regimes where the ratio is
sensitive to the H2 density.
To assess the reliability of the results, we performed two separate RADEX fits along
the cuts where the 9–8 and 10–9 transitions of CO and the isotopologues were observed
by HIFI. In the first fitting approach, we fixed nH2 to 105 cm´3 and fit only the low–J
CO lines observed by IRAM and all the lines (Fig. 2.10). The second fit uses all the
lines and treats the gas density as a free parameter in the range between 7ˆ103 cm´3
and 7ˆ105 cm´3 as in Fig. 2.9. The best fit of the latter occurred for nH2 ą 105 cm´3 .
Adding the higher–J lines drives the fit to systematically higher kinetic temperatures by
about „5–15 K (Figure 2.10). The opacities of the lines are found to be in the following
ranges: CO 1–0: 16–45, CO 2–1: 52–154, CO 9–8: 3.6–65, 13 CO 1–0: 0.3–0.8, 13 CO 10–
9: 0.017–0.38, and C18 O 1–0: 0.025–0.09. As an attempt to test how much the optically
thin 13 CO 10–9 line influences the solution, we reran our calculations, applying a double
weight for this line. The resulting kinetic temperatures changed by „`2
´1 K, that is, inside
the range of the reported errors.
We ran the same kind of analysis toward the two positions with most lines observed4
(see Table 2.1). Toward IRS 1, the full analysis provides a gas kinetic temperature
`1
19
´2
of „ 60`6
´2 K and a column density of „ 3´2 ˆ10 cm , while the same procedure
4

For the low-J CO data we extracted the points from the IRAM maps closest to HIFI pointing observations with no more than 32 offset.
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Figure 2.10: Temperatures of dust (red line) and gas along the HIFI cut. The gas temper-

ature as derived fitting low–J lines (IRAM data, blue line) is systematically lower than
the derived gas temperature fitting both low and high–J lines (IRAM & HIFI data, black
line). Tgas (from both low and high–J lines) is systematically higher than Tdust , at least
along this cut. The errors vary between „5–15 % throughout the cut with the higher
accuracy close to the central position.

using only the IRAM data results in a kinetic temperature of „ 49`9
´3 K and a column
`2
19
´2
density of „ 1.3´2.2 ˆ10 cm . Toward the IF position, the full dataset indicates a
`2.5
18
´2
kinetic temperature of „ 40`5
´2 K and column density of „ 1.0´1.5 ˆ10 cm , while
the IRAM data only result in a kinetic temperature of „ 35`9
´8 K and column density of
`3.6
17
´2
„ 4.4´2.5 ˆ10 cm . The gas temperatures obtained when using only the low-J lines
from IRAM underestimate Tgas , providing a lower limit of gas temperatures (Yıldız et al.
2013). The major and minor axes of the resulting χ2 contours were used as the error bars
of the two parameters.
For a more accurate determination of the H2 density, tracers such as CS 2–1/3–2 and
HCO` 1–0/3–2, are more reliable (van der Tak et al. 2007a), but were not observed. Snell
et al. (1984) derived a density of 5ˆ105 cm´3 toward IRS 1–3 using four CS transitions
that agree with the value we derived. In addition Goldsmith & Langer (1999) performed
a LTE population diagram analysis toward IRS 1 using the same CS dataset and derived
a kinetic temperature between 30 K–50 K, which is lower than our value probably due to
the effect of their larger beam size.
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Figure 2.11: Kinetic temperature (left) and column density (right) maps of S 140 (all

lines ą 3 RMS). They are both higher toward the embedded infrared sources and lower
throughout the rest of the cloud. The kinetic temperature rises again toward IF, but remains below the value toward the center.
Kinetic temperature & column density distribution
The resulting maps of kinetic temperatures and CO column densities are shown in Figure 2.11. We find a kinetic temperature of „ 55 K toward the center and „ 45 K
toward the ionization front, while the rest of the cloud is characterized by lower temperatures (25–40 K) (Figure 2.11). The column density toward the center was found to
be the highest, with a value of „ 6.5ˆ1018 cm´2 , while toward the IF was found to be
„ 1.1ˆ1018 cm´2 . The lowest column density that was determined throughout the cloud
is „ 1.4ˆ1016 cm´2 . The gas temperature map obviously reflects the different heating
contributions by the embedded cluster of the three high–mass YSOs (IRS 1 to 3) in the
center and from the external B0V star HD211880 toward the IF.

2.4.2 Dust analysis
Prior to any radiative transfer modeling of the dust in this region (Sect.5), we here estimate the rough temperatures and optical depths relevant to the dust distribution. For this
we used the PACS/Spec continuum data from 73 – 187 µm, which covers the peak of
the SED over the entire region mapped with PACS well (Figure 2.12). To analyze our
dust continuum observations, we used two subsets of the PACS and SOFIA images. To
compute a luminosity map, we used the 11 – 187 µm images all as reconvolved to the
187 µm resolution (132 ). At each 12 pixel of the computed image we integrated the flux
density from 11.1 – 187 µm and included a linear extrapolation to zero flux level beyond
187 µm, which typically results in only a few percentage points added to the total. We
believe the absolute uncertainties in this map are approximately 15% based on the absolute calibration uncertainties of all the input data. The relative uncertainties are probably
much less, ˘ 5%, since there is very little luminosity shortward of 10 µm and longward
of 200 µm.
We computed color–temperature and optical-depth values at each spatial point on the
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Figure 2.12: Left column: PACS/Spec continuum images (5ˆ5 spatial array of 92 pixels

regridded to a 12 grid) with contours of 37 µm (SOFIA) emission overlaid showing the
positions of IRS 1, 2, and 3. Right column: top – total luminosity image with contours
of fitted dust temperature at 70, 65, 60, ...K; center – luminosity image with contours of
fitted dust optical depth at levels of 0.1, 0.15, 0.2, and 0.25; bottom – 450 µm SCUBA
image with the same fitted dust optical depth contours overlaid.
12 grid by fitting a blackbody function modified by a λ ´1 dust emissivity variation. The
peak dust optical depths at the shortest wavelength are likely to be several ˆ0.1, but still
less than unity, so we did not include any effects from optical thickness in these estimates.
A comparison of the luminosity, color temperature, and optical depth maps and several
images is shown in Figure 2.12. These images show a number of important qualitative
properties of the dust emission. First, there is a clear and relatively smooth change in
source morphology from that at 73 µm, which is similar to the 10–37 µm images, to the
morphology at 187 µm, which is beginning to show many of the features of the SCUBA
450 µm map. Second, the dust optical depth we derived from the Herschel data is very
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similar to the 450 µm emission map. Finally, the luminosity image shows clearly that
IRS 1 is the main luminosity source in the region, followed in importance by IRS 2 and
then IRS 3. There is no obvious luminosity peak within the area of strongest 450 µm
emission, so this is probably a peak in the column densities of dust and gas.
One uncertainty of the dust temperature may stem from the assumed spectral properties of the dust grains, in particular the assumed spectral index β. Recent observations
of dust in the diffuse ISM with the Planck mission indicate a mean dust temperature of
„20 K and dust emissivity index of „1.6 (Jones 2014). This is clearly higher than the
value of β“1 assumed here, which is more appropriate for dense clouds (Ossenkopf &
Henning 1994a). Since our region is denser than the majority of those observed with
Planck, we can consider the value of β“1.6 as an extreme upper limit for our case. When
we fit a blackbody function modified by a λ ´1.6 to derive the dust temperatures, we obtain temperatures that are lower by 5–20 K than the values from the adopted λ ´1 . We
conclude that in our analysis we derive an upper limit of dust temperatures.

2.4.3 Comparison of dust and gas temperatures.
For a direct comparison with the gas kinetic temperature map, the dust temperature map
was convolved to the same angular resolution („212 ). The comparison between gas and
dust temperatures from the low–J line analysis (Figs. 2.10 & 2.13), shows a very similar spatial structure around the infrared sources. The higher–J lines from HIFI, though,
reveal that the low–J analysis underestimates the gas temperatures (see Sect. 2.4.1).
Assuming that this trend applies to the entire region and not only along the cuts (Figure 2.10), we conclude that the gas temperature is higher than the dust in the entire
region.
The temperature difference of „5–15 K revealed from the complete analysis lies outside the uncertainty range of the 2–7 K and indicates a more efficient gas heating even at
densities ě 104.5 cm´3 where the two components are relatively well coupled.
To illustrate the expected overall temperature dependence, we show in Figure 2.14
the outcome of a simplified PDR model for S 140 computed with the KOSMA-τ PDR
code (Röllig et al. 2006a, 2013). It shows the temperature profile for a spherical PDR
clump with a mass of 100 Md , mimicking a plane–parallel PDR, and a surface density of
105 cm´3 illuminated by an UV radiation field of 100 Draine fields (Draine 1978). For
reference, the figure shows the visual extinction AV as a function of the depth into the
cloud. The model shows that through almost all of the whole cloud, the gas temperature
is higher than the dust temperature by about 15 K for AV “ 0.1 but by only 2 K deep in
the cloud. The small kink in the gas temperature around AV “ 1 stems from H2 formation
heating on PAHs and the temperature structure of the PAHs. Overall, the model confirms
that for a homogeneous medium, we expect the same temperatures for gas and dust within
our observational measurement errors for visual extinctions into the cloud of more than
about 0.5, i.e. for depths of one arcsecond and more at the distance of S 140. The
extended hot gas therefore cannot be explained by a homogeneous extinction of the UV
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Figure 2.13: Gas kinetic temperature map toward the IRAM field (low–J analysis) with

overplotted contours of dust temperatures (left) & zoomed in PACS field (right). The
levels of contours are 55 K (inner) until 35 K (outer) using steps of 5 K. The color
bar indicates the values of kinetic temperature. The 2 temperatures from this analysis
seem to agree well, but the gas kinetic temperatures are underestimated for „7–12 K
(Figure 2.10).

radiation but requires some clumpy structure, allowing for deeper UV penetration.

Figure 2.14: Dust and gas temperatures in a spherical PDR clump with a surface density

of 105 cm´3 illuminated by an UV radiation field of 102 Draine fields. Gas temperatures
generally exceed the dust temperatures (see Röllig et al. 2013, for a more general discussion). The green dash–dotted line shows the visual extinction AV as a function of the
depth into the cloud.
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Effect of density gradients

Assuming uniformly distributed densities and temperatures for each spatial position was
a good approach for the extended gas and dust in S 140, but detailed modeling is required
for the more complicated dust and gas structures that are expected to be close to the
infrared sources. The radiation we receive is a result of various processes, including
the interaction with the surrounding dust. For a more precise physical approach, the
radiative transfer calculations should include the original radiation, characteristics of the
dust grains and the dust density distribution. Density gradients have been revealed for
S 140 in previous studies that include Harvey et al. (1978), Gürtler et al. (1991), van
der Tak et al. (2000), and Maud & Hoare (2013). We first performed an advanced dust
modeling taking dust density gradients into account. Then we applied the best–fit derived
dust mode to predict the CO intensities using an advanced radiative transfer code (i.e.,
RATRAN; Hogerheijde & van der Tak 2000), as an attempt to test the accuracy of our
dust model comparing with the gas observations and predictions.

2.5.1 Dust modeling: An approach
It is clear from all the infrared and sub–mm images of the S 140 cluster that there are
several luminosity sources in the central amute and that the dust distribution is unlikely
to be spherically symmetric. This implies that any simple model of the dust heating
will be limited in its applicability. We have, however, identified some goals to address
with simple radiative transfer models. First, since all the observational data suggest that
IRS 1 is the dominant luminosity source, we believe that we can determine some rough
properties of the dust distribution close to it by ignoring the heating from IRS 2 and 3
and any of the other much lower luminosity objects that are part of the embedded stellar
cluster around IRS 1. To this end, we concentrate on two observables for the model
comparison for IRS 1: (1) the SED of IRS 1, and (2) the spatial flux distribution from
the center to the south of IRS 1 where there are no strong obvious nearby heating sources
seen in the infrared that are likely to contribute significantly to the dust heating. A second
goal is to try to understand whether the peaks in the 450 µm image can be due to some
unusual dust distribution to the west and southwest of IRS 1 with no additional internal
heat source or if some internal heating is required to explain them. For example, the
recent observations and modeling by Maud & Hoare (2013) suggest an internal source
within the strongest 450 µm peak to the southwest of IRS 1, i.e. SMM 1 (∆RA: -14.222 ,
∆Dec: -7.902 , relative to IRS 1).
The approach we took to addressing these goals involved several steps that we discuss
in detail in the following sections. First, we tried to find what properties of models were
required to provide a fit to the observed SED from the central pixel centered on IRS 1
and to the source profile of IRS 1 to the south, assuming a single, spherically symmetric
dust distribution. This model was then used as a starting point for subsequent stages. The
second step was to create a model made from hemispheres of two different spherically
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symmetric dust distributions. Though this model is simplified, it seems likely that far
from the boundary region, such a combination can give insight into the degree to which
such a dust distribution might reproduce the observed source structure to the west and
southwest of IRS 1 by assuming a higher column density in this region than to the south
and east of IRS 1. For this comparison we used the source profile extending southwest
along a line from IRS 1 to and beyond the position of SMM 1, as given by Maud &
Hoare (2013). As an alternative to the two-hemisphere model, we also attempted to
fit the profiles along this line with two separate sources by using the superposition of
two spherically symmetric models with different central source luminosities and very
different dust distributions separated on the sky by „ 162 to attempt to reproduce the
observed 1-D flux profile between IRS 1 and the position of SMM 1 southwest of it.
In testing these last two model variations, the two-hemisphere construction and the
two-source construction, it became clear that the best results would probably result from
a combination of both features. Such a model would also be most realistic in light of
the much higher dust column density to the west and southwest as indicated both by the
SCUBA maps and our Herschel maps, together with the presence of the compact submm/mm source found by Maud & Hoare (2013). After constructing a few such models,
we realized that with so many free parameters, it would be difficult to find the range
of well-fitting parameters without testing the fits over a large, multi-dimensional grid.
This process represented the final stage of modeling for IRS 1, and we now describe the
process and results. Figure 2.15 shows a schematic diagram of the model for IRS 1 and
the sub-mm peak to the southwest.

Figure 2.15: Schematic diagram in the place of the sky of the model for IRS 1 and the

sub-mm peak (∆RA: -14.222 , ∆Dec: -7.902 ) to the southwest. The distance between the
2 positions is „ 0.06 pc.
For all the models we used the DUSTY code (Ivezic et al. 1997) and converted the dimensionless output values to those appropriate for the assumed distance of S 140, 746 pc
(Hirota et al. 2008) and the assumed luminosity (discussed below) for comparison with

2.5. Effect of density gradients

51

the observations. We tried models with two different dust compositions: the first was a
mixture of 90% DL silicates (Draine & Lee 1984) and 10% amorphous carbon, both of
whose optical constants are distributed with DUSTY. The second was OH5 (Ossenkopf
& Henning 1994a) dust, for which a number of authors (e.g., van der Tak et al. 1999)
have suggested that they may be more appropriate in dense star-forming regions where
significant grain growth may have taken place. We found similar quality fits with comparable dust density distributions for both grain compositions. The 1 µm optical depths
were, however, about twice as high with the DL/carbon dust than with the OH5 grain
properties owing to the overall difference in the slope of the dust optical depth between
1 and 100 µm. The output of the “observed” profile of each model at each wavelength
was first interpolated onto a 3050ˆ850 grid with spacing equivalent to 0.052 . We then
convolved this image with the appropriate observing beam to compare with the observed
images (not those convolved to the 187 µm resolution). Finally, we “observed” this image with a 92 square beam that we moved across the image in 12 steps to compare with
the observed images whose fluxes we also added into such a moving 92 square beam. For
the shorter wavelength images, we also applied the same 92 square pixel flux summation
for comparison between the models and observations.

2.5.2 Model grid
The model that we used is described by nine parameters, four for the eastern half of IRS 1,
four for the western half, and one, luminosity, for SMM 1. Table 2.2 lists these nine
parameters, as well as the range of values tested in a grid, thereby allowing all possible
combinations of these values (150 000 models). A preliminary run of „ 800 000 models
showed that the results were quite insensitive to the value of parameter 4, the radius
where the slope of the density gradient changed in the high-column hemisphere, so it
was fixed at a value of 300 ˆ the inner radius. Similarly, the value of the density gradient
in this inner region affected the final results only slightly, so this was fixed at a value 0.4
(ρ9r´0.4 ). Therefore, for the final results there are seven free parameters.
To select the most likely models and to estimate the range of values that produces a
reasonable fit, we characterized the model fits by the χ2 that we computed as follows.
We parameterized the observations and accompanying model fits into 30 values of the
SED and the source profile at various wavelengths. Since the signal-to-noise ratio of almost all the observations is quite high, the systematic uncertainties of the observations
(e.g., pointing) dominate the true uncertainties. We, therefore, assigned somewhat arbitrary values to the assumed errors for these 30 values to drive the fitting to something
“reasonably” close to the observations.
Table 2.3 lists these properties of the observed data and uncertainties.
As shown in the table, the parameters used to calculate the χ2 of the fit included the
SED between 37 and 450 µm, the flux at the position of SMM 1, the relative flux at
37–450 µm at offsets of 92 and 182 to either side of the position of IRS 1 (i.e., one pixel
and two pixels), and finally, the observed luminosity at those four offset positions (not
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Table 2.2: Model parameters and range for grid fitting with OH5 dust.
Parameter

Value or range

Hot source (IRS1) 1.0ˆ104 Ld
Density gradient, r´p
Grain size distribution slope
Grain size min/max ( µm)
Dust temp at inner radius
Router /Rinner
Av

0.0 – 0.9a
3.5
0.1/1.0
1400K at 2.0ˆ1014 cm
750 – 3000a
20 – 90 maga

Cold source (SMM1)
0 – 300Ld a
2500 K
1200K
1.0
3000
3.5
0.1/1.0
1000 mag

Luminosity
Photosphere temperature
Dust temp at inner radius
Density gradient, r´p
Router /Rinner
Grain size distribution slope
Grain size min/max ( µm)
Av
Southwestern profile
Inner density gradient, r´p
Outer density gradient, r´p
Router /Rinner
Grain size distribution slope
Grain size min/max ( µm)
Dust temp at inner radius
Av
a

0.4 From Rin to 300 Rin
1.5 – -2.0 From 300Rin to Rout a
750 – 3000a
3.5
0.1/1.0
1400K
15 – 70 maga

Free parameter during modeling.

Table 2.3: Parameters and assigned relative uncertainties used to compute χ2 of fit to

IRS 1.
Parameter(s)

Relative uncertainty

Peak Fν at 37, 450 µm
Peak Fν at 73, 125, 187 µm
SMM 1 Fν at 450 µm
Relative Fν at 37, 73, 125, 187, 450 µm a
Relative luminosity a
a

0.1
0.05
0.1
0.1
0.1

The offsets were at -182 , -92 , 92 , and 182 as appear along the
dashed line in Fig 2.15.
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relative to the central pixel). We intentionally did not include the portion of the SED
shortward of 37 µm, since the dust close to the central source of IRS 1 is likely to be
distributed in a disk-like configuration, which would lead to more flux escaping at shorter
wavelengths than is consistent with the assumption of spherical symmetry. Likewise, we
did not attempt to fit the total observed luminosity at the central pixel since much of the
luminosity is emitted shortward of 37 µm. To estimate the range of model parameters
that provided a “good” fit to the data, we assigned probabilities to each model equal to
expp´χ2 {2q.
The best-defined parameter values from the probability plots are the mild density gradient away from IRS 1 of ρ9r´0.4 and the outer radius of 1500 times the inner radius.
The optical depth is relatively well defined by Av „ 40, though there is a better-defined
joint probability that includes the optical depth and density gradient. The peak probability for the luminosity of SMM 1 is 100Ld , but there is a wide range of values with
reasonable probability from „ 50Ld to 300Ld . The parameters of the dense material to
the southwest of IRS 1 are not well defined for the most part. Interestingly, the gradient
of the material in the outer area (300 – 1500 ˆ the inner radius) seems to have a very
probable range similar to the range found for the rest of the cloud around IRS 1; i.e., r´p
with p „ 0 – 0.5. There is a significant joint probability distribution between the outer
gradient to the southwest and the luminosity of SMM 1. This is to be expected, since the
effects of a steeper gradient can be largely compensated for by increasing the luminosity
of SMM 1. Although the most probable models have Av = 40, the probability distribution
suggests that the most probable range is 40 – 60, i.e., somewhat higher than the gradient
to the south.
Examples of the model-fit profiles from one of the two lowest χ2 (2.7) fits, as well
as the SED, are shown in Figures 2.16–2.18. The model profiles shown in Figure 2.16
display a less than perfect fit at the longest wavelengths in our PACS observations, 140
– 190 µm. This effect has been driven by two parts of the fitting process: that we did
not include the relative flux at the central (IRS 1) position in the χ2 , and that it proved
quite difficult to find any models that dropped as slowly as the observations at the ends of
the profiles 182 away from the center. The properties of the models that do the best job
fitting the profiles 182 away from IRS 1 also drive the relative 187 µm profile to be too
high at IRS 1 compared to its value at SMM 1. In some simple tests, we have found that
if we added an artificial floor to the model fluxes beyond 125 µm, we could fit the longer
wavelength profiles significantly better.

2.5.3 IRS 2 and 3
The most important factor affecting our attempts to model IRS 2 and 3 is that the flux
from our well-fitting models for IRS 1 is a significant fraction of the total flux at the
positions of IRS 2 and 3. This means that any models we make for IRS 2 and 3 will have
an additional large uncertainty due to the uncertainty in the true contribution from IRS 1.
For example, the model flux from IRS 1 at the position of IRS 3 is more than 50% of the
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Figure 2.16: Observed and model profiles at four PACS/Spec wavelengths normalized to

the peak along a line from the south into the center of IRS 1 and then out along a line to
the southwest extending to the SMM 1 source.
total at wavelengths beyond 120 µm. We have therefore computed models for roughly
a dozen possible configurations for each source to develop some feeling for the range of
likely parameters, but the uncertainties in our estimates are quite large.
For IRS 3 we used a profile that begins on the east side of the source and, after
passing through the center, goes straight to the south in order to minimize the confusion
from IRS 1. An additional complication is that IRS 2 is clearly elongated in the eastwest direction in the mid-IR, and there is a clear position shift in the same direction
between the mid-IR and our PACS data. This suggests that there are at least two relatively
luminous objects heating the dust at the position of IRS 2 with different dust optical
depths, higher to the east and lower to the west. The position shift between 12 and 73
µm is only a few arcsec, which is a fraction of our PACS native pixel size. Therefore,
for IRS 2 we used a source profile from east to west and a model like the one in the
“two-hemisphere” modeling for IRS 1, with a hot, lower-optical-depth dust distribution
on the western side and a cold, higher-optical-depth distribution offset 42 to the east.
Such a model will not accurately reproduce the source elongation, but should roughly fit
the overall SED and some part of the profiles. Figures 2.19–2.22 show the model SED
and profile fits for some representative models that illustrate both the features that can be
fit reasonably well as for those that are difficult to fit.
For both of these sources, we did attempt to fit the mid-infrared fluxes in the SED,
unlike for IRS 1. The very extended tail of emission on the west side of IRS 2 at 125
and 187 µm coincides well with the increase in optical depth seen in our data and the
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Figure 2.17: SED for a typical model fit with low χ2 . The solid line shows the total flux

coming from the warm hemisphere, and the dotted line shows the SED for the fraction of
the flux coming from the cold hemisphere. The plotted symbols show the observed and
model fluxes for the fraction within the central 92 PACS pixel.
SCUBA maps in that area. We have not tried to fit this with these simple models. The
bump seen on the eastern side of the long wavelength profiles for IRS 3 is coincident with
the outermost pixel of our mapping, so we did not try to fit it.
The most well-defined results seem to be that 1) the dust distribution around both
sources is likely to be quite flat, and 2) the luminosities of the sources are likely in the
range of 1000 – 2000Ld , as shown in Table 2.4. The first could be consistent with
very little dust around them that is associated with them, but mostly with the extended
distribution around IRS 1.

2.5.4 Gas modeling
To test our best-fit DUSTY model, we ran the Monte Carlo radiative transfer code RATRAN, which treats the physical structure of the sources, including temperature and density gradients. RATRAN estimates the local radiation field at all line frequencies taking
the radiation field from every other position in the cloud into account. We ran RATRAN
(Hogerheijde & van der Tak 2000) applying the best-fit DUSTY model and assuming the
same temperature for dust and gas toward IRS 1 in order to model the CO 1–0, CO 2–1,
CO 9–8, and isotopologue lines and to compare them to the outflow–subtracted component from the observations (Figure 2.23). The outflow emission was subtracted since the
DUSTY models focus on the bulk of the quiescent dense gas where the outflow cavities
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Figure 2.18: Profiles along the same line as used in Fig. 15 for the 450 µm flux (top panel)

and the total luminosity (bottom panel). We note the significant mismatch in the central
region, which is due to not trying to fit the 5-30 µm luminosity, since some of it likely
arises from an axisymmetric disk rather than the spherical model used here.
are negligible. For the outflow subtraction, we applied a two-component Gaussian fit to
the observed lines toward IRS 1 followed by subtraction of the broad component.
For our calculations we defined a grid of 18 spherical shells for the eastern (lower
density) hemisphere (constant ρ9r´0.4 ) and 22 for the western (high density) hemisphere by applying the density gradients as obtained from the DUSTY model. The inner
and outer radii were taken from the DUSTY model and were set to 2.08ˆ1014 cm and
3.12ˆ1017 cm, respectively, while the inner H2 density was set to 9ˆ105 cm´3 . This
value was derived from the best-fit dust model assuming that the gas is entirely molecular and using a mean gas mass per hydrogen of 1.4 amu and a gas-to-dust ratio of 100.
Dust continuum radiation is considered using the same OH5 opacities as in the DUSTY
model. We assume a static envelope without infall or expansion, a fixed CO abundance
of 10´4 , and a turbulent line width of 3.5 km s´1 .
Figure 2.23 shows the lines of CO 1–0, CO 2–1, and CO 9–8 and isotopologues as
observed toward IRS 1 overplotted with the convolved („212 ) synthetic emission as calculated with RATRAN. We show the resulting line profiles for both the low-density east
hemisphere and the high-density west hemisphere from the DUSTY models. With the
exception of the low–J transitions of the isotopologues, we observe no significant differences between the two cases. The fit between observed and modeled lines shows that
the low–J lines are reproduced but the higher-J lines are significantly underestimated,
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Figure 2.19: Model and observed SED’s for IRS 2. The solid line shows the model fluxes

for the hotter source to the west in the model, while the dashed line shows the fluxes for
the colder source to the east. The symbols show the model and observed fluxes in the
central 92 pixel as in Fig. 16.
Table 2.4: Model parameters for symmetric fit with OH5 dust to IRS 3 and “two-

hemisphere” fit to IRS 2.
Parameter
Single gradient
Source luminosity
Dust temp at inner radius
Density gradient, r´p
Grain size distribution slope
Grain size M=min/max ( µm)
Router /Rinner
Av
Double gradient
Inner density gradient, r´p
Outer density gradient, r´p
Router /Rinner
Av

IRS 2

IRS 3

Eastern side

Symmetric

2000 Ld
1400K
0.0
3.5
0.1/1.0
3000
30 mag

1300 Ld
1400K
0.0
3.5
0.1/1.0
1500
20 mag

Western side
0.3 From Rin to 300 Rin
0.3 From 300Rin to Rout
1500
110 mag
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Figure 2.20: Model and observed profiles for IRS 2 as in Fig. 15, but along a straight

east–west line.

Figure 2.21: Model and observed SED’s for IRS 3.

especially for the isotopologues. The model cannot reproduce the highly excited lines
tracing high column densities of warm and very dense gas. An adapted kinematic structure and/or clumpiness can potentially remove the modeled self-absorption dip of the
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Figure 2.22: Model and observed profiles for IRS 3 along a line extending into the source

center from the east and then outward to the south.
optically thick 12 CO lines, but treating these effects is beyond the scope of this work.
Models with Tgas ą Tdust , as inferred from the simple analysis in Sect. 2.4.3, would probably be able to reproduce the high-J lines without significantly affecting the low-J lines.
Local density enhancements can be an alternative solution, if the total mass of the cloud
is conserved, such as in a clumpy or disk/outflow geometry.

2.6

Discussion and conclusions

Based on PACS, HIFI, and IRAM data, we find a wide range of dust and gas temperatures
in the S 140 region. The warmest gas („ 55 K) is around the three infrared sources, while
the surrounding environment is characterized by colder temperatures („25–35 K). The
gas temperature increases toward the southwestern edge of the cloud (IF), reaching values
of „40–45 K. This rise in temperature is the result of the UV heating from the external
B0V star HD211880 that lies „71 southwest of the edge of the cloud. Unfortunately, we
cannot compare the gas and the dust temperatures toward IF because of the smaller area
that our continuum dust observations cover.
We find that the dust density gradient around IRS 1 is likely to be shallower than the
best fits found in some earlier models in order to explain the spatial structure we find in
the far-infrared. The strong emission to the west and southwest of IRS 1 at wavelengths
longward of 100 µm can possibly be explained by heating from IRS 1, along with a
strongly increasing density to the west and southwest. We do, however, find a signifi-
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CO 1–0, 13 CO
10–9, C18 O 1–0, and C18 O 9–8 (black) as observed toward IRS 1, overplotted with the
synthetic emission as calculated with RATRAN, after having applied the lower density
east hemisphere from DUSTY models (red) and the high density west hemisphere (blue).
We observe no significant differences between the two cases with the exception of the
low-J transitions of the isotopologues. While the model fits the observations for the
lower transition lines well, it fails to reproduce the observed higher transition lines.

Figure 2.23: Outflow-subtracted spectra of CO 1–0, CO 2–1, CO 9–8,

13

cantly better fit by interpreting the emission as arising from two or more separate sources
with very different amounts of dust around the sub–mm source compared to IRS 1. The
luminosity of the internal source at the sub–mm peak is likely to be a few ˆ 102 Ld in
this model. This model with an internal luminosity source at the sub–mm peak is consistent with the study of Maud & Hoare (2013), who find that the two strongest 1.3 and
2.7 mm emission peaks are the position of IRS 1 and SMM 1. Because our models did
not include outflow cavities or clumpiness, it is possible that this conclusion should be
revisited after more extensive modeling.
The gas temperature analysis, including both high and low-J lines, was possible only
along the HIFI cut and revealed a systematic excess of gas temperatures against dust
temperatures. This result indicates a more efficient gas heating even at densities ě 104.5
cm´3 where the gas and dust are usually expected to be in thermal equilibrium. New
SOFIA/GREAT mapping observations of CO 13–12 and 16–15 confirm this excess of
the gas temperature, and the results show an even greater gap in energy between the gas

2.6. Discussion and conclusions

61

and dust components (Ossenkopf et al. submitted).
The high-J lines show that a limitation to the low-J analysis (IRAM) causes an underestimate of the gas temperatures by „7–12 K and thus provides only a lower limit of
the temperatures in the cloud. Thus it is most likely that the gas temperature is higher
than the dust also in the whole field. Unfortunately, the higher-J lines do not cover the
entire region so that we cannot prove this. The detailed gas modeling also indicates that
DUSTY results are good estimates of the temperature and density structure around IRS 1
for the colder gas, but there is an excess of warm dense gas that cannot be reproduced by
these models (i.e., CO 9–8). The attempt to fit those higher transition lines by modeling
hotter gas than dust and/or applying different geometries (i.e., clumps, disk geometry)
that would increase the density locally but not the total amount of mass is in our future
plans.
The observed gas temperature excess cannot be explained by a higher cosmic ray ionization, because van der Tak & van Dishoeck (2000a) reported a cosmic ray ionization
rate of ă 10´16 s´1 , which is too low to provide a major gas heating in S 140. Some gas
heating may be due to outflow activities. In the RADEX and RATRAN analysis, we focused on quiescent gas and limited the contribution from protostellar outflows. However,
it is possible to have high-velocity motions perpendicular to the line of sight. In addition,
the larger difference between gas and dust appears in points close to the observed outflow
by Preibisch & Smith (2002). A collection of shocks, longitudinal and transversal to the
walls of the possible inner cavity around the IR sources, will contribute to the emission
at the ambient velocity. Oblique shock components are thus a plausible scenario for a
somewhat more efficient heating of the gas than of the dust.
The most probable scenario appears to be the deep UV radiation in a clumpy medium.
Dust is heated by UV and IR, while gas is heated by processes driven only by UV with
the main one being the photo-electric heating (Hollenbach & Tielens 1997; Röllig et al.
2013). In the vicinity of any stellar or protostellar source, the gas is much hotter than the
dust when dust and gas are not coupled. Dust–gas collisions try to equilibrate them if
the density is high enough. The dust quickly attenuates the UV so that the gas becomes
colder when going away from IRS 1. The penetration of the IR is deeper (lower extinction
in IR compared to UV), so that the decay in the temperature of the dust is shallower than
for the gas. However, since we observe that the gas remains hotter than the dust over
a relatively large distance from IRS 1, the UV seems to penetrate much more deeply
into the cloud than expected from a homogeneous medium. The natural explanation is a
clumpy medium where there are always enough rays between the clumps that still allow
UV propagation to keep the gas warm.
Previous studies already report that S 140 is clumpy (e.g., Kramer et al. 1998). Battersby et al. (2014) performed a similar study to determine the relationship between gas
and dust in a massive star-forming region (G 32.02`0.05) by comparing the physical
properties derived from each, using NH3 transitions. In that study similar temperature
differences are reported with the dust temperatures being lower than gas temperatures
(by a few K) in the quiescent region, indicating that gas and dust might be not well-
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coupled in such environments. Differences between gas and dust temperatures in several
environments with high densities have been reported in more studies (Papadopoulos et al.
2011; Hollenbach & Tielens 1999).
Our observations trace warm and cold dust but also warm and less warm gas, because
we have multiple transitions of CO. The low-J lines tend to show the surface of clumps
since they are optically thick but the optically thin isotopologues 13 CO 1–0 and C18 O
1–0 carry information from deeper positions. Furthermore, the higher transitions CO 9–8
and 13 CO 10–9 trace warmer gas, but they also arise from deeper positions. That we
have optically thin lines and the dust emission is optically thin confirms that we trace
the whole line of sight both in gas and dust and thus the observational limitations can
probably be excluded.

Published as: V. Ossenkopf, E. Koumpia, Y. Okada, B. Mookerjea, F.F.S. van der Tak, R. Simon, P. Pütz,
R. Güsten – “Fine-structure line deficit in S 140”, Astronomy & Astrophysics, 580 (2015) A83

Chapter 3

Fine-structure line deficit in S 140
Chance favors the prepared mind.
Louis Pasteur

Abstract
We try to understand the gas heating and cooling in the S 140 star-forming region
by spatially and spectrally resolving the distribution of the main cooling lines with
GREAT/SOFIA and combining our data with existing ground-based and Herschel
observations that trace the energy input and the density and temperature structure
of the source.
We mapped the fine-structure lines of [O i] (63 µm) and [C ii] (158 µm) and the
rotational transitions of CO 13–12 and 16–15 with GREAT/SOFIA and analyzed the
spatial and velocity structure to assign the emission to individual heating sources.
We measure the optical depth of the [C ii] line and perform radiative transfer computations for all observed transitions. By comparing the line intensities with the
far-infrared continuum we can assess the total cooling budget and measure the gas
heating efficiency.
The main emission of fine-structure lines in S 140 stems from a 8.32 region close
to the infrared source IRS 2 that is not prominent at any other wavelength. It can
be explained by a photon-dominated region (PDR) structure around the embedded
cluster if we assume that the [O i] line intensity is reduced by a factor of seven
owing to self-absorption. The external cloud interface forms a second PDR at an
inclination of 80–85 degrees illuminated by a UV field of 60 times the standard
interstellar radiation field. The main radiation source in the cloud, IRS 1, is not
prominent at all in the fine-structure lines. We measure line-to-continuum cooling
ratios below 10´4 , i.e. values lower than in any other Galactic source, actually
matching the far-IR line deficit seen in ULIRGs. In particular, the low intensity
of the [C ii] line can only be modeled by an extreme excitation gradient in the gas
around IRS 1. We found no explanation for why IRS 1 shows no associated finestructure line peak, while IRS 2 does. The inner part of S 140 mimics the far-IR line
deficit in ULIRGs thereby providing a template that may lead to a future model.
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3.1

Introduction

he cooling budget of the gas in galaxies is dominated by the emission in the finestructure lines of atomic oxygen and ionized carbon (see e.g. Burton et al. 1990;
Röllig et al. 2007). A large fraction of their emission stems from UV-illuminated surfaces
of molecular clouds, the so-called photon-dominated regions (PDRs Tielens & Hollenbach 1985; Sternberg & Dalgarno 1995b). Owing to the clumpy or fractal structure of
molecular clouds, the PDR surfaces may represent a large fraction of their total volume
(Ossenkopf et al. 2007). To quantify the importance of the PDRs in terms of the overall
cooling balance of molecular clouds, we have to compare the fine-structure line emission
with the lines of CO (and its isotopologues) that measure the emission of the molecular material and to the continuum emission from interstellar dust. The dust emission
measures the combination of the total column density structure with the local heating,
optically thin molecular lines provide us with a view on the spatial and velocity distribution of the molecular gas, and the fine-structure lines contain the information on the
local energy input through UV radiation and the cooling balance in the gas. The German
REceiver for Astronomy at Terahertz Frequencies (GREAT) on board the Stratospheric
Observatory for Infrared Astronomy (SOFIA) allows for the first time velocity resolved
spectra of the 63 µm line of atomic oxygen, [O i], to be obtained with a good sensitivity. We used the instrument to measure the line simultaneously with the 158 µm line of
ionized carbon, [C ii], in the S 140 star-forming region1 .
S 140 is an H ii-region at the surface of the L 1204 molecular cloud, created by the
illumination from the B0V star HD 211880, at a distance of 764 pc (Hirota et al. 2008).
The external surface of the molecular cloud is exposed to a moderate UV field of 140 χ0
(Poelman & Spaans 2005) to 230 χ0 (Timmermann et al. 1996) (χ0 = standard interstellar
radiation field; Draine 1978). However, ongoing star formation within the cloud already
formed a cluster of deeply embedded radiation sources (Evans et al. 1989), probably
creating more internal PDRs around the sources. Radio continuum observations detected
ultracompact H ii regions at the strongest sources (e.g. Tofani et al. 1995; Hoare 2006).
The strongest submm source, IRS 1, harbors a cluster of massive young stellar objects
at a projected distance of 752 from the cloud interface (Minchin et al. 1993). Weigelt
et al. (2002) showed the presence of an outflow cavity around IRS1. The corresponding
outflow walls are illuminated by the cluster so that they form internal high-density PDRs.
Dedes et al. (2010) suggested that the [C ii] emission from IRS1 measured by HIFI on
board Herschel stems from these irradiated outflow walls, which are exposed to much
higher radiation fields of more than 105 χ0 . Physical models of the structure around
IRS 1 have been proposed by Harvey et al. (1978), Guertler et al. (1991), Minchin et al.
(1993), van der Tak et al. (2000), Mueller et al. (2002b), de Wit et al. (2009b), Maud &

T

1

Comparison to integrated line observations from the Herschel Space Observatory are provided in Appendix 3.A.
Herschel is an ESA space observatory with science instruments provided by European-led Principal Investigator consortia and with important participation from NASA.
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Table 3.1: Parameters of the GREAT line observations.
SpeciesTransition
ν0
Eup
ncrit a beam FWHM ηmb ∆v σi,rms bσmap,rms c
[MHz]
[K] [cm´3 ] [arcsec]
[km s´1 ] [K] [K]
`
2
2
3
C
[C ii] P3{2 ´ P1{2 1900536.90 91.21 3 ˆ 10
14.1
0.67 0.3
3.7 0.8-1.2
3
3
5
O
[O i] P1 ´ P2
4744777.49227.715 ˆ 10
6.6
0.67 0.4
3.2 1.3-1.9
6
18.6
0.70 0.3
1.9 0.9-1.3
CO
13–12
1496922.91503.101 ˆ 10
6
16–15
1841345.51751.702 ˆ 10
14.5
0.69 0.4
2.9 0.7-1.0
a

b
c

Collision rates from Wiesenfeld & Goldsmith (2014); Jaquet et al. (1992); Yang et al. (2010, at 50K).
For optically thick lines the effective critical densities can be considerably lower due to radiative
trapping.
Noise in individual spectra.
Noise in Nyquist-sampled map with GREAT beam FWHM.

Hoare (2013). The whole cloud is fragmented and clumpy. Poelman & Spaans (2006)
determined densities of nH2 « 4 ˆ 105 cm´3 for the clumps and nH2 « 104 cm´3 for the
interclump medium.
In Sect. 2, we present the new GREAT observations of the 63 µm [O i] and 158 µm
[C ii] fine structure and the CO 16–15 and 13–12 lines towards S 140. In Sect. 3, we
discuss the morphology and velocity structure of the observed emission compared to
other lines, in particular low-J CO transitions, and literature data. In Sect. 4, we derive
gas parameters across the map and for selected positions to understand the nature of the
emitting gas. Section 5 discusses possible reasons for the association of the fine-structure
emission peak with an otherwise inconspicuous source and the overall extremely low
fine-structure line emission.

3.2

GREAT observations

We used the German REceiver for Astronomy at Terahertz Frequencies (GREAT2 , Heyminck
et al. 2012) on board the Stratospheric Observatory for Infrared Astronomy (SOFIA,
Young et al. 2012) to take on-the-fly maps of the central region of S 140 in [O i], 63 µm,
[C ii], CO 16–15, and CO 13–12.
The [O i] observations were performed on the nights of May 16 and 17, 2014. The
[C ii] data were taken on May 16, 17, and 20, 2014. CO 13-12 was observed in two outer
strips on May 20, 2014, and CO 16-15 was measured in the inner strip on January 13,
2015.
We mapped an area of 144 ˆ 962 oriented at an angle of 37˝ east of north, perpendicular to the outer interface of the PDR. Because of instrument scheduling constraints, the
[O i] and CO 16-15 observations were restricted to an inner strip of only 402 width covering the central cluster, while the observation of the CO 13-12 line avoided the central 322
2

GREAT is a development by the MPI für Radioastronomie and the KOSMA / Universität zu Köln, in
cooperation with the MPI für Sonnensystemforschung and the DLR Institut für Planetenforschung
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covering only the two outer strips. In [C ii] we have a complete map covering the whole
area. All observations involving [O i] were taken on a 32 grid to obtain full sampling;
the outer strips were mapped with an 82 sampling, guaranteeing a nearly full sampling
for the telescope beam at the [C ii] frequency. The OFF position for the observations
was located southwest of the H ii region and molecular cloud at R.A.“ 22h 18m 37s .0,
Dec“ 63˝ 141 182 .0 (J2000), six arcminutes away from IRS 1, our reference position in
the maps at R.A.“ 22h 19m 18s .21, Dec“ 63˝ 181 462 .9. XFFT (eXtended-bandwidth Fast
Fourier Transform) spectrometers with a resolution of 44 kHz were used as backends.
Atmospheric calibration was done through the standard GREAT pipeline (Guan et al.
2012). The pointing accuracy of the telescope and the alignment of the GREAT instrument relative to the telescope’s optical axis give a combined pointing error of less than
2 arcseconds. The two GREAT channels operating in parallel were co-aligned to 1 arcsec
accuracy. The forward efficiency is 0.97 for all observed frequencies. The other parameters of the GREAT beam at the observed frequencies are given in Table 3.1. All spectra
were scaled to main beam Rayleigh-Jeans temperatures.
For the spectra of CO and [C ii] the default pipeline provided baselines that were
quite flat. To be independent of the continuum level, a first-order baseline, measured
over 100 km s´1 outside of the 15 km s´1 of the line was subtracted. As the [O i] maps
suffered from some OTF-striping, these data were further processed by a secondary OFF
subtraction, treating the first and last points of all OTF lines as reference allowing for
the correction of gain drifts. This assumes that the map edges fall in regions free of
emission, an assumption that is confirmed when inspecting the raw data. To improve the
signal-to-noise ratio, the spectra were smoothed with a box-car filter to a resolution of
0.3–0.4 km s´1 . Owing to the different combinations of observations, the total noise in
the sum spectra taken within one beam is variable over the map. The average rms noise
levels of the individual spectra and the beam-averaged sum spectra across the map at the
smoothed resolution are given in Tab. 3.1.
Some of the [O i] spectra showed more irregular, wavy baseline structures not described by a simple linear relation. We tried to correct them by fitting various orders of
polynomials to the baseline varying the order from 2 to 10. We did not find a significant
global improvement of the spectra with increasing order, but an improvement of a few
individual spectra. By using the criterion of the least negative values in the integrated
intensity map, we selected the seventh order for all spectra, but use the outcome of the
variation of the baseline orders basically as an error estimate for the baseline uncertainty.
For different baseline orders, the intensities of individual bins in the line changed by up
to 0.4 K and the integral over the full velocity range of the line (´15 ´ 0 km s´1 ) varied
by up to 6 K km s´1 . This uncertainty has to be added to the noise and the calibration
error of the instrument of approximately 20 % as the uncertainty of the data.

3.3. Spatial structure of the emission
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Figure 3.1: Integrated intensity map of [C ii] overlaid on a Spitzer IRAC false-color image

of the same region. The IRAC map uses the logarithmic intensities of the 3.6, 5.6, and
8 µm channels. The integrated intensity contours are drawn at 50, 70, 90, 120, 150, and
180 K km s´1 . The external cloud interface is visible in the southwest. The arrow shows
the direction towards the illuminating source HD 211880. The red marks indicate the
position of the known infrared sources: southwest is IRS 1, north is IRS 2, and southeast
is IRS 3 (Evans et al. 1989),; the yellow marks show the position of known submm cores
(Minchin et al. 1995; Maud & Hoare 2013). The IRAC peak falls at the location of IRS 1.

3.3

Spatial structure of the emission

Figure 3.1 shows the observed integrated intensity map of the [C ii] line superimposed
on a Spitzer IRAC image of the cloud composed of the 3.6, 5.6, and 8 µm channels. The
IRAC image emphasizes two structures in the cloud. The peak in all bands is given
by the embedded source IRS 1, relatively deep in the cloud. The embedded cluster
produces about 104 solar luminosities, Ld , heating the dust to temperatures of up to
1400 K (Koumpia et al. 2015). In the southwest we see the cloud surface illuminated
by HD 211880 as a red band-like structure due to the excitation of PAHs at this external
PDR. On top of these dominant features, we see some smaller spots east of IRS 1 close
to IRS 3, bright in 5.6 µm emission. The [C ii] emission traces the front of the PDR in
the southwest through a secondary peak, but it has a clear maximum 202 north of IRS 1,
slightly north of IRS 2.
To compare the fine-structure lines with the molecular cloud material we use the maps
of CO 1–0, 2–1, C18 O 1–0, and 13 CO 1–0 taken with the IRAM 30m telescope, presented
and discussed by Koumpia et al. (2015). Figure 3.2 compares the [C ii] peak intensities
with the CO 2–1 peak intensity map. The spatial distribution of the CO 2–1 line shows
a behavior similar to the mid-infrared continuum. CO 2–1 peaks about 202 south of the
[C ii] peak in a region covering IRS 1 and IRS 3. The CO 2–1 maximum falls close to
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Figure 3.2: Peak intensity map of [C ii] overlaid on a IRAM 30m map of the CO 2–1 peak

intensity. The [C ii] contours are drawn at 15, 20, 25, 30, 35, 40, and 45 K. The black
marks indicate the positions of IRS 1-3.
IRS 3 and at the cloud surface the line is brighter than deep in the cloud. There is a
clear layering with [C ii] peaking closer to the illuminating star and CO 2–1 deeper in the
molecular cloud, as expected from standard PDR models (see e.g. Hollenbach & Tielens
1999). The location of the peak of [C ii] emission at the cloud surface therefore represents
an expected morphology, but the relative shift of the emission peak to the north of IRS 1
is a striking unexpected feature in the [C ii] maps.
Figure 3.3 compares the [C ii] with the [O i] 63 µm line integrated intensity. The
[O i] map shows a good match of the emission peak with that of [C ii]. The peak is
strongly concentrated and dominates the overall map. The [O i] line also peaks slightly
north of IRS 2; it may be offset from the center of the [C ii] peak by about 22 , but this
is close to our pointing accuracy. The location of the [C ii] and [O i] peaks indicates
an association with IRS 2, similar to an already known small continuum feature visible
at mid-infrared wavelengths (Harvey et al. 2012). The [O i] peak is slightly elongated
towards the southeast in the direction towards IRS 3. IRS 1 is not prominent at all in
[O i]. We also see a slightly increased [O i] intensity at the cloud interface in the region
where [C ii] peaks. Unfortunately, the data quality does not allow us to determine whether
there is any relative offset between the two fine-structure line peaks in that region.

3.3. Spatial structure of the emission
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Figure 3.3: Integrated intensity map of the [O i] 63 µm line (colors) overlaid by contours

of the [C ii] integrated intensity (levels as in Fig. 3.1). The black marks indicate the
positions of IRS 1-3. All coordinates are taken relative to the position of IRS 1 at R.A.“
22h 19m 18s .21, Dec“ 63˝ 181 462 .9 (J2000)

Figure 3.4 shows the integrated intensities of the CO 13–12 and 16–15 lines. Unfortunately, only complementary regions were mapped in the two lines with narrow overlapping strips. Therefore, the CO 13–12 observations are barely useful for understanding
the nature of the peak seen in the fine-structure lines. We see, however, that both high-J
CO lines show a more extended emission around the central sources compared to the
fine-structure lines. The CO 16–15 peak falls between IRS 1 and IRS 2, i.e. we see a
superposition of hot CO emission from both IRS 1 and from the fine-structure line peak
close to IRS 2. The high-J CO lines trace both components in a similar way; they show
an intermediate behavior between the fine-structure lines and the low-J CO.
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Figure 3.4: Integrated intensity map of CO 16–15 with contours of CO 13–12 drawn at

levels of 10, 20, 30, 40, 50, 60, and 70 K km s´1 . Only the region around IRS 1 has been
observed in CO 16–15; in CO 13–12 only two outer strips have been covered avoiding
the center. The black marks indicate the positions of IRS 1-3.

3.3.1 Line profiles
In all the published maps of S 140 only the 13 CO 1–0 line peak intensity has a global
maximum close to IRS 2 like the fine-structure lines3 . To understand the nature of the
fine-structure line peak it is, therefore, worth comparing our observations with the 13 CO
1–0 data more carefully, including the velocity structure. The 13 CO 1–0 line is optically
thin over most parts of the map. Koumpia et al. (2015) measured optical depth values
of about 0.3 for most of the gas and a maximum value of 0.8, which is still marginally
optically thin. Figure 3.5 compares the distribution of the peak intensity, the mean line
velocity, and the line width of the 13 CO 1–0 line with the corresponding parameters from
the [C ii] line.
3

For simplicity we use the location of the fine-structure line peak at about (∆R.A.,∆ Decq “ p02 , 202 q
and IRS 2 synonymously in the following as the observed spatial deviations fall within the pointing accuracy of about 22 .
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Figure 3.5: Peak intensity, first moment (centroid velocity), and second moment (trans-

lated to FWHM) of the lines of 13 CO 1–0 (colors) and [C ii] contours. The black marks
indicate the positions of IRS 1-3. The contour levels for the [C ii] peak intensity match
those from Fig. 3.2; for the line position they are given at -9.5, -8.5, -7.5, and -6.5 km s´1 ,
and for the line width at 3, 4, 5, and 6 km s´1 . Velocities are given in LSR (local standard
of rest) and intensities in main beam temperatures.
The relative proximity of the 13 CO 1–0 peak and the [C ii] and [O i] peaks seem to be
accidental as the overall morphology of the line maps shows no other similarities. The
13
CO 1–0 emission is much more extended and has about the same level at the positions
of IRS 2 and IRS 1. When inspecting the 13 CO 1–0 integrated intensity, we find the
same behavior as seen in the other molecular line tracers with a maximum close to IRS 1.
A second similarity in the peak intensities of 13 CO 1–0 and [C ii] are the relatively low
values south of IRS 1. The spot matches the southern part of the molecular outflow
discussed by e.g. Maud & Hoare (2013). The outflow is driven from IRS 1 pointing
towards the northwest and southeast, leading to the velocity gradient seen, for example,
in the 13 CO 1–0 line position map around IRS 1. At the location of the southern outflow
[C ii] is hardly present at all, but the 13 CO 1–0 line is prominent, tracing the outflow
through broad line wings (see Fig. 3.5c) that lead to a large integrated intensity there in
spite of the lower peak intensity.
The [C ii] line shows the largest line width northwest of IRS 1, in the direction of the
northern outflow, but only a moderate line width at the location of the intensity peak close
to IRS 2. We find a trend of anti-correlation between the [C ii] lines and the 13 CO 1–0
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lines. The 13 CO 1–0 lines are broad in a ridge southeast and northeast of the cluster that
is associated with low center velocities while [C ii] shows the broadest lines west of the
cluster. Except for the southern outflow region and the northeastern boundary of the map,
the [C ii] profiles are always somewhat broader than the 13 CO 1–0 profiles. We interpret
this as being due to optical depth broadening (see below).
When inspecting the line positions, the 13 CO 1–0 profiles are dominated by the outflow pattern with slightly blueshifted velocities southeast of IRS 1 and redshifted velocities in the opposite direction4 . Overall, the variations are relatively small. In contrast,
[C ii] shows a clear offset in the line velocity for the bright emission component close to
IRS 2. While in most of the map the [C ii] line has the same velocity (about ´8 km s´1 )
as the bulk of the 13 CO gas, the peak source has a significantly lower velocity (about
´6.5 km s´1 ). This indicates that the bright emission source is only weakly associated
with the rest of the gas and is not seen in 13 CO.
Figure 3.6 shows the line profiles of [C ii], [O i], CO 16–15, CO 2–1, C18 O 1–0, and
13
CO 1–0 at the location of the fine-structure line peak close to IRS 2, at the position of
the main heating source IRS 1, and at the external cloud interface. All lines trace the
interface at a velocity of about ´8 km s´1 . The [O i] line is only marginally detected
there; [C ii] and the CO lines are narrow with a width of 3–4 km s´1 . The velocity
of this PDR surface is slightly different from the large-scale velocity field of the thin
surrounding medium which is measured through the broad H i line in the 361 beam of the
Leiden/Dwingeloo survey and peaks at -7 km s´1 (Kalberla et al. 2005).
Towards IRS 2, [C ii] peaks at -6.5 km s´1 , offset in velocity from the bulk of the gas,
as seen already in Fig. 3.5. The [O i] line shows a dip at this velocity and two peaks at
the velocities of ´5.5 km s´1 and ´8 km s´1 coinciding with the peak velocities seen in
CO 2–1 towards IRS 2 and towards the interface. However, as there is only weak [O i]
emission from the interface, we think that the coincidence between [O i] and CO 2–1 is
accidental and that in [O i] we see the same material that we trace in [C ii]. Consequently,
[O i] exhibits a self-absorption dip at the velocity of the [C ii] peak instead of two velocity
components.
CO 2–1 traces mainly other gas. We find broad outflow wings from the molecular
outflow (Maud & Hoare 2013), only seen in the low-J CO lines. The optically thin lines
of CO 16–15 and 13 CO 1–0 are narrow at the peak suggesting that even the [C ii] line is
broadened by a significant optical depth. The comparison of the fine-structure lines and
CO 16–15 at IRS 1 shows that [C ii] only traces the velocity component matching the
interface velocity there, but no emission at ´6 km s´1 , while CO 16-15 and [O i] show a
stronger emission in the ´6 km s´1 component and a weaker emission with the interface
velocity there. This means that we find several gas components with different velocities
and chemical properties towards IRS 1.
To estimate the optical depth of the [C ii] line, based on the line profiles, we can use
two approaches: deriving the optical-depth line broadening by comparing the line width
4

Follow-up investigations should resolve whether the broad, blueshifted 13 CO emission northeast of the
cluster traces a second, as yet unknown molecular outflow.
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Figure 3.6: Line profiles of the [C ii], [O i], CO 16–15, CO 2–1, C18 O 1–0, and

13

CO
1–0 lines at the position of the [O i] peak (0,20 close to IRS 2), at IRS 1 (0,0), and
at the interface (-40,-54). The lines are averaged in a Gaussian beam of 17.32 FWHM
(telescope + convolution kernel) except for the 13 CO and C18 O lines that can only be
treated at the lower resolution of 232 .
with an optically thin tracer, and comparing the line intensity with an optically thin tracer
not affected by abundance or excitation uncertainties, namely the [13 C ii] transitions. In
the first approach, we assume a Gaussian velocity dispersion and obtain the optical depth
at the line peak from the measured line broadening σline « p1 ` 0.115τ̂q σvel , where τ̂
is the line-center optical depth (Phillips et al. 1979; Ossenkopf et al. 2013). Using the
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Figure 3.7: Baseline of the [C ii] profiles showing the hyperfine components of the [13 C ii]

transitions. The upper plot shows the sum spectrum from all spectra with integrated
intensities above 100 K km s´1 from the IRS 1-3 region, the lower plot from the interface
region. The blue lines represent the same spectra scaled by an abundance ratio of 1/67
and the corresponding line ratio and frequency of the three hyperfine transitions, i.e. they
represent the spectrum that we expect in the case of an optically thin [C ii] line.

3.3. Spatial structure of the emission
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optically thin 13 CO 1-0 to measure the true velocity dispersion, we can translate Fig. 3.5c
into a [C ii] optical depth map, except for the region south of IRS 1 where the 13 CO 1–0
line is broader than [C ii] owing to the molecular outflow. For the interface, we obtain
a 13 CO 1–0 line width of 3 km s´1 and a [C ii] line width of 4 km s´1 ; in the region
between IRS 1 and IRS 2 the line widths are 5 and 6 km s´1 , respectively. This translates
into [C ii] peak optical depth values of 3 towards the interface and 2 towards the central
cluster.
Figure 3.7 shows the corresponding [13 C ii] spectra measured in the two regions. They
are compared with a scaled version of the [C ii] line, reduced in intensity by the typical 13 C/12 C abundance ratio of 1/67 in the solar neighborhood (Langer & Penzias 1990,
1993) and the relative weights of the hyperfine components (0.625 at 11 km s´1 , 0.25 at
-65 km s´1 , 0.125 at 63 km s´1 relative to [C ii], Ossenkopf et al. 2013). Towards the
interface the two stronger hyperfine components are clearly detected. The peak intensity
of the [13 C ii] is 3.1 times higher than expected from the [C ii] line when assuming optically thin [C ii] emission. This can be translated into a line-center optical depth of about
3. Towards the embedded cluster, the strongest component appears as a shoulder of the
broader [C ii] line and the two weaker components are barely visible. The factor of 2.2
difference between observed intensity and scaled optically thin [C ii] emission is also in
agreement with a line-center optical depth of 2 as measured from the line broadening.
Both approaches, therefore provide matching results for the [C ii] optical depth towards
the two peaks of [C ii] emission.
To resolve the intrinsic velocity profile of the main emission source at IRS 2 we
compare scaled versions of the different profiles towards this source in Fig. 3.8. The
scaling factors in the plot were adjusted for a better comparison of the red wings of
the profiles at sufficiently high velocities which are not affected by self-absorption or
saturation from high optical depths. For CO 2-1 we also had to subtract the very extended
outflow contribution (see Fig. 3.6). The C18 O 1–0 line is not shown here as it matches
almost exactly the shape of the CO 16–15 line. A comparison of the blue wing of the
profiles provides no information on the source at IRS 2 as this velocity interval is heavily
affected by emission and absorption from the bulk of the gas in S 140 at -8 km s´1 .
We find an almost perfect match of the red wing shape of the three (partially) optically
thick lines of [C ii], [O i], and CO 2–1. In contrast, the thin lines of 13 CO 1–0 and CO 16–
15 are clearly narrower, not allowing a fit with the same wing. Optical depth broadening
of the lines must play a significant role. The peak of the CO 16–15 line coincides with
the absorption dip seen in [O i] and CO 2–1. The narrow shape of the peak of the CO 2–1
line at -4.7 km s´1 results from this absorption out of a broader emission component. The
shoulder seen in the 13 CO 1-0 and CO 2–1 lines at -8 km s´1 probably traces emission
from IRS 1 or the extended molecular cloud material. Overall, the lines are consistent
with the velocity dispersion as measured by the CO 16–15 and C18 O 1–0 lines of only
2.4 km s´1 (FWHM), but an optical-depth broadening of the fine-structure lines.
For the optically thick lines, the intrinsic line intensity from the emission peak therefore should be higher than our observed integrated intensity. For [C ii], the profiles are
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Figure 3.8: Line profiles of the [C ii], [O i], CO 2–1, CO 16–15, and 13 CO 1–0 lines at the

position of the [O i] peak (0,20). The lines were scaled to similar intensities at -4 km s´1 .
For CO 2-1, a constant emission of 20 K is subtracted to exclude the extended outflow
emission.
consistent with the optical depth of about 2, leading to a 45 % reduction of the integrated
line intensity compared to optically thin emission. For [O i], we see, however, a clear
self-absorption signature due to gas in the foreground with lower excitation temperature.
That makes an estimate of the intrinsic intensity from the emission peak difficult. If we
assume that the red wing is not affected by self-absorption, we can use the ratio of the
integrated line intensity between [C ii] and [O i] seen in Fig. 3.8 as an estimate for the
missing flux in the [O i] line. This indicates that the source intrinsic line flux should be
higher by about 50 % without foreground absorption.
From the information given in the line profiles we can already conclude that the [O i]
and [C ii] emission does not seem to be related to the known outflow activity in S 140;
instead it probably traces PDR interfaces. While [C ii] and [O i] are both bright at IRS 2,
only [C ii] is bright at the cloud surface and [O i] is barely detected there. As the [O i]
line has a critical density of 5 ˆ 105 cm´3 (Jaquet et al. 1992, see Tab.3.1), 100 times the
critical density of the [C ii] line, this probably reflects the lower density of the interface
region. In contrast, at the fine-structure line peak position, the gas must be dense and
optically thick for [O i] so that the same material produces an almost Gaussian line in
[C ii] and a double-peaked line in [O i]. The optically very thick CO 2–1 line only reveals

3.4. Properties of the gas

77

Figure 3.9: CO column density (upper plot: colors), gas density (lower plot: colors), and

kinetic temperature (both plots: contours) derived from the RADEX fit of the integrated
intensities of the observed lines of CO 1–0, 2–1, and 16–15 and the isotopologues 13 CO
1–0 and C18 O 1–0.
a prominent redshifted wing towards IRS 2. This would be consistent with an expansion
scenario of the source.

3.4

Properties of the gas

3.4.1 Gas parameters across the GREAT map
As a first step to understanding the nature of the fine-structure lines we need to know the
properties of the gas across the map. This can be done by analyzing the molecular lines of
CO and its isotopologues based on our high-J CO observations and the complementary
low-J CO, 13 CO, and C18 O IRAM data from Koumpia et al. (2015). When we know the
column density, the volume density, and kinetic temperature of the gas we can compute
column density maps of [C ii] and [O i] from the measured fine-structure line intensities.
We performed a fit of the CO (and isotopologues) line intensities using the non–LTE
radiative transfer code RADEX (van der Tak et al. 2007a) that computes the line intensi-
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ties of a molecule for a set of physical parameters: kinetic temperature, H2 gas density,
molecular column density, background temperature, and line width. We used the maps of
CO 1–0, 2–1, 13 CO 1–0, C18 O 1–0, and CO 16–15 to perform a χ2 minimization fit for a
range of kinetic temperatures (30–700 K), column densities (1017 – 4ˆ 1019 cm´2 ), and
volume H2 densities (105 – 5ˆ 1010 cm´3 ). In the area covered by the CO 16–15 map we
have enough observational constraints to determine those three free fitting parameters.
For all calculations we used a fixed line width value of 3.5 km s´1 . We adopted a cosmic background radiation field of 2.73 K and used the molecular data from the LAMDA
database (Schöier et al. 2005).
Figure 3.9 shows the resulting distributions of the gas temperature, density, and column density of CO. As the CO 16–15 line has an upper level energy of 750 K and a
critical density of 106 cm´3 (see Table 3.1), one would expect that the strong line drives
the solution to high temperatures and densities on the order of the value of the critical
density. However, it turns out that the low-J lines can only be fitted with lower temperatures. To excite the CO 16-15 line, RADEX then has to increase the gas density to values
on the order of 108 cm´3 , a value much higher than derived in all other ways. This is
a strong indication that the assumption of uniform gas parameters within the individual
pixels of our map is not justified in S 140. It is much more likely that the true gas composition consists of a cooler component, mainly traced by the low-J CO (and isotopologues)
lines, while a second hot component is responsible for the CO 16–15 line.
As all other lines discussed here are insensitive to gas densities above 106 cm´3 , the
overestimate of the gas density obtained in this way should be irrelevant for the further analysis. The RADEX fit shows that the gas temperature peaks between IRS 1 and
IRS 2, roughly matching the CO 16–15 intensity map. The density structure shows a
density peak at the positions of IRS 1 and IRS 2. The column density mainly follows the
distribution of the isotopologues which is higher towards the west region of the sources.
It roughly matches the column density structure that was determined from FORCAST,
PACS, and SCUBA dust observations in Koumpia et al. (2015). They also found a column density peak about 202 west of IRS 1 and IRS 2 and a smaller peak somewhat east
of IRS 2.
The CO column densities can be translated into abundances if we know the gas column from the dust observations of the central region. To derive gas column densities from
the 100 µm dust opacity map, we use the dust properties of model 5 from Ossenkopf &
Henning (1994a) following the discussion in Koumpia et al. (2015) and the standard conversion factor of NH {AV “ 1.9 ˆ 1021 cm´2 (Bohlin et al. 1978). This provides a 100 µm
optical depth of 1.30 ˆ 10´24 cm2 ˆ pNH ` 2NH2 q. The resulting column density map is
shown in Fig. 3.10.
The contours in the figure give the CO abundance computed by dividing the CO
column from Fig. 3.9 by the dust-based gas column density. For most of the cloud
we find values of XpCOq “ NCO {pNH ` 2NH2 q around 2 ´ 3 ˆ 10´4 . Lower values of
about 1 ˆ 10´4 are found at the submm-peak west of IRS 1. Somewhat lower values are
also found towards IRS 2 and somewhat higher values occur at the positions of IRS 1
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Figure 3.10: Column density map of gas derived from FORCAST, PACS, and SCUBA

continuum observations in the center of the region (colors), overlaid by contours of the
CO abundance, running from 1 ˆ 10´4 to 3 ˆ 10´4 .
and IRS 3. A reduction of the CO abundance towards IRS 2 would be consistent with
the conversion of molecular material to atomic and ionized material seen in the bright
fine-structure lines. The stronger decrease towards the submm peak could indicate CO
freeze-out in very cold and dense material, but overall, the abundance variations within
the map are about as large as the uncertainty from the dust column5 .
A CO abundance of more than 2 ˆ 10´4 would actually exceed the total amount
of carbon available in the gas phase (see e.g. Cardelli et al. 1993). Blake et al. (1987)
measured values XpCOq of only 6 ˆ 10´5 towards the dense molecular material in the
Orion molecular cloud and 2.5 ´ 3 ˆ 10´5 in several clouds on larger scales, probably
involving more atomic and ionized carbon. A higher CO abundance of 1.3 ˆ 10´4 has
been measured towards NGC 2024 by Lacy et al. (1994). Our systematically higher
abundances can be explained by the uncertainty of the dust properties covering a factor
of 2–3 in the 100 µm opacity (Ossenkopf & Henning 1994a). When assuming a dust
model with a 100 µm opacity that is two times lower, the columns in Fig. 3.10 increase
by a factor of two, the abundance values decrease by the same factor, and we obtain
values close to those from Lacy et al. (1994). Unfortunately, the resolution of the low-J
CO maps is insufficient to determine the gas column density with the same resolution as
the dust opacity. Hence, we can only conclude that the CO column densities are close
to the upper edge of the range expected from the dust column densities. This means
that most of the gas must be molecular so that we can use CO as a proxy for the total
gas column in S140. This is consistent with the strong spatial confinement of the finestructure line emission in S140 indicating that CO provides a reasonable measure for the
total gas column density, even if not all gas is molecular. Assuming XpCOq “ 1.3 ˆ 10´4
we obtain hydrogen column densities NH “ NH ` 2NH2 between 7 ˆ 1022 cm´2 and
5

The steep decrease in the dust column density and the corresponding virtual increase in the CO abundance at the boundaries of the map are probably due to missing flux at the edges of the PACS footprint in
the analysis by Koumpia et al. (2015).
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Figure 3.11: Column density map of C` derived from the measured [C ii] intensities using

the gas parameters from the RADEX fit to the CO lines. The contours show the [C ii] line
optical depth a levels of τ “ 0.5, 1.0, 1.5, 2.0. In the two pixels north of IRS 2, the optical
depth is too large for a reliable column density estimate.

Figure 3.12: Column density map of atomic oxygen derived from the measured [O i]

intensities using the gas parameters from the RADEX fit to the CO lines. The contours
show the [O i] line optical depth at levels of τ “ 0.05, 0.10, 0.15, 0.20.
1.97 ˆ 1023 cm´2 within the map covered by the CO 16-15 observations.
In the next step we can use the kinetic temperature and volume density from the
RADEX fit of the CO lines (Fig. 3.9) to compute the C` and atomic oxygen column densities from the [C ii] and [O i] observations. This allows us to compare the abundance of
the different species in the gas within the telescope beam along the line of sight. Actually,
we do not expect that all species are spatially co-existing – we expect instead abundance
gradients along the path and within the area of the beam – but the volume-integrated
abundances can be easily compared with the results from more complex models and other
Galactic and extragalactic observations. The CO 16–15 line provides strong constraints
on the parameters derived from the RADEX fit and it mainly stems from hot and dense
gas, the same gas that should also provide the main contribution to the fine-structure
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line emission. Therefore, the error made in assuming the same excitation conditions as
seen by CO for deriving the C` and oxygen column densities should be smaller than
the factor of two uncertainty that we already find for the gas column. To be consistent
with the RADEX fit, we restrict the integration to the same velocity interval from -8.4
to -4.4 km s´1 . Figures 3.11 and 3.12 show the resulting column densities and the optical depths of the lines. Although the line profiles of [O i] indicate optically thick line
(Fig. 3.6), our resulting optical depths are τ ă 1. This is probably due to the strong selfabsorption in the line creating an intensity dip for the considered velocity range, leading
to column densities and optical depths that are too low. The [C ii] analysis results in a
column density range of 2.2ˆ1017 – 2ˆ1018 cm´3 and a range of optical depths 0.28–
2.31 with the higher values closer to IRS 2 in agreement with the estimate from the line
profile in Sect. 3.3.1.
With the hydrogen column densities from CO, the C` column density map translates
into C` /H abundances, XpC` q, between 1.1ˆ10´5 around the fine-structure line peak and
2 ´ 3 ˆ 10´6 for the rest of the map. For the oxygen abundance, we find values between
4 ˆ 10´5 around IRS 2 and 1.0 ´ 1.5 ˆ 10´5 for the rest of the map. For both species the
abundance at IRS 1 is as low as in the rest of the map outside of the fine-structure line
emission peak.
These values can be compared to PDR models (Röllig et al. 2007). At a PDR surface,
almost all carbon is in the form of C` . For diffuse clouds, Sofia et al. (2004) measured a
C` abundance of XpC` q “ 1.6 ˆ 10´4 , but in dense regions a larger fraction of carbon
is incorporated in dust and PAHs leading to a PDR surface abundance of XpC` q “ 1.2 ˆ
10´4 in dense clouds (Wakelam & Herbst 2008). Deeper in the clouds where the UV is
sufficiently shielded, C` turns into atomic carbon and subsequently into CO, so that the
C` abundance falls by three to four orders of magnitude, depending on the cosmic ray
ionization rate. Even our value for IRS 2 falls far below the PDR surface limit, confirming
that carbon is ionized through UV radiation only in a small gas fraction, while most of the
gas is molecular. The column of molecular material should be at least ten times deeper
than the C` column produced in a PDR around IRS 2.
Depending on the local conditions the oxygen abundance in dense clouds should not
vary by more than a factor of three. In the high-UV field limit, almost all gas-phase
oxygen is in atomic oxygen, resulting in an abundance of XpOq “ 3 ˆ 10´4 relative to
hydrogen. Deep in molecular clouds, most oxygen is incorporated in CO so that only
XpOq “ 1 ˆ 10´4 is left in the gas phase. Our measured abundance still falls below this
lower limit. This can be explained by the fact that most oxygen is probably at temperatures below the range of 50–70 K fitted by RADEX for a homogeneous gas. The colder
oxygen does not contribute to the fitted emission, but rather creates the absorption seen
in our [O i] line profiles.
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Figure 3.13: Intensity map of [O i] (top), [C ii] (center), and CO 16–15 (bottom) after

subtracting a Gaussian intensity distribution of FWHM“ 8.32 from the observed map.
The overlaid contours show the original intensity maps at levels of 8, 24, 40, 56, and
72 K km s´1 ([O i]); 50,70,90,120,150, and180 K km s´1 (CII); and 10, 20, 30, 40, 50,
and 60 K (CO 16–15).

3.4.2 The [C ii] and [O i] peak
To estimate the size of the region responsible for the fine-structure line emission peak,
we fitted the observed [O i] integrated intensity map by a Gaussian intensity distribution
peaking close to IRS 2 convolved with the telescope beam at 4.7 THz. The [O i] map
provides the main constraint to the source size due to the smaller beam compared to [C ii]
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and the CO lines. We allowed for a 2 arcsec pointing jitter in the fit when adjusting the location of the peak. The best fit leading to a relatively smooth background after the source
subtraction is obtained for a source FWHM of 8.32 and a peak intensity of 76 K km s´1 .
Figure 3.13 (top panel) shows the result. We see that the subtracted source covered 80 %
of the intensity at the position of the peak, but that there remains a somewhat more extended emission structure north of IRS 1. IRS 1 is part of that structure, but shows no
concentrated [O i] emission associated with the infrared source. In contrast, we find a
secondary [O i] peak slightly north of IRS 3, the weakest infrared source in the field.
A priori, the spatial extent of the emission in [O i] and [C ii] can be different, but if
we subtract a source with the same size and the peak intensity of 212 K km s´1 from the
[C ii] map we also obtain a very smooth map with no further indications of the IRS 2
contribution (Figure 3.13, central panel). This suggests that we see about the same gas
responsible for the peak in [O i] and [C ii] spatially well confined to a region close to
IRS 2. Repeating the same experiment for the CO 16–15 map, provides a peak intensity
of 46 K km s´1 , but a clear residual of emission from IRS 1 and IRS 3 (Figure 3.13,
bottom panel). This agrees with the previous analysis of Koumpia et al. (2015) finding
extended hot molecular gas around IRS 1.
The identification of a spatially well-confined emission structure close to IRS 2, responsible for the observed strong fine-structure line emission allows the properties of
the emitting gas to be quantified. With an FWHM of 8.32 we obtain a spatial angle of
the emitting region of 1.8 ˆ 10´9 sr and a diameter of 0.03 pc. This allows absolute
luminosities to be computed from the integrated intensities and the source projected area
of 1.0 ˆ 1034 cm2 assuming isotropic radiation. For the [O i] line we obtain 0.28 Ld
and for the [C ii] line 0.05 Ld . This can be compared to the total energy input at that
location. Koumpia et al. (2015) estimated a total luminosity of the source at IRS 2 of
2000 Ld . This means that only 0.016 % of the source luminosity is radiated away in the
two fine-structure cooling lines. We will discuss this further in Sect. 3.4.4.
For the CO 16–15 line we obtain a corresponding luminosity of only 0.01 Ld , but over
the full CO ladder this will add up to a considerable net cooling. If we make the extremely
conservative assumption that all CO line intensities are constant at the value of the 16–15
transition for lower J transitions and zero for higher transitions, we obtain a lower limit
for the CO cooling luminosity of 0.045 Ld already matching the [C ii] luminosity. If we
use the full SED ladder fit to the narrowest line component from Sect. 3.4.3, we obtain
instead a cooling power of 0.096 Ld and if we include the emission over the total line
width, the CO luminosity totals 0.13 Ld , i.e. a value that is about half the cooling power
in the [O i] line. In spite of the prominent fine-structure line peak at IRS 2, we thus find
a situation where the molecular line cooling is also important besides the dominant finestructure line cooling. This is similar to the situation found in other protostars (Karska
et al. 2013). Obviously, the situation is even more extreme for IRS1, where we measure
strong high-J CO emission, but basically no [C ii].
We can estimate the gas column density from the integrated [C ii] line intensity, by
using the relatively constant [C ii] emissivity per column density (Eq. (2) from Ossenkopf
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et al. 2013). For a temperature of about 200 K we obtain
ż
K kms´1
ǫ dv « 560
ˆ NC` .
cm´3 pc

(3.1)

As the emissivity is only weakly temperature-dependent, this value applies within a 15 %
error bar to all excitation temperatures between 100 K and 500 K, covering the typical range expected in PDRs. Equation (3.1) provides a direct translation of intensity to
column density for optically thin emission. Because we know the optical depth from
Sect. 3.3.1, the equation can also be used with the corresponding optical depth correction
of 45 % to compute the C` column density for IRS 2.
We obtain a C` column density of 1.7 ˆ 1018 cm´2 . This is slightly lower than the
value of 2 ˆ 1018 cm´2 obtained for the total [C ii] emission towards IRS 2 measured in
the RADEX simulation for the full map in Sect. 3.4.1. However, here we consider only
the 73 % of the [C ii] emission at that position that is attributed to the compact source. In
this way we ignore a small part of the total column density. Using the carbon gas-phase
abundance of 1.2ˆ10´4 for dense clouds (Wakelam & Herbst 2008) (see Sect. 3.4.1) and
assuming that all carbon is ionized, the C` column density of 1.7 ˆ 1018 cm´2 provides
a lower limit for the total column density of the [C ii] emitting gas of 1.4 ˆ 1022 cm´2 .
Higher values result for partial ionization. If we assume that the [C ii]-emitting gas fills
the observed emitting volume of 1.0 ˆ 1051 cm3 , we deduce a minimum gas density of
1.4 ˆ 105 cm´3 . The derived optical depth of the clump seen in dust emission close to
IRS 2 is, however, AV « 100 (Koumpia et al. 2015) corresponding to gas column densities
of 2 ˆ 1023 cm´2 , which means that only 7 % of the gas is emitting in [C ii]. This could
be explained by clumpiness of the gas within the 8.32 peak and high-density clumps, or
more naturally by a PDR layering structure where the [C ii] emission only stems from gas
with AV ď 2 facing the embedded sources.
Unfortunately, it is not possible to perform the same estimate for the [O i] emission.
The high-temperature LTE limit of the [O i] emissivity is about three times higher than the
corresponding [C ii] emissivity (Eq. 3.1), but it only applies to densities above 106 cm´3
and temperatures above 200 K, and it also requires optically thin emission or an accurate
estimate. The line profiles have already shown that [O i] is optically very thick and the intensity of the [O i] line is three times lower than that of [C ii]. To check the consistency of
the parameters in the frame of a real radiative transfer computation we perform RADEX
runs in the next section.

3.4.3 RADEX fit of individual sources
A more accurate estimate can be obtained when using the known gas parameters from
a fit to the observed CO transitions and taking the line optical depth into account in the
frame of a RADEX computation. As all lines are bright towards the central sources,
IRS 1 (0,0) and IRS 2 (0,20), we can avoid the low–J CO lines there that show complex
line profiles and are very optically thick and we fit only the higher transitions of CO and
all available transitions of the isotopologues in RADEX. For the interface (-40,54), the
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Table 3.2: Line parameters of the narrow component of CO and isotopologues towards

IRS 1 and IRS 2 (GREAT, IRAM, and HIFI data).
Line

vLSR
[km s´1 ]

IRS 1
ş
FWHM
Tmb dv
vLSR
[km s´1 ] [K km s´1 ] [km s´1 ]

IRS 2
ş
FWHM
Tmb dv
[km s´1 ] [K km s´1 ]

interface
vLSR
[km s´1 ]

ş
FWHM
Tmb dv
[km s´1 ] [K km s´1 ]

CO 9–8
´5.78 ˘ 0.014.87 ˘ 0.06 117 ˘ 2
...
...
...
´7.80 ˘ 0.072.50 ˘ 0.201.20 ˘ 0.20
...
...
...
´6.76 ˘ 0.033.30 ˘ 0.08 71.1 ˘ 1.4
...
...
...
CO 13–12
CO 16–15
´6.55 ˘ 0.06 3.5 ˘ 0.2 40.3 ˘ 1.7 ´6.43 ˘ 0.04 2.7 ˘ 0.1 37.2 ˘ 1.3
...
...
...
13 CO 1–0
´6.45 ˘ 0.032.48 ˘ 0.09 28.7 ˘ 1.9 ´6.54 ˘ 0.06 2.6 ˘ 0.1 49.4 ˘ 1.8 ´8.12 ˘ 0.371.34 ˘ 0.700.84 ˘ 0.26
13 CO 10–9
´6.71 ˘ 0.022.41 ˘ 0.08 12.8 ˘ 1.1
...
...
...
...
...
ă 3σ
´6.52 ˘ 0.05 2.4 ˘ 0.1 6.8 ˘ 0.6 ´6.64 ˘ 0.04 2.36 ˘ 0.1 8.4 ˘ 0.1
...
...
ă 3σ
C18 O 1–0
C18 O 9–8
´6.7 ˘ 0.1 2.6 ˘ 0.2 2.8 ˘ 0.3
...
...
...
...
...
ă 3σ
[C ii] 3 P3{2 ´3 P1{2 ´7.44 ˘ 0.045.94 ˘ 0.09 72 ˘ 1 ´6.27 ˘ 0.014.62 ˘ 0.03159.5 ˘ 0.9´7.92 ˘ 0.013.24 ˘ 0.02119.6 ˘ 0.7
[O i] 3 P1 ´3 P2
´5.9 ˘ 0.2 5.3 ˘ 0.4 9.5 ˘ 0.7 ´6.4 ˘ 0.1 5.9 ˘ 0.2 25.4 ˘ 0.7 ´9.1 ˘ 0.6 2.7 ˘ 0.5 3.1 ˘ 0.9

Notes: The line parameters are measured in a 212 Gaussian aperture around the indicated position (telescope beam + convolution kernel) to match the coarse resolution of the 13 CO 1–0 map.

Table 3.3: Physical conditions as derived with RADEX for selected positions

Position

T kin
[K]
IRS 1
75
IRS 2
73
Interface 40

NpCO)
NH
18
´2
22
[10 cm ] [10 cm´2 ]
6.6
11
16
27
1.0
1.5

nH2
[cm´3 ]
3ˆ109
7.1ˆ108
4ˆ105

Notes: The synthetic integrated intensities are calculated using a FWHM of 3.2 km s´1 for IRS 1 and
2.7 km s´1 for IRS 2. The parameters towards the IF were derived using CO 9–8 and 13 CO 10–9 in
addition to the CO 1–0 and CO 2–1 lines.

RADEX analysis was already performed in Koumpia et al. (2015) using the low-J CO
lines and an additional HIFI cut measuring CO 9–8 and 13 CO 10–9. As our CO 16–15
observations do not cover this region, no further constraints are provided to the fit so
that we can reuse the results obtained there. The HIFI cut also covered IRS 1 so that we
have the most complete data set for this source. Table a contains all transitions and line
properties that were used for the RADEX fit and the further analysis.
Figure 3.14 shows the resulting CO SED from the RADEX fit for all lines up to
J “ 17 ´ 16 and Table a summarizes the resulting gas parameters. In the fourth column,
we translated the CO column density into an equivalent hydrogen column density using
the abundance factor of 6 ˆ 10´5 from Sect. 3.4.1. The higher column density towards
IRS 2 compared to that of IRS 1 is driven by the spatial distribution of the low–J CO isotopologues and the high–J CO that is stronger towards IRS 2 (see Fig. 3.6). The hydrogen
column densities towards the two sources approximately match the visual extinction of
AV « 50 towards IRS 1, and AV « 100 towards IRS 2 measured by Koumpia et al. (2015)
when assuming a standard conversion factor of NH {AV “ 1.9 ˆ 1021 cm´2 (Bohlin et al.
1978).
The IRS 1 and IRS 2 are warmer than the interface and have a similar temperature.
The absolute value of the temperature is, however, questionable as it depends on the
assumption of the uniform gas parameters within the beam. As discussed already in
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Figure 3.14: CO ladder from the RADEX fit to the line intensities at the three prominent

positions.
Sect. 3.4.1, this leads to very high densities. The volume density estimates for IRS 1 and
IRS 2 are much higher than the ones found in Koumpia et al. (2015) („ 10 6 cm´3 ) owing
to the inclusion of the high–J CO transitions in the fit (13–12, 16–15). We instead expect
that the different transitions arise from different layers around the infrared sources. The
fit produces a good match to all observed lines, so that we have an accurate estimate of
the total cooling through all CO lines from the observed sources.
We use the RADEX gas parameters again to compute the C` and oxygen column
density from the line intensities given in Table a. For IRS 1, we get column densities for
C` and O of 7ˆ1017 cm´2 and 1.8ˆ1018 cm´2 , respectively, for IRS 2 5ˆ1018 cm´2 cm´2
and 6 ˆ 1018 cm´2 cm´2 . When comparing these values with the map analysis, we notice
that the C` column density towards IRS 2 is increased by a factor of two because we use
the full line width and extract the intensity exactly at the position of the fine-structure line
peak. All other values are basically unchanged. At the interface, we obtain a C` column
density of 5ˆ1018 cm´2 and an oxygen column density of 3ˆ1019 cm´2 . We can compare
these values with the column density that we obtain from the total gas column density
measured by CO and the upper limits of the abundance of the two species discussed in
Sect.3.4.1. In this way we obtain column densities of NpC` q “ 2 ˆ 1018 cm´2 and
NpOq “ 5 ˆ 1018 cm´2 , i.e. much lower than computed here. The explanation must be
given by the PDR nature of the cloud interface. As most CO is dissociated there, it is no
longer a good measure for the total column density. The actual column density must be
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at least a factor of six higher when using the gas temperature obtained from CO.

3.4.4 Cooling balance
The ratio of the energy emitted by the interstellar gas in the two main far-infrared cooling
lines ([O i] and [C ii]) relative to the integrated far-infrared continuum emitted by the dust
can be used to estimate the gas-heating efficiency when assuming that the far-infrared flux
reflects the total energy of the incident stellar radiation field by converting it to infraredwavelengths through absorption and re-emission in an optically thick medium (see e.g.
Okada et al. 2013). As access to the [O i] line became possible only very recently, the
[C ii]/FIR intensity ratio is often used to measure the efficiency of the gas heating. This
allows variations in the efficiency of the photoelectric heating from dust grains to be
addressed because photoelectric heating is the most important gas heating process in
PDRs (Hollenbach & Tielens 1999).
Although the definition of the far-infrared varies between different papers (e.g. as FIR
integrated from 42 to 122 µm, or as TIR integrated from 3 to 1100 µm; Dale & Helou
2002), the typical range of the gas heating efficiency in Galactic PDRs, star-forming
regions in LMC, and M33 is 10´3 –10´2 both when being traced by [O i]`[C ii] (Okada
et al. 2013; Lebouteiller et al. 2012; Mookerjea et al. 2011; Mizutani et al. 2004) and
when traced only by [C ii] (Okada et al. 2015; Lebouteiller et al. 2012; Mookerjea et al.
2011). As an extreme case, Vastel et al. (2001) found an efficiency of 10´4 in W49N,
which is illuminated by an intense UV field.
For the region around the embedded sources, the far-infrared luminosity was derived
from PACS and SOFIA-FORECAST observations by Koumpia et al. (2015). It was integrated from the observed intensities between 11 and 187 µm further extrapolated linearly
to zero flux levels at longer wavelengths. Figure 3.15 compares the energy radiated in our
fine-structure lines with the total infrared flux (λ ą 11 µm) at the resolution of 132 from
the PACS continuum data.6 In the background we see the infrared flux from the three
embedded sources with luminosities of 10000 Ld (IRS 1), 2000 Ld (IRS 2), and 1300 Ld
(IRS 3) (Koumpia et al. 2015). The contours show the ratio of the sum of the [O i] and
[C ii] fluxes relative to the total infrared (upper plot) and the [C ii] line only (lower plot)
in logarithmic units.
The [C ii]/TIR ratio shows an almost spherically symmetric picture around IRS 1, being dominated by the variation of the infrared continuum flux. The values of 10´3 –10´2 ,
typically observed in other Galactic PDRs, are only seen at the southwestern edge of the
mapped area closest to the illumination by HD 211880. Around the embedded sources,
the infrared luminosity grows without a corresponding growth of the fine-structure line
luminosity resulting in [C ii]/TIR ratios below 10´5 close to IRS 1. The fine-structure
peak at IRS 2 only weakens this global scenario slightly, resulting in a “dip” in the contours next to IRS 2.
6

Our line cooling estimates for the 8.32 source at IRS 2 in Sect. 3.4.2 slightly deviate from the numbers
given here because of the coarser resolution applied here compared to the direct fit of the emission profile.
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Figure 3.15: Comparison of the line cooling with the infrared continuum cooling. The

background colors show the total infrared flux integrated from wavelengths starting at
11 µm (Koumpia et al. 2015). The contours give the decadic logarithm of the ratio of
the integrated line flux relative to the continuum flux. In the top panel we use the sum of
the [O i] and [C ii] fluxes, in the lower panel, we only show the [C ii]/TIR ratio as used in
many existing investigations.
When including the [O i] line in the comparison, the ratio increases by a factor of
three close to the sources and the fine-structure line peak close to IRS 2 creates a plateau
in the energy ratio of about 2 ˆ 10´4 in agreement with the results obtained in Sect.
3.4.2. At lower densities towards the map boundaries the [O i] contribution is negligible.
For IRS 1, even the cooling through the lines of the CO ladder is four times stronger
than the sum of the [C ii] and [O i] cooling power (see Fig. 3.14), for IRS 2 CO sums up
to half of the fine-structure line cooling. Including the CO rotational ladder in the gas
cooling budget raises the line-to-continuum ratio to 1 ´ 3 ˆ 10´4 , i.e. values that are
still extremely small in the Galactic context and that would be interpreted as FIR line
deficit when observed in external galaxies (e.g. Luhman et al. 1998; Malhotra et al. 2001;
Herrera-Camus et al. 2015). However, none of the proposed explanations for the FIR line
deficit in external galaxies applies to our case (see Sect. 3.5).
The ratio between the [O i] and [C ii] intensities is considered as one of the main
characteristics of PDRs. For high UV fields, the gas temperature is always above the
upper level energy of both transitions so that the ratio between the two lines directly
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Figure 3.16: Comparison of the total line cooling flux provided by the sum of the [O i]

and [C ii] lines (colors) to the [O i]/[C ii] line flux ratio (contours from 0.4 to 2.8 in steps
of 0.4). The computation is performed in a common effective beam of 152 .
measures the density (Kaufman et al. 1999). However, owing to the higher energy of
the [O i] transition, it falls off quite quickly at low UV fields resulting in negligible [O i]
cooling for low densities and UV fields (Röllig et al. 2006b).
As already seen in Fig. 3.15, the relative contribution of [O i] and [C ii] to the cooling
changes significantly over the cloud. Figure 3.16 shows the total line cooling budget of
the [O i] and [C ii] lines in colors and the [O i]/[C ii] line ratio in contours. We find a
relatively constant ratio of 2.5–3 in the whole area of the central cluster connecting IRS 1
and IRS 2. Here, [O i] dominates the gas cooling. A value of 3 is representative of either
very high UV fields and low densities or low UV fields and very high densities. For the
high densities and UV fields around the central cluster, we would, however, expect much
higher values as a result of the high abundance and emissivity of oxygen in that regime.
When leaving the area of the central cluster, the contribution of [O i] to the total line
cooling budget quickly drops off. This should reflect a combination of a reduced density
and temperature as measured by CO (Fig. 3.9). While the density drops more quickly
south of IRS 1, the temperature drops more quickly north of IRS 2. The asymmetry of
the [O i]/[C ii] ratio plot indicates that the density is the dominating factor here. In the
bulk of the cloud and the interface, the cooling strength of the [O i] line can be completely
neglected. [C ii] is the only relevant gas cooling line xxx there.

3.4.5 PDR model interpretation
To overcome the RADEX assumption of constant excitation conditions within the emitting region as an oversimplification we switch to theoretical models for PDR structures
that self-consistently compute the temperature and chemical structure of PDR layers
around illuminating sources, allowing us to compare the line observations with the model
predictions for different densities and radiation fields.
One critical input parameter is the strength of the impinging UV radiation field. It
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can be computed by assuming that in an optically thick configuration all UV photons are
eventually converted into observable infrared photons. Then we obtain the strength of
the incident radiation field in terms of the Draine field (Draine 1978) as
χ“

ITIR ˆ 4π
,
2 ˆ 2.7 ˆ 10´6 W{m2

(3.2)

where the factor of 2 in the denominator accounts for half of the heating photons at
wavelengths out of the UV band (e.g. Röllig et al. 2011). Using the total infrared flux
values from Sect. 3.4.4 results in χ “ 5.6 ˆ 104 χ0 for IRS 2 and 1.2 ˆ 105 χ0 for IRS 1.
For the interface, the UV field was derived previously to fall between 140 χ0 (Poelman &
Spaans 2005) and 230 χ0 (Timmermann et al. 1996).
As a simple and straightforward model, we can treat the PDRs in S 140 as planeparallel slabs simulated by Kaufman et al. (1999). In the model line and continuum,
intensities are self-consistently computed for a face-on configuration taking the optical
depths of the lines into account. This allows us to directly read the source parameters
from the [C ii] line intensity, the [O i]/[C ii] intensity ratio, and the ([O i]+[C ii])/TIR ratio
(Figs. 3-6 from Kaufman et al. 1999). As the model has only the two parameters of gas
density and incident radiation field, the problem is over-determined allowing us to assess
the consistency of the description. Depending on the source geometry, we may, however,
introduce the inclination angle as an additional free parameter providing a line-of-sight
increase in the column densities because the model is only computed for a face-on PDR.
This model is clearly appropriate for the external cloud surface representing an almost edge-on PDR illuminated by HD 211880. The main [C ii] and [O i] emission from
a plane-parallel PDR stems from gas within AV ď 2 from the cloud surface (Röllig et al.
2007). This is also the approximate scale of chemical stratification in the PDRs (Hollenbach & Tielens 1999). In Fig. 3.2 we can directly measure the stratification between
CO 2-1 and [C ii] as 152 or 0.05 pc. This allows the gas density to be estimated as
nH « 2 ˆ pNH {AV q{0.05 pc “ 2.5 104 cm´3 .
When reading the model predictions for the given parameter combination of density
and previously fitted UV field for the interface, we obtain a [C ii] line intensity of 3 ˆ
10´7 W sr´1 m´2 , a [O i]/[C ii] energy ratio of 5, and a line-to-continuum ratio of 0.02.
Unfortunately, we do not have numbers for the infrared continuum flux at the interface
position as it was outside of the region observed by FORECAST and PACS. We can,
however, assume that the ([O i]+[C ii])/TIR ratio falls above the value of 10´2 seen in the
southwestern edge of the mapped area (Fig. 3.15). The measured [C ii] line intensity is,
however, 10´6 W sr´1 m´2 , a value that is obtained in the model only for UV fields above
2 ˆ 104 χ0 and high densities. In contrast, the measured [O i](63 µm)/[C ii] energy ratio
is 0.3, a value that is found in the model only for UV fields of about 30 χ0 and below.
A solution can be achieved by introducing the inclination angle of the PDR as an
additional parameter and changing the assumption on the impinging UV field. If the PDR
inclination provides a geometrical magnification of the [C ii] intensity in the optically
thin case and we assume that [O i] is optically thick so that it is not amplified in the same
way, the observed [C ii] intensity can be corrected downwards and the [O i]/[C ii] ratio
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upwards. For an amplification factor of eight, we obtain a match of both quantities with
the model at a UV field of 60 χ0 . This is lower than obtained in the previous PDR model
fits, but still six times higher than measured deeper in the S 140 region by Li et al. (2002).
Because our gas density value is based on a rough estimate only, we should assume a
factor of two error bar for all numbers for a conservative approach. The geometrical
amplification of a factor of eight is obtained by an inclination angle of 80–85 degrees
relative to the face-on orientation. The study of the [O i](145 µm)/[O i](63 µm) line ratio
based on PACS data in Appendix 3.B suggests a somewhat lower amplification factor of
four.
We can try to use the same model as an approximation for the internal PDR around
the cluster at IRS 2 that gives rise to the observed [C ii] and [O i] peak. Here, we assume
that the PDR will form a shell around the cluster with a face-on front and back side. For
the gas density, the value of 1.4 ˆ 105 cm´3 from Sect. 3.4.2 provides a lower limit.
Reading the observables from the model for this density and the UV field of 5.6 ˆ 104 χ0
gives a [C ii] line intensity of 1 ˆ 10´6 W sr´1 m´2 , a [O i]/[C ii] energy ratio of 40,
and a ([O i]+[C ii])/TIR ratio of 3 ˆ 10´3 . Comparing this to our measured values of
1.5 ˆ 10´6 W sr´1 m´2 , 5.6, and 2 ˆ 10´4 we find a good agreement for the [C ii] line
intensity when assuming that the radiation from both surfaces adds up in the optically
moderately thick line (τ̂ “ 2, see Sect. 3.3.1). However, the observed [O i] line intensity
is about seven times lower than predicted resulting in a line-to-continuum ratio that is
also six times lower.
The much lower [O i] intensity in the observations may stem from the shell configuration where we expect a decreasing [O i] excitation temperature towards the observer
in contrast to the face-on configuration of the PDR model where we directly observe the
illuminated side of the PDR. For [C ii] both configurations do not make a big difference
as C` is only abundant in the narrow AV ă 2 layer, but atomic oxygen is also abundant in
the cool environment at the back side of the PDR, potentially absorbing a large fraction
of the [O i] emission from the PDR. If we assume that this self-absorption is as strong
as a factor of seven, much higher than estimated from the line profiles in Sect. 3.3.1, we
obtain a self-consistent picture for the PDR of IRS 2 in the frame of the PDR model from
Kaufman et al. (1999). This self-absorption by a factor of seven is also consistent with
the [O i](145 µm)/[O i](63 µm) ratio observed by PACS (Appendix 3.B).
By further inspecting the model output as a function of density, we can also constrain the maximum density of the PDR. When increasing the density by a factor of ten
above our lower limit, the [C ii] intensity drops by a factor of two while the predicted
[O i] intensity remains approximately constant. In the shell configuration this cannot be
compensated by a variable inclination angle so that we can constrain the actual density
range to densities below 106 cm´3 . This is consistent with the central density estimate of
9 ˆ 105 cm´3 from the dust modeling in Koumpia et al. (2015). With the assumption of
a very strong [O i] self-absorption, the fine-structure line peak at IRS 2 is thus still consistent with the standard PDR picture in a UV field of 5.6 ˆ 104 χ0 and a density between
1.4 ˆ 105 and 1 ˆ 106 cm´3 .
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However, we are not able to provide a consistent PDR model explanation for the
fine-structure line deficit from IRS 1. The combination of the [C ii] intensity of 4 ˆ
10´7 W sr´1 m´2 , the [O i]/[C ii] energy ratio of 1.6, the line-to-continuum ratio of 2 ˆ
10´5 , and the known UV field of 1.2 ˆ 105 χ0 provides a solution for a gas density of
50 cm´3 and a factor of 1.5 self-absorption of the [O i] 63 µm line only, but this low
density is in clear contradiction to the analysis of the CO lines in Sect. 3.4.1 and the dust
emission profile in Koumpia et al. (2015). In fact, the density around IRS 1 should be at
least as high as towards IRS 2.

3.5

Discussion

Our observational results raise two main questions:
• Why is the fine-structure line cooling from IRS 1 so weak compared to the continuum, with [C ii]/TIR ratios as low as 10´5 ?
• Why do we see significantly more fine-structure line emission from the weaker
source IRS 2 than from IRS 1?
We can discard a number of easy explanations for the lack of [C ii] emission from
IRS 1 and the relative weakness of the [O i] and [C ii] emission from IRS 2:
High-resolution radio continuum observations using the VLA and MERLIN (Tofani
et al. 1995; Hoare 2006) showed ultracompact H ii regions at the positions of IRS 1
and IRS 2. This shows that the embedded sources produce enough UV photons with
energies above 13.6 eV to ionize hydrogen. Therefore, they should also be able to ionize
carbon (11.2 eV) and PAHs and dust grains leading to C` production and a significant
photoelectric heating of the gas. Similarly, Malhotra et al. (2001) proposed radiation from
an older stellar population with an overall redder spectrum to explain the [C ii] deficit, but
in our sources we can be sure to find a very young cluster.
PACS observations of the [N iii] 57 µm line in the frame of the Herschel key project
WADI (Ossenkopf et al. 2011) did not provide any detection of the line in the 472 ˆ 472
area centered at IRS 1. Because of the similarity of the second ionization potential of
nitrogen and carbon, the lack of N`` rules out that carbon is in the form of C`` which
would not contribute to the [C ii] line. Together with the non-detection of the [O iii]
line, this rules out that a high ionization parameter explains the lack of [C ii] and [O i]
emission. Unfortunately, the existing Spitzer IRS spectra do not allow us to constrain the
abundance of other ionized species as they are saturated in most of the field owing to the
large continuum flux. Future observations of infrared lines might show whether there is
a general line deficit from the H ii regions that might be due to strong UV absorption by
dust within the H ii regions preventing any FUV photons from arriving at the molecular
gas around them.
The intensity of the far-infrared lines may be reduced by dust extinction for very
large column densities (see e.g. Etxaluze et al. 2013). Mainly constrained by 450 µm
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SCUBA observations we derived in Koumpia et al. (2015) a total visual extinction of
AV « 50 towards IRS 1 and up to AV « 100 towards IRS 2. The dust opacities should
fall between the values for diffuse clouds (82 cm2 {g at 63 µm, 12 cm2 {g at 158 µm, Li
& Draine 2001) and those for dense clumps (211 cm2 {g at 63 µm, 41 cm2 {g at 158 µm,
Ossenkopf & Henning 1994a, model 5) providing optical depths of τ63 µm “ 0.1 ´ 0.25
and τ158 µm “ 0.01 ´ 0.05 for IRS 1 and τ63 µm “ 0.2 ´ 0.5 and τ158 µm “ 0.03 ´ 0.2
for IRS 2 when we assume that half of the dust is located in front of the line-emitting
gas. This may provide a reduction of up to 40 % for the [O i] intensity towards IRS 2, but
only a negligible effect for all other cases, in particular for the [C ii] line, which does not
explain the overall large deficiency.
Herrera-Camus et al. (2015) proposed a redistribution of the cooling power from [C ii]
to the [O i] 63 µm line in dense material as an explanation for the [C ii] deficit, but as we
observed both lines, we can be sure that this can only apply for the self-absorbed part
of the [O i] line as all other photons are measured. We find, however, a redistribution of
cooling power to the CO rotational lines. They can carry as much as half of the energy
of the [O i] line, but clearly do not account for a factor of 100 difference.
Based on the spatial and spectral information in our data we can exclude a shockorigin of our fine-structure peak. It is about 52 away from the outflow knots from IRS 1
mapped by Weigelt et al. (2002) and the fine-structure lines do not show the outflow
wings seen in e.g. [C i] by Minchin et al. (1994) or seen in our low-J CO data. In
case of outflow-excited [O i] emission we expect a wider line width in [O i] than in CO,
as observed in e.g. G5.89-0.39 by Leurini et al. (2015) and not the opposite behavior.
Moreover, the [O i] line has a slightly blue-skewed profile that is representative of infall
rather than outflow.
In the frame of PDRs, low line-to-continuum cooling ratios are explained by either
very high or very low charging parameters χ{n (e.g. Kaufman et al. 1999). High χ{n
values lead to positively charged dust grains and PAHs, lowering the photoelectric efficiency . They are obtained for very high UV fields at low densities. In the opposite case
all material remains cold and no C` is produced so that most energy is emitted in CO
lines. However, our CO and dust observations exclude low densities around the infrared
sources (Sect. 3.4.3), the measured [C ii] intensity excludes the cold-gas solution, and the
UV fields are constrained by the measured infrared luminosity.
Alternatively, the photoelectric efficiency can be reduced by the destruction of PAHs
since they are the dominant carrier of the photoelectric heating (Bakes & Tielens 1994).
As mentioned above, the saturation of the IRS spectra around infrared sources prevent
us from examining the PAH spectra directly, but when we compare the relative strength
of the PAH 11.3 µm feature against the underlying continuum southwest of IRS 1, we
find some reduction in the area closer to IRS 1 (20–302 from IRS 1) compared to 30–502
from IRS 1. However, the spectra still show an infrared excess from very small dust
grains indicating that the reduction in the PAH abundance can only weakly reduce the
overall surface for the photoelectric effect.
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The relative weakness of the fine-structure lines and the low [O i]/[C ii] ratio ask for
an explanation by deviations of the conditions in S 140 from the “standard PDR”. For
the [O i] line the low intensity can be explained by a scenario with a decreasing [O i]
excitation temperature towards the observer, resulting from a decreasing gas temperature
and/or density. Owing to the high column density of atomic oxygen at low temperatures,
this geometry can provide a strong self-absorption, explaining the factor of seven reduction of the [O i] line intensity observed towards IRS 2. However, this mechanism can
hardly be responsible for the same kind of reduction in the [C ii] line intensity towards
IRS 1. As C` quickly recombines in a dense gas at low temperatures, finally forming
CO, we do not expect large quantities of cold C` in the line of sight that can produce the
same kind of self-absorption for the [C ii] fine-structure line. A very special configuration would be needed that allows for a significant amount of cold low-density C` gas in
a clumpy medium behind a layer of dense and warm gas facing the H ii region around the
embedded cluster.
Beyond the relative weakness of the fine-structure lines relative to the continuum flux,
we find puzzling combinations of detections:
1. IRS 2, with 2000 Ld , shows strong [O i], [C ii], and CO (and isotopologues) emission at about -6.5 km s´1 and has associated ultracompact H ii regions.
2. IRS 1, with 10000 Ld , shows only weak [C ii] and [O i] emission at the main velocity of the cloud of -8 km s´1 . The CO lines have a somewhat smaller intensity than
for IRS 2 and the optically thin lines are centered at the IRS 2 velocity, showing
only an emission wing at -8 kms also indicating a relative lack of CO emission
from IRS 1. An ultracompact H ii region and an outflow were detected.
3. IRS 3, with 1300 Ld , shows [O i] but hardly any [C ii]; CO is comparable to IRS 1,
but spatially not separated in our beam. The source, however, shows no associated
H ii region.

3.6

Summary

Our GREAT observations of S 140 showed a pronounced peak in the emission of the
[O i] 63 µm and [C ii] lines 202 north of IRS 1, the main embedded source dominating
the infrared field in the whole region. The fine-structure line peak can be associated with
a weaker infrared source, IRS 2, and the GREAT observations resolve the size of the
emitting region to a diameter of 0.03 pc. The velocity of the gas at that position is offset
by about 1.5 km s´1 from the bulk of the molecular material in S 140. The gas density
of the emitting gas must be at least 1.4 ˆ 105 cm´3 to allow for the observed strength of
the [C ii] line. In spite of its absolute strength, the [O i] 63 µm line is, however, relatively
weak compared to what is expected from the [C ii] intensity and the infrared continuum.
This can only be explained by a strong self-absorption in the foreground medium with a
large optical depth. For [C ii] we measured an optical depth of τ̂ « 2.
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From IRS 1 we find only relatively weak [C ii] and almost no [O i] emission in spite
of its high luminosity of 104 Ld and a known ultracompact H i region. The main heating
source of dust and large-scale gas in S 140 is not responsible for the [C ii] and [O i] peak,
but shows an extreme fine-structure line deficit. While for IRS 2, the low value of the
([C ii]+[O i])/TIR ratio, also matching the criterion for a line deficit, can be explained by
the strong [O i] self-absorption, this explanation does not work for IRS 1, and in particular
not for the low [C ii] intensity observed there. Solving the puzzle of the extremely low
fine-structure emission in S 140 may provide the general explanation of the fine-structure
line deficit in galaxies with high infrared luminosities.
At the cloud surface of S 140 we find a classical PDR, showing the expected stratification in the line tracers and producing strong [C ii] emission. The [C ii] line is narrower
there, having an optical depth of τ̂ « 3. The combination of the observed stratification
and line intensities of [C ii] and [O i] can be explained by a plane-parallel PDR model
with a density of 2.5 104 cm´3 if we assume that the surface is tilted by an inclination angle of 80–85 degrees relative to the face-on orientation and illuminated by a a UV field of
60 χ0 , a value that is lower than obtained in the previous PDR model fits in the literature.
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3.A

Comparison to Herschel data

In the frame of the WADI key project (Ossenkopf et al. 2011), S140 was observed with
the HIFI and PACS instruments, also covering the [C ii] and [O i] lines7 . Part of the results
were also used in the papers of Dedes et al. (2010) and Koumpia et al. (2015). Due to
the limited observing time in the key project only a small part of the source was covered.
In the overlapping part we use the data here to check the consistency with our new, more
extended observations with GREAT.

3.A.1 PACS spectroscopy
The [O i] and [C ii] lines were observed earlier in S 140 through the PACS instrument on
board Herschel in the frame of a spectral scan at two individual pointings, one centered at
IRS 1 and the other close to the cloud surface towards HD 211880. The PACS footprint is
not fully sampled so that it may miss part of the flux between the pixels, but if we assume
a source size of 5.52 or above that missing flux should be small so that we can use the data
to check the consistency with the GREAT observations. The spectral resolution of PACS
was insufficient to resolve the line, so that we can only compare integrated intensities.
Figure 3.17 compares our new intensity map with the PACS data for the two footprints. We see that the spatial structure of the emission peaks around IRS 2 and the
interface is consistent between PACS and GREAT data. The PACS data just miss the
global emission peak, but they peak at the position closest to the true maximum and they
also trace the structure of the extended emission at the outer cloud interface. When comparing absolute intensities, however, we find systematically somewhat lower intensities
in the PACS data than in the GREAT data.
To understand whether this is a calibration problem, we computed the pixel-to-pixel
statistics in the resampled map. This is shown in Fig. 3.18. We find a uniform behavior between both footprints; the PACS intensity is offset from the identity by about
30 K km s´1 . This means that we do not have a calibration difference, but a difference
in the absolute level. This can be naturally explained if there is a 30 K km s´1 contamination of the OFF position used as the reference in the PACS observations. The GREAT
observations use a well-controlled OFF position 6.51 southwest of the molecular cloud,
while the chopped PACS observations involve a reference that falls 61 into the molecular cloud. Some [C ii] emission from that region is quite likely and would explain the
constant absolute offset between the GREAT and PACS intensities.
As the [O i] emission is much less extended, we expect no OFF contamination in
the PACS data for this line. Figure 3.19 compares the spatial distribution of the [O i]
integrated line emission measured by PACS with our GREAT observations. The spatial
distributions of the emission seen through GREAT and PACS agree relatively well, hav7

Herschel obsids: PACS: 1342222255 (IRS 1 [O i] 63 µm), 1342222256 (IRS 1 68–208 µm),
1342222257 (Interface [O i] 63 µm), 1342222258 (Interface [O i] 145 µm), 1342222259 (Interface [C ii]
158 µm), HIFI: 134290781 ([C ii])
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Figure 3.17: Integrated map of [C ii] obtained in the GREAT observations (contours)

overlaid by colors of the [C ii] line intensity from the two PACS footprints. The top
image shows the intensities in the original PACS footprints. In the bottom version this is
resampled to the positions of the GREAT map with an effective resolution of the 17.22
beam.
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Figure 3.18: Measured intensities in the different pixels from Fig. 3.17b as seen by

GREAT and PACS. Green asterisks represent the footprint around IRS 1, black plus
signs the footprint at the outer interface. The brown line shows the identity, the blue
line represents an identity with an offset of 30 K km s´1 .

ing the peak again around IRS2, but for the individual intensities we find some significant
deviations. Figure 3.20 compares PACS and GREAT intensities from two different ways
of resampling. One is shown in the lower panel of Fig. 3.19, namely both maps are resampled to a common 42 grid with 122 resolution (green asterisk and black plus signs
in Fig. 3.20). Since the PACS map is not fully sampled, we extracted the flux based on
the geometrical overlap. In the second method, we used the integrated intensity of the
original 5 ˆ 5 PACS spaxels, and resampled the GREAT data to each spaxel position
(blue diamonds and orange triangles in Fig. 3.19). The resulting trend is the same with
both methods. There is a good match for the map around the interface and for the highest
intensities close to IRS 2 at the northern boundary of the PACS field. However, across
the PACS array centered at IRS 1, the intensities seem to be systematically too high. Offcontamination on the GREAT side can be excluded as it would show up as a constant
offset like that seen in the [C ii] case. Moreover, we used the same reference position as
for [C ii], and [O i] is rather less extended than [C ii] owing to the higher critical density.
One can see in Fig. 3.20 that the different ways of resampling the data do not make any
significant difference. The PACS observer’s manual (v2.3) does not provide any direct
explanation. The wavelength of 63 µm is not listed as a ghost from other strong emission
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Figure 3.19: Integrated map of [O i] obtained in the GREAT observations (contours) over-

laid on the colors of the [O i] line intensity from the two PACS footprints. The top image
shows the intensities in the original PACS footprints with GREAT data convolved to 102
resolution. In the bottom version both maps are resampled to the positions of the GREAT
map for the effective resolution of a circular 122 beam.
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Figure 3.20: Measured intensities in the different pixels of Fig. 3.19 as seen by GREAT

and PACS. Green asterisks represent the footprint around IRS 1 and black plus signs
the footprint at the outer interface when both data sets are resampled to a common 122
resolution (Fig. 3.19b). Blue diamonds and orange triangles are obtained when we resample the GREAT data to the 25 pixels of the PACS array using the 92 PSF of PACS for
the IRS 1 region and the interface, respectively (Fig. 3.19a). The brown line shows the
identity.
lines and it is not in the leakage wavelength range. We can only speculate that this may
be a stray-light problem where the strong [O i] emission just at the edge of the PACS
footprint is partially picked up in the adjacent spaxels. Unfortunately, there are no calibration data available to verify that situation as the calibration observations were not set
up to just miss the target. Hence, we cannot provide a quantitative explanation for the
mismatch.

3.A.2 HIFI cut
The [C ii] line was also observed by HIFI (Dedes et al. 2010) in a single strip going
through IRS 1 and the surface, oriented to the same angle of 37 degrees east of north as
our GREAT map. In Fig. 3.21 we compare individual HIFI spectra along that cut at a
half-sampled spacing with the corresponding GREAT spectra obtained by averaging all
data in a 62 circle around the HIFI positions.
We generally find a very good match between HIFI and GREAT spectra, in particular
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Figure 3.21: [C ii] spectra taken with HIFI (black) and GREAT (red) along a 37 degree

cut through IRS 1 and the cloud surface. The HIFI cut extends deeper into the cloud and
only every second spectrum is plotted. The corresponding GREAT spectra were averaged
in a 62 circle around the HIFI position.
the line shapes agree in all details, but at some positions the GREAT peak intensities are
larger by a few percent up to 15 %. First of all, this confirms the good relative calibration
and pointing accuracy of both instruments/telescopes. The higher intensity of GREAT
at an offset of ´502 and `122 could be due to the somewhat larger telescope beam of
SOFIA leading to more intensity pickup from the surface at ´502 and from the newly
detected intensity peak north of IRS 1 at `122 .

3.B

The [O i] 145 µm/63 µm ratio

In spite of the possible stray-light issue of the PACS [O i] map (see Appendix 3.A.1), we
can also try to use the [O i](145 µm)/[O i](63 µm) line ratio to constrain the parameters
of the PDRs in S 140, assuming that the ratio between both lines should be more robust
than the simple integrated line intensity.
Because the excitation energy of the 145 µm line of 325 K lies above that of the
63 µm line (228 K) the [O i](145 µm)/[O i](63 µm) measures temperature (or gas heating
through the UV field) in the temperature range of about 300 K. In many cases, however,
this ratio may be dominated by the optical depth in the 63 µm line (Kaufman et al. 1999;
Malhotra et al. 2001). A low [O i](145 µm)/[O i](63 µm) compared to the PDR model
prediction is observed in many PDRs, and the foreground absorption, opacity effect of
the [O i] 63 µm, and the cloud geometry are proposed as possible explanations (Liseau
et al. 1999; Caux et al. 1999; Giannini et al. 2000; Okada et al. 2003). Liseau et al.
(2006) provided the theoretical estimates of this ratio for different physical conditions. In
the case of optically thin emission, a ratio above 0.1 can be achieved only when the gas
temperature is ą 500 K and the collision partner is H2 , which is unlikely. For the optically
thick case, their calculation with the density of 3 ˆ 104 cm´3 shows that the column
density of N(H)ą 1024 cm´2 would be required to make the [O i](145 µm)/[O i](63 µm)
ratio above 0.1.
Figure 3.22 shows the integrated intensity ratio of [O i](145 µm)/[O i](63 µm) from
the two PACS footprints centered at IRS 1 and at the interface observed in the frame of
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Figure 3.22: Observed ratio of the [O i] 145 µm to [O i] 63 µm line integrated intensity

seen by PACS (colors) overlaid on the contours of the [O i] 63 µm emission measured by
GREAT.
the Herschel key project WADI (Ossenkopf et al. 2011). For the interface parameters
discussed above, the face-on PDR model produces a [O i](145 µm)/[O i](63 µm) ratio of
0.04, whereas the observed value is 0.17, i.e. about four times higher. If we interpret it
through the inclination of the PDR in the same way as for the [C ii] line, the ratio asks for
a geometrical amplification of the [O i] 145 µm line by a factor of four, two times lower
than inferred from the [O i](63 µm)/[C ii] ratio in Sect. 3.4.5.
At IRS 2, [O i](145 µm)/[O i](63 µm) from the PACS observations is 0.3. For the
PDR with a UV field of 5.6 ˆ 104 χ0 and a density between 1.4 ˆ 105 and 106 cm´3
(Sect. 3.4.5), the predicted ratio is 0.03–0.045. Since the absorption by the cold gas at
the back side of the PDR should affect only the 63 µm transition, a factor of 7-10 of selfabsorption is required to be consistent with the model predicted [O i](145 µm)/[O i](63 µm.
At IRS 1, the observed [O i](145 µm)/[O i](63 µm) is 0.1, which suggests PDR gas
with a density of 103 –104 cm´3 and a UV field of ą 106 , but as discussed in Sect. 3.4.5,
there is no consistent model for IRS 1.

E. Koumpia, F.F.S. van der Tak, W. Kwon, J.J. Tobin, G.A. Fuller, R. Plume – “The evolutionary status of
dense cores in the NGC 1333 IRAS 4 region”, Submitted in Astronomy & Astrophysics

Chapter 4

The evolutionary status of dense cores in the
NGC 1333 IRAS 4 region
Every experiment proves something. If it
doesn’t prove what you wanted it to
prove, it proves something else.
Prof. Anon

Abstract
Protostellar evolution, following the formation of the protostar is becoming reasonably well characterized, but the evolution from a prestellar core to a protostar is not
well known, although the first hydrostatic core (FHSC) must be a pivotal step.
NGC 1333 – IRAS 4C is a potentially very young object, that we can directly compare with the nearby Class 0 objects IRAS 4A and IRAS 4B. Observational constraints are provided by spectral imaging from the JCMT Spectral Legacy Survey (330–373 GHz). We present integrated intensity and velocity maps of several
species, including CO, H2 CO, CH3 OH. CARMA observations provide us with additional information to distinguish IRAS 4C from other evolutionary stages.
The velocity of an observed outflow, the deuterium fractionation of [DCO` ]{[HCO` ],
the degree of CO depletion and gas kinetic temperatures are observational signatures that we present.
We report differences between the 3 sources in four aspects: a) the kinetic temperature as probed using the H2 CO lines are much lower towards IRAS 4C than the
other 2 sources, b) the line profiles of the detected species show strong outflow activity towards IRAS 4A and IRAS 4B but not towards IRAS 4C, c) the HCN/HNC is
ă 1 towards IRAS 4C, which confirms the cold nature of the source, d) the degree of
CO depletion and the deuteration are the lowest towards the warmest of the sources,
IRAS 4B.
IRAS 4C seems to be in a different evolutionary state than the IRAS 4A and IRAS 4B
sources. We can probably exclude the FHSC stage due to the relatively low L smm /Lbol
(„6 %) and we investigate the earliest accretion phase of Class 0 stage and the
transition between Class 0 to Class I. Our results do not show a consistent scenario
for either case, with the major issue being the absence of outflow activity and the
cold nature of IRAS 4C. The number of FHSC candidates in Perseus is „10 times
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higher than current models predict, which suggests that the lifespan of these objects
is ě 103 years, possibly due to an accretion rate lower than 4ˆ10´5 Md /yr.
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4.1

Introduction

tars form by gravitational collapse of dense cores in molecular clouds. In order to
understand the origin of stellar masses, multiple systems and outflows, it is necessary
to understand the formation and evolution of dense cores. Representing the earliest phase
of star formation, both prestellar and protostellar cores have been observed and studied
using large (sub–) millimeter telescopes (e.g. JCMT; Enoch et al. 2006; van Kempen et al.
2006), infrared (e.g. Spitzer; Evans et al. 2003, 2009; Jørgensen et al. 2006; Hatchell
et al. 2005; Young et al. 2004) and interferometers (e.g. CARMA; Enoch et al. 2010;
Di Francesco et al. 2001a). While the basic evolutionary ordering of protostellar objects
seems firmly established (e.g.; André et al. 2000), we still do not have a clear view of the
evolutionary process that turns a prestellar core into a protostar (Bergin & Tafalla 2007a;
Evans et al. 2009).
The transition from pre–stellar to protostellar cores is predicted to be the first hydrostatic core, FHSC (Larson 1969) which is characterized by a very short lifetime („1000
years; Machida et al. 2008). Recent studies have provided a few candidates including
Per–bolo 58, L1448–IRS2E, LDN 1451–mm, B1–bN, B1–bS and Per–bolo 45(Enoch
et al. 2010; Chen et al. 2010; Pineda et al. 2011; Pezzuto et al. 2012; Schnee et al. 2012).
Statistically, using

S

τFHS C
(4.1)
τCLAS S 0
and assuming a lifespan of „103 yrs for FHSC and 2.2„105 yrs for Class 0 objects
(Enoch et al. 2009b), while there are about 27 Class 0 objects in Perseus (Enoch et al.
2009b), the predicted number of FHSC in Perseus is ď 0.2. Another very early stage
of low–mass star formation is the very low luminosity object (VeLLO). This object is
characterized by internal luminosity ď0.1Ld , which is an order of magnitude fainter than
the accretion luminosity (1.6Ld ) that the lowest mass protostar („0.08 Md ) and 3 Rd can
produce assuming an accretion rate of 2ˆ10´6 Md /yr (Evans et al. 2009). Dunham et al.
(2008) report 15 VeLLO candidates, while even fewer have been studied in detail (e.g.
L1014–IRS, L1521F–IR, IRAM 04191+1522; Young et al. 2004; Bourke et al. 2006;
Dunham et al. 2006). VeLLOs have been associated with a brown dwarf progenitor (Lee
et al. 2013) or a very low mass Class 0 protostar with low accretion, but their exact nature
is still uncertain. VeLLOs have also been found to show outflow activity but it is more
compact, less massive and less energetic than the already known outflows from Class 0
low–mass protostars (Wu et al. 2004; Bourke et al. 2005).
The NGC 1333 region in the Perseus molecular cloud is an excellent laboratory to
study early stages of low–mass star formation. NGC 1333 is a nearby (D=235 pc; Hirota
et al. 2008) and young (ă 1 My; Gutermuth et al. 2008) star forming region. It is a part
of the Perseus OB2 molecular cloud complex which contains a large number of young
stellar objects (YSOs). It hosts about 50 YSOs and 36 Herbig–Haro objects.
While IRAS 4A and IRAS 4B are well studied Class 0 objects, the nature of IRAS 4C
is still under debate. Previous studies, including Enoch et al. (2009b) and Sadavoy et al.
NFHS C “ NCLAS S 0
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(2014) classified IRAS 4C also as a Class 0 YSO. Both IRAS 4A and IRAS 4B are
found to be binaries. Sandell & Knee (2001) and Di Francesco et al. (2001a) resolved
the IRAS 4B/IRAS 4B II binary using JCMT and PdBI reporting the fainter binary companion IRAS 4B II at „102 to the east of IRAS 4B. IRAS 4B II has been called IRAS 4C
as well (e.g.; Looney et al. 2000a) but IRAS 4C is generally used as the source in our
work which is „402 east–northeast of IRAS 4A (e.g.; Smith et al. 2000). Interferometric observations of ammonia towards all three sources were briefly reported in Wootten
(1995), where only the emission from IRAS 4A was clearly associated with outflowing
warm gas. In the same study IRAS 4C shows a weak association with any structure located near the protostellar environment. Interferometric observations of ammonia and
of deutero–ammonia towards IRAS 4A and IRAS 4C were reported in Shah (2000) and
Shah & Wootten (2001) and indicated colder conditions towards IRAS 4C.
This paper uses JCMT (James Clerk Maxwell Telescope) molecular line emission and
CARMA (Combined Array for Research in Millimeter-wave Astronomy) dust continuum
observations to clarify the evolutionary status of IRAS 4C, using the nearby IRAS 4A and
IRAS 4B sources as comparison standards and study the physical and chemical structure
that characterizes these very early evolutionary stages. Our study of IRAS 4C is unique
since it provides information about the spatial and velocity structure of many molecules
while it has previously been studied mainly photometrically (e.g.; Dunham et al. 2008;
Enoch et al. 2009b; Sadavoy et al. 2014). In order to understand the nature of IRAS 4C,
it is crucial to obtain the properties of the dust and gas that are present in its envelope
and outflow. One of the observational signatures that distinguish a FHSC from a typical
protostar is the velocity of the molecular outflow. According to models, a FHSC should
be able to drive an early outflow which is expected to be weak and of low velocity V „ 3
km s´1 (Machida et al. 2008; Tomida et al. 2010), while the typical speed of a protostellar
outflow is 10–20 km s´1 (Arce & Sargent 2006). Thus, measuring the velocity of an observed outflow could test the evolutionary stage of IRAS 4C. Another observational tool
is the deuterium fractionation (e.g. [N2 D` ]/[N2 H` ]), which can be used as a chemical
clock (Belloche et al. 2006; Fontani et al. 2011, 2014b).
Although there is not a single observational signature that determines the evolutionary
stage of such young objects, taken together, the observational properties listed above provide strong tools to distinguish the evolutionary status of IRAS 4C compared to IRAS 4A
or IRAS 4B.

4.2

Observations and data reduction

4.2.1 JCMT
Spectral maps of the NGC 1333 IRAS 4 region were taken as a part of the JCMT Spectral
Legacy Survey (SLS; Plume et al. 2007) with the 16–element Heterodyne Array Receiver
Programme B (HARP–B) and the Auto–Correlation Spectral Imaging System (ACSIS) at
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the James Clerk Maxwell Telescope (JCMT1 ) on Mauna Kea, Hawaii. HARP–B consists
of 16 pixels providing high-resolution (1 MHz, „ 1 km s´1 ) maps of a 21 ˆ21 field. The
original frequency coverage of 330–360 GHz of the survey was complemented by HARP
maps at the window of the higher frequencies (360–373 GHz) as a result of additional
proposals between 2007 and 2010. The observations were performed in a jiggle position
switch mode to create maps of a 21 ˆ21 area with pixels spaced by 7.52 . Our maps were
centered at RA = 03:29:11.3, Dec = 31:13:19.5 (J2000). The spectra were taken using
an off–position at RA = 03:30:21.0, Dec = 31:13:19.5 (J2000) which is about 151 east
of the field center. The angular resolution of the JCMT is „ 152 at 345 GHz which is
equivalent to „ 3000 AU at the distance of NGC 1333 IRAS 4 (Choi et al. 2004). The
beam efficiency is 0.63 (Buckle et al. 2009).
The raw time series files were reduced semi–manually using standard procedures
from the Starlink software package 2 in combination with the ORAC Data Reduction
pipeline (ORAC-DR). Each scan file was inspected and corrected for bad receptors, baseline subtraction and spikes removal, before converting time series frequencies to 3–D data
cubes. The pipeline output was further checked and corrected for remaining baseline issues, high rms noise level cubes or position issues using specific tasks from Starlink. The
overall noisy band edges were ignored, allowing „ 0.85 GHz of bandwidth per frequency
block to be used. The overall rms noise level is ranging between 0.005 and 0.05 K for
the majority of the cubes with detected lines.

4.2.2 CARMA
In order to study the small–scale structure of IRAS 4C (RA = 03:29:13.64, Dec =
31:13:57.5 (J2000)), including dust properties, we obtained single pointing interferometric CARMA 3 observations at 1.3 mm. The 15–element array consists of nine 6.1–meter
diameter telescopes and six 10.4–meter diameter telescopes with a primary beam at 230
GHz of 472 and 282 respectively.
In addition to the dust continuum emission, we observed the following molecular
transitions: CO 2-1 (230.5 GHz), 13 CO 2-1 (220.4 GHz), C18 O 2-1 (219.6 GHz) and
N2 D` (231.3 GHz), which are tracers of an envelope and/or outflow. These observations
were performed in a dual polarization mode that provided us with a better sensitivity in
D configuration. For the CO isotope lines, a 31 MHz bandwidth was used with 3–bit
sample mode, which provides a good velocity resolution („ 0.13 km s´1 ) and width
(„ 40 km s´1 ), in order to trace the kinematics of the envelope as well as the outflow.
These 4 molecular lines were observed simultaneously using 3 bands and the additional
fourth band was set to the wide 500 MHz bandwidth for the continuum emission and
calibration. The CARMA data are characterized by 22 angular resolution („500 AU at
1

The James Clerk Maxwell Telescope has historically been operated by the Joint Astronomy Centre on
behalf of the Science and Technology Facilities Council of the United Kingdom, the National Research
Council of Canada and the Netherlands Organisation for Scientific Research.
2
See http://starlink.eao.hawaii.edu/starlink
3
Combined Array for Research in Millimeter-wave Astronomy; See https://www.mmarray.org
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Figure 4.1: Main line detections of the spectra extracted for the 3 positions of NGC 1333: IRAS 4A (RA = 03:29:10.51, Dec = 31:13:31.4

(J2000)), IRAS 4B (RA = 03:29:12.01, Dec = 31:13:08.0 (J2000)) and IRAS 4C (RA = 03:29:13.64, Dec = 31:13:57.5 (J2000)) covering the
full JCMT range 330–373 GHz. The gap seen at 368–369.5 GHz is due to poor atmospheric transmission. The positions of the 3 sources are
taken from Sandell & Knee (2001). The spectra are plotted with a vertical offset at 0.3, 0.7 and 1.1 intensity levels (K) for easier comparison.
The absorption features at 331.2, 358.8, 359.7, 358.9 and 359.6 GHz cannot be identified. They are very broad (FWHM „75 km s´1 ), and
they were found at the edges of some datacubes, probably artifacts.
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the target distance) and „15 mJy/beam sensitivity. Because the typical dense cores and
envelope sizes are around 5000 AU (Crapsi et al. 2005b), our data resolve the structures
well.
We reduced and edited the visibility data using the MIRIAD software package (Sault
et al. 1995).

4.3

Observational results

4.3.1 Single dish line detections and morphology
The JCMT data provide us with information about the spatial and velocity distributions
of many different molecules. The majority of lines show clear emission towards the
Class 0 IRAS 4A and IRAS 4B sources whereas fewer molecules show compact emission
towards IRAS 4C (Figure 4.1).
Figure 4.2 shows the H2 CO 51,5 –41,4 emission as a representative example of the
spatial distribution seen in all 3 sources. Emission from IRAS 4A and IRAS 4B and
their surroundings is prominent with the strongest emission towards IRAS 4B. There is
also significant emission towards the north of IRAS 4A as a result of its strong outflow
activity. The peak of the red wing emission (from `10 to `17 km s´1 ) of H2 CO is also
at that position. Weak emission of H2 CO can be seen also towards IRAS 4C, which is
more compact. The red and blue wing trace the red–shifted and blue–shifted outflow
activity from both IRAS 4A and IRAS 4B but there is no such signature from IRAS 4C
at those velocities. In the same plot a fourth source of emission is also revealed towards
the southwest of IRAS 4A, which we call IRAS 4–SWC (southwest clump) in this work.
The detected species (Table 4.1–4.3) are divided into two groups. One group is characterized by narrow line profiles (FWHM „ 1–5 km s´1 ) and compact spatial distribution
and is therefore suggested to arise in the quiescent envelope (e.g. C17 O, HCO` , H2 CS and
N2 H` ). The other group is characterized by broad line profiles (FWHM „ 8–16 km s´1 )
and extended emission and is therefore suggested to trace dynamical processes such as
outflows (e.g. CO, HCN, CH3 OH and H2 CO).
Figure 4.3 shows the C17 O integrated intensity map (from `5 to `9 km s´1 ) tracing
the quiescent gas overplotted with the red (from `10 to `25 km s´1 ) and blue (from
-10 to `4 km s´1 ) line profile wings tracing the activity from HCN 4–3 emission shifted
from the LSR velocity (signature of an outflow).
The IRAS 4A and IRAS 4B Class 0 objects, both drive bipolar outflows first detected
in CO and CS by Blake et al. (1995) and few years later in millimeter transitions of SiO
by Lefloch et al. (1998). The strong bipolar collimated outflow driven from IRAS 4A
can also be seen in Figure 4.4, where IRAS 4B shows a compact outflow and IRAS 4C
does not show a bipolar outflow, but a cone–like structure to the east of IRAS 4C. A
water maser was reported by single–dish observations near IRAS 4C by Haschick et al.
(1980), a fact that could indicate the presence of outflow. Several interferometric surveys
that followed though did not detect associated maser emission at the reported position
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Figure 4.2: Integrated intensity map (core; from `5 to `10 km s´1 ) of H2 CO 51,5 –

41,4 in colors, overplotted with its blue (from -5 to `5 km s´1 ) and red (from `10 to
`17 km s´1 ) wing emission in blue and red contours respectively. H2 CO peaks towards
IRAS 4B and shows a weak emission towards IRAS 4C but not connected to outflows.
Note also the small peak to the southwest of IRAS 4A. The red and blue contour levels
are set to 10, 30, 50, 70, 100 ˆrms (rms: 0.02 K).
(Rodríguez et al. 2002; Furuya et al. 2003; Park & Choi 2007). Figure 1 presented by
Park & Choi (2007), shows that the previously reported H2 O maser is „252 to the north of
IRAS 4A and west of IRAS 4C which follow the distribution of the well known outflow
activity from IRAS 4A. The outflows connected to 4A and 4B were measured in water
maser proper motion by (Marvel et al. 2008), who provided the true space velocity.
The continuum emission and the starting point of the cone show an east offset of 142 ,
and it might be associated with the source. Our CO maps are very similar to the ones
presented by Yıldız et al. (2012), where the 6–5 transition is also included. IRAS 4A is
a binary system (Looney et al. 2000b) with a separation of 1.2 8 (420 AU at a distance
of 235 pc) and it is characterized by two outflows of different directions. The strongest
outflow seen in CO is on the NE–SW direction, while other tracers such as H2 CO (Figure 4.2) show a more compact emission on the N–S axis. Similar findings are presented
by Santangelo et al. (2015). The binary nature of IRAS 4A could explain these two
different outflow morphologies observed in different tracers.
Figure 4.5 shows the SiO integrated intensity map in the full range from ´11 to
`23 km s´1 . The peak of this emission is northeast of IRAS 4A, following the red–
shifted outflow activity from IRAS 4A as traced with methanol (CH3 OH, Figure 4.5).
The spatial distribution of SiO follows the same pattern as the spatial distribution of the
extracted outflow activity from CH3 OH. SiO traces even more energetic processes such
as shocks (Duarte-Cabral et al. 2014a). In these tracers IRAS 4C is absent, which is an
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Figure 4.3: Integrated intensity map (core; from `5 to `9 km s´1 ) of C17 O 3–2 in colors,

overplotted with the HCN 4–3 contours tracing outflow activity, namely red wing (from
`10 to `25 km s´1 ) in red contours and blue wing (from -10 to `4 km s´1 ) emission
in blue contours. The plot shows the presence of the bipolar outflows driven by IRAS 4A
and IRAS 4B Class 0 objects. We do not see such activity towards IRAS 4C. C17 O is
stronger towards IRAS 4C than towards IRAS 4B (also see Figure 4.3). The red and blue
contours levels are set to 10, 30, 50, 70 and 100 ˆrms (rms: 0.02 K). The contours on
the top are due to more noisy map towards the edges.

Figure 4.4: Integrated intensity map (core; from `5 to `9 km s´1 ) of CO 3-2 in colors,

overplotted with the red wing (from `10 to `25 km s´1 ) emission (red contours) and
blue wing (from -10 to `4 km s´1 ) emission in blue contours. The plot clearly shows
the strong bipolar outflow driven by IRAS 4A Class 0 object. The red and blue contours
levels are set to 100, 300, 500 and 800 ˆrms (rms: 0.02 K).
indication of less energetic outflow activity.
N2 H` traces very well the distribution of the protostellar envelope and the gas surrounding the protostars, without emission from the IRAS 4–SWC source (Figure 4.6).
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Figure 4.5: Integrated intensity map (from -11 to `23 km s´1 ) of SiO 8–7 in colors,

overplotted with the blue (from -5 to `5 km s´1 ) and red (from `9 to `15 km s´1 ) wing
emission from CH3 OH 7´1,7 –6´1,6 in blue and red contours respectively. The SiO peaks
north of IRAS 4A close to the peak redshifted emission of CH3 OH and traces the shock
activity in the region. No emission connected to IRAS 4C is observed. The red and blue
contours levels are set to 5 30 50 70 100 and 150ˆrms (rms: 0.02 K).
The same figure shows that H2 D` is anti–correlated with the protostar positions, showing emission parallel to the IRAS 4A–4B direction. This covers a part of the area where
the DCO` emission is extended. Deuterated species have been found to trace the coldest
regions of gas where their main destroyer (CO) is frozen out in the grains (Crapsi et al.
2005b; Caselli et al. 1999). The distribution of H2 D` points towards a colder layer of gas
that could explain the enhanced deuterated species.
The species that were detected in all 3 sources include HCN, HNC, HCO` , H13 CO` ,
DCO` , N2 H` , CO, 13 CO, C17 O, H2 CO C2 H, CN and CS. IRAS 4C shows significantly
less amount of transitions of the several species and generally weaker lines by a factor up
to 5 compared to IRAS 4A and IRAS 4B (Figure 4.1).
CH3 OH lines with upper energy levels Eup ą50 K are missing from the spectrum of
IRAS 4C, while the spectrum of IRAS 4A and IRAS 4B show CH3 OH lines with Eup
up to 250 K. This trend is similar for the observed H2 CO lines towards the 3 sources.
IRAS 4C does not show any associated SiO emission. H2 D` does not really peak in any
of the sources, but its spatial distribution reveals that it covers the space between them
(Figure 4.6). A weak emission of 0.08˘0.03 K (ă3 RMS) is observed towards IRAS 4C
but not towards the other sources. Some isotopologues such as H13 CN, H2 13 CO, C34 S,
and deuterated species such as D2 CO and HDCO are also not detected in the spectrum of
IRAS 4C, while they are present in the spectrum of IRAS 4A and IRAS 4B.
The new source, which we will call IRAS 4–SWC for now, is present in multiple
observations including our maps of CH3 OH and H2 CO for Eup ă60 K (RA = 03:29:08.6,
Dec = 31:13:12.6 (J2000)). Prestellar cores are typically detected in (sub–)millimeter
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dust continuum emission, in absorption at mid– and far–infrared wavelengths (Bacmann
et al. 2000) and often show evidence of infall motions (Gregersen & Evans 2000). A protostar on the other hand, is associated with compact radio/centimeter continuum source
accompanied with molecular outflows (i.e. CO), and/or evidence of an internal heating
source (e.g. near/mid infrared emission). IRAS 4–SWC is not seen in mid and far–
infrared wavelengths as compact emission (e.g. SCUBA, Spitzer; Sandell & Knee 2001)
or in absorption which indicates that it is not a separate dense core.

Figure 4.6: Integrated intensity map (from `5 to `9 km s´1 ) of H2 D` 11,0 –11,1 in colors

in colors, overplotted with N2 H` 4–3 in blue contours and DCO` 5–4 in red contours.
The blue contours are set to 5, 20, 30, 40 ˆrms (rms: 0.02 K) and the red contours are
set to 3, 5 and 8ˆrms (rms: 0.03 K).

4.3.2 Line profiles
Figures 4.7, 4.8, 4.9 show representative examples of the observed line profiles towards
IRAS 4A, IRAS 4B and IRAS 4C. In most cases, IRAS 4C shows narrow lines that
can be fitted with a single Gaussian (ă2 km s´1 ) and are 2 to 5 times weaker than the
other two sources (Table 4.1–4.3) with only few exceptions, e.g. C17 O, which is 2 times
stronger towards IRAS 4C than IRAS 4B and has about the same intensity as towards
IRAS 4A. Shah & Wootten (2001) also reported narrow lines towards IRAS 4C (NH3 ;
1.4 km s´1 ). The majority of the lines towards IRAS 4A and IRAS 4B, can be fitted
by 2 Gaussian components, a narrow (1–3 km s´1 ) and a broad (5–12 km s´1 ) with the
broadest to be towards IRAS 4A. The fact that the line profiles from IRAS 4C do not
show any signature of a broader component, and thus outflow (e.g. Figure 4.7) can be
a result of orientation. If it is a projection effect though one would expect to observe
lobes related to the outflow in the CO maps, which is not the case (4.3.1). The cone–like
structure observed in Figure 4.4 is visible only to the east of IRAS 4C.
Broad velocity flows weaken as the core evolves ((i.e. from Class 0 to Class I) Arce
et al. 2007), which results in less clear spectral line evidence of the flows. Flows are also
weaker while forming, in particular in the evolution from a prestellar core to FHSC and
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Figure 4.7: Gaussian fit of a broad and a narrow component of CS 7–6 towards IRAS 4A,

IRAS 4B and IRAS 4C sources (bottom to top). Dense gas tracers such as CS 7–6 do not
show absorption but do show differences in line widths and strengths between the Class
0 objects IRAS 4A, IRAS 4B and the IRAS 4C source (single component).
to Class 0 protostar, resulting in also less broad lines, owing to the lower masses involved
in turbulence and/or infall. The outflow from IRAS 4B is compact and does not appear at
such high velocities as IRAS 4A in Figure 4.2, 4.3, 4.4, and 4.5. At the same time there
is not an outflow signature from IRAS 4C in any of those maps, which can be a result
of the evolutionary status of these 3 objects, orientation and/or the mass. The IRAS 4A
core has been reported to be the more massive, followed by IRAS 4B and IRAS 4C (e.g.
Smith et al. 2000).
Figure 4.8 presents the line profiles of HCN and CO. HCN shows an absorption feature towards IRAS 4A and IRAS 4B but not towards IRAS 4C while CO shows absorption features in all sources. We observe a velocity offset of „1 km s´1 between the peak
intensities of IRAS 4A and IRAS 4B (`6.7 km s´1 ) and IRAS 4C (`8 km s´1 ). This
indicates a foreground cloud. As for the line profiles we observe 5 to 10 times broader
lines in IRAS 4A and IRAS 4B compared to IRAS 4C.
Figure 4.9 shows examples of H2 CO and CH3 OH line profiles towards the 3 sources.
Striking is the 1.5 to 2.5 times weaker emission of H2 CO and CH3 OH transitions toward the IRAS 4C source in comparison with the other 2 sources. We do not detect
H2 CO transitions with Eup ą65 K towards IRAS 4C. Regarding methanol (CH3 OH) lines,
IRAS 4B shows the strongest emission among the sources for all observed transitions,
while IRAS 4A shows about 2 times weaker emission but 1.5 to 2 times broader lines
compared to IRAS 4B. IRAS 4C shows only CH3 OH transitions with Eup ă35 K. A similar picture applies for the H2 CO lines. All the observed transitions but one, are 1.5 to 3
times stronger towards IRAS 4B compared to IRAS 4A (the narrow component) and we
do not observe transitions with Eup ą65 K towards IRAS 4C in contrast with the other 2
sources that we see up to „250 K.
The methanol lines toward IRAS 4B show a red wing at lower energies (Eup ă100 K)
indicative of an outflow activity and mostly a single component at higher energies (100 K
ăEup ă 200 K), which possibly arises in the dense quiescent parts of the protostellar en-
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Figure 4.8: CO and HCN line profiles for IRAS 4A, IRAS 4B and IRAS 4C sources

(bottom to top). Note the absorption towards all positions. IRAS 4A shows a broad wing
component, followed by IRAS 4B but IRAS 4C shows a steep line profile and only a very
narrow red wing. The heavy absorption towards IRAS 4C makes it difficult to fit accurate
Gaussians. The vertical line at `6.7 km/sec indicates the velocity of the source.
velope. The methanol lines appear stronger towards IRAS 4B indicating a higher abundance, while in IRAS 4A the wings are broader and show a blue shifted wing indicating
faster/stronger outflows. The formaldehyde lines follow the same pattern (Figure 4.9).
C2 H is an exception, showing stronger line profile at IRAS 4C (Figure 4.10). This
species is thought to trace early stages of massive star formation (Beuther et al. 2008).
However, Sakai et al. (2010) report very bright C2 H towards the low mass late Class 0
source L 1527. More likely, the presence or absence of a particular species may signify
some different chemistry rather than the mass of some future star.

4.3.3 Velocity structure
The velocity distribution maps of several species (e.g. SO; Figure 4.11) show clearly that
although the peaks for IRAS 4A and IRAS 4B appear at similar velocity (`6.7 km s´1 ),
IRAS 4C and its surrounding area peak at about 1 km s´1 higher velocity (`7.9 km s´1 ).
IRAS 4–SWC peaks at about 1 km s´1 lower velocity (`5.6 km s´1 ) which indicates
an overall velocity gradient in the NE–SW direction (∆V „2.5 km s´1 ), probably due to
the structure of the ambient cloud. NGC 1333 is characterized mostly by the `8 km s´1
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Figure 4.9: Profiles of formaldehyde (top) and methanol (bottom) lines as observed to-

wards the 3 sources IRAS 4A, IRAS 4B and IRAS 4C. IRAS 4C is present at the lower
transitions where IRAS 4A is the strongest peak. At higher transitions (Eup ą50 K)
IRAS 4B is the strongest peak. In all cases IRAS 4A shows the broadest profile among
the 3 sources.

Figure 4.10: Line profiles of C2 H (N=4-3, J=9/2-7/2, F= 4-3) towards IRAS 4A, IRAS 4B

and IRAS 4C (bottom to top). C2 H is stronger towards IRAS 4C. The intensity of the
other 2 lines are comparable, but IRAS 4A shows broader profile. The vertical line
represents the velocity of the source at `6.7 km s´1 .
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Figure 4.11: Channel maps of SO 9(8)–8(7) obtained with JCMT, with the central veloc-

ities given in km s´1 . The emission from IRAS 4C appears at higher velocity channels
(from `7 to `8 km s´1 ) while IRAS 4–SWC at lower velocity channel (`5.6 km s´1 ).
The peak north to IRAS 4A at about `7 km s´1 can be associated with a outflow/shock
from IRAS 4A.
velocity component and it has been suggested that the IRAS 4 core (`6.7 km s´1 ), is
actually a smaller embedded cloud with a different velocity (Choi et al. 2004; Langer et al.
1996). The observed HCN absorption towards IRAS 4A and IRAS 4B at `7.84 km s´1
(Figure 4.8) is at very similar velocity with the peak velocity („8 km s´1 ) of almost all
the observed lines towards IRAS 4C (Table 4.3). This fact provide an extra evidence that
IRAS 4C might not be member of the IRAS 4 cloud, but in the foreground. The observed
differences may lead to question the membership of IRAS 4C in the IRAS 4 cloud, but
they are small enough to conclude that IRAS 4C is at the same distance as the other two
objects.
The fact that IRAS 4–SWC is mainly present only in outflow tracers (e.g. CH3 OH,
SO) suggests that it could be an internal shock in the IRAS 4A outflow. This emission
is characterized by narrow component (FWHM „3 km s´1 ). Although this emission
can indicate the presence of a separate core, the lack of compact continuum emission at
mid– and far–infrared wavelengths makes its characterization difficult. In addition the
emission from both CO and 13 CO is widespread in the entire map including emission
towards IRAS 4–SWC, while we observe weak and narrow C17 O (T˚A “0.12˘0.02 K,
FWHM „1 km s´1 ) towards IRAS 4–SWC but it does not show up as a separate core
(Figure 4.3).

4.3.4 Interferometric continuum and line emission
Our CARMA continuum observations at 1.3 mm reveal the dust emission from IRAS 4C
which appears to trace a compact region (Figure 4.12). A 2d Gaussian fit of this emission
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gives a deconvolved component size of FWHM 1.792 ˆ 1.352 (420ˆ320 AU). The
observed peak flux density of the continuum observations is 51 mJy/beam with a rms of
„ 3mJy. Tobin et al. (2015) had about 3 times higher resolution resulting in consequently
a smaller deconvolved size of FWHM 0.512 ˆ 0.222 (120ˆ52 AU). Di Francesco et al.
(2001a) using IRAM PdBI (Beam FWHM: 22 ˆ 1.72 ) towards IRAS 4A and IRAS 4B
report a deconvolved size of 920ˆ720 AU and 600ˆ560 AU respectively.

Figure 4.12: CARMA continuum observations of NGC 1333/IRAS 4C at 1.3 mm (grey–

scale) overplotted with the red and blue wings of 13 CO 2–1. The peak flux density is
0.048 Jy/beam. The velocity range of the line is between `5 and `11 km s´1 , and a siginificant part of the emission have been resolved–out by the interferometer at the source
velocity, while we still get emission from the wings. The peaks of the blue (from `5
to `6.5 km s´1 ) and red (from `8.5 to `11 km s´1 ) wing show a small offset compared to the peak intensity of the continuum. The blue contours levels are set to 0.04
0.06 0.08 0.10 and 0.13 Jy/beam (rms„0.014 Jy/beam) and the red at 0.06, 0.09, 0.12,
0.15, 0.18 Jy/beam (rms„0.02 Jy/beam). The ellipse shows the beam size and shape at
this wavelength (2.122 ˆ1.812 ). The arrows represent the direction of blue–shifted and
red–shifted outflow component (Tobin et al. (2015)).
The 2–1 transitions of CO, 13 CO and C18 O have also been detected. The peaks of
the blue (from `5 to `6.5 km s´1 ) and red (from `8.5 to `11 km s´1 ) wing of 13 CO
show a small offset compared to the peak intensity of the continuum (Figure 4.12), with
the blue to be in similar direction with the outflow as indicated by Spitzer observations
(further discussion in Sec. 4.4.1). The CO and 13 CO lines show strong absorption at
source velocities („`8 km s´1 ) possibly as a result of resolved–out emission by the interferometer while C18 O shows only narrow emission with a FWHM of 1.7˘0.2 km s´1
at `7.9˘0.1 km s´1 (Figure 4.13). Similar velocity offsets are observed also with our
JCMT data (e.g. Figure 4.7).
We get about 7σ N2 D` detection near IRAS 4C, and it has been previously observed

4.4. Evolutionary constraints

119

Figure 4.13: CO isotopologues as observed with CARMA towards NGC 1333/IRAS 4C.
13

CO shows broader profile and significant part of the emission has been possibly
resolved–out by the interferometer, while C18 O shows only narrow emission. The vertical line at `8 km s´1 is the velocity of the C18 O peak. The plotted offset between the
lines has been chosen for easier comparison. 12 CO is not shown as it is heavily affected
by absorption making its use very difficult.
towards all 3 sources (single dish; Friesen et al. 2013). Our maps reveal an offset between
the continuum source and the N2 D` emission of 8.52 , which corresponds to 1900 AU
(Figure 4.14). An offset up to 2000 AU between N2 H` 1–0, that traces the envelopes of
the protostars and the N2 D` 2–1, 3–2 has been previously reported by Tobin et al. (2013)
towards 8 protostellar objects and by Lee et al. (2015) towards 3 protostars in Perseus.
N2 D` is expected to arise from environments where CO is depleted. Our finding suggests
that this happens in a region offset from the dense core.

4.4

Evolutionary constraints

In our attempt to distinguish the evolutionary status among the 3 sources we mainly study
the properties of the outflows which are found to have speeds of 10–20 km s´1 (Arce &
Sargent 2006) for Class 0 objects and maximum of 3 km s´1 for a FHSC (Machida
et al. 2008; Tomida et al. 2010), the temperature among the sources which increases as a
protostar evolves and the deuterium fractionation which can be used as a chemical clock
(Belloche et al. 2006; Fontani et al. 2011, 2014b).

4.4.1 Properties of the outflows
We have mapped the NGC 1333 IRAS 4 region in CO 3–2 (JCMT; Figure 4.4). The
spectra show deeply self–absorbed line towards all the 3 sources, broad wings towards
IRAS 4A (FWHM„22.0˘2 km s´1 ) and IRAS 4B (FWHM„15.0˘1 km s´1 ) and a weak
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Figure 4.14: Continuum emission towards IRAS 4C in colors, overplotted with the

N2 D` 3–2 emission with blue contours at 0.45, 0.6, 0.7, 0.8 and 0.95 Jy/beam
(rms„15 mJy/beam) and with the C18 O 2–1 emission with yellow contours at 0.04, 0.08,
0.10, 0.14, 0.20 and 0.29 Jy/beam (rms„14 mJy/beam). We observe an offset between
the continuum source and the N2 D` of 8.52 . The beam size of the continuum (yellow)
and the lines (blue) are also plotted with in the bottom left corner.
red wing signature from IRAS 4C (FWHM„5.0˘0.4 km s´1 ). The accurate fitting with
Gaussians is difficult due to the heavy absorption, especially towards IRAS 4C which
shows a much narrower line profile (Figure 4.8). Our 13 CO 3–2 JCMT line profiles
though, can be fitted well with a single narrow component of FWHM„1.9˘0.1 km s´1
towards IRAS 4C, while IRAS 4A can be fitted with a 2–component Gaussian, a narrow
one of FWHM„2.0˘0.1 km s´1 and a broad one of FWHM„10.0˘2 km s´1 . The line
profile of IRAS 4B can also be fitted with only a single component of FWHM„2.4˘0.1 km s´1 .
To search for compact outflows which single-dish observations may not pick up,
high–resolution interferometric CO observations toward protostellar cores are required
(CARMA; Figure 4.12).
13

CO (J = 2-1) traces the low–velocity outflow in most class 0 protostars (Arce &
Sargent 2006) but has been observed also in the inner envelope and the disk of extremely
young protostars (e.g. L1527 IRS). To search for an outflow towards IRAS 4C, we use
the 13 CO line and integrate the velocities of the emission excluding the lack of emission which is possibly due to the spatial filtering by interferometer from `6.5 km s´1 to
`8.5 km s´1 (Figure 4.13). We get a narrow velocity range from `5 to `6.5 km s´1 for
the blue shifted emission and from `8.5 to `11 km s´1 for the red shifted emission and
we observe a small offset compared to the dust continuum emission, indicating a potential
low–velocity outflow (Figure 4.12). We find an offset to the blue and red component of
13
CO that corresponds to a P.A. of „29˝ while Tobin et al. (2015) found a P.A. of „-21˝
for C18 O 2–1 using the B and C–array CARMA configuration. In that work, this offset
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is interpreted as a potential rotation signature, but due to poor S/N a Keplerian rotation
could not be tested. A VLA 8–mm image of IRAS 4C at „0.082 resolution shows also
a dust emission connected to a disk–structure and not outflow (Segura–Cox et al. 2015,
submitted). Spitzer data have revealed nebulosity showing a scattered light cone which
has an origin at the location of the protostar (e.g. Fig. 19; Tobin et al. 2015). Thus the
most likely direction of the outflow is orthogonal to the plane of the disk. This is not the
direction that our 13 CO shows and we measure an offset „50˝ between our 13 CO and the
C18 O which indicates that the 2 isotopologues do not trace exactly the same gas.
We measure ∆V “1.5 km s´1 for the blue shifted emission and ∆V “2.5 km s´1
for the red shifted emission. Some amount of the wing emission might also have been
resolved–out by the interferometer. Still the observed velocity range for the potential
outflow is very narrow indicating at best a very slow outflow („2 km s´1 ).
The outflow characteristic velocity we measure provides a lower limit and it can be
corrected for the inclination angle i, using
V f low “

Vobs
sin i

(4.2)

Following the suggestion from Tobin et al. (2015) that IRAS 4C contains a disk nearly
at edge-on inclination, which corresponds to an outflow inclination angle of ă 10˝ , adopting an angle of 5˝ we derive velocities up to 17 km s´1 for the blue shifted emission and
up to 28 km s´1 for the red shifted emission which are an order of magnitude higher than
the measured ones.
In this case, we can explain the narrow lines but we cannot explain why the outflow
is not spatially visible in our larger JCMT maps (Figure 4.4). We cannot exclude the scenario that our 13 CO emission is actually tracing the disk and not the outflow as suggested
by Tobin et al. (2015).
At the same time IRAS 4B shows a compact outflow of an inclination close to 90˝
(Maret et al. 2009), which means that it is almost perpendicular to the plane of the sky
and the observed velocity is the maximum it can have. The morphology of the IRAS 4A
outflow indicates an inclination close to 20˝ which means that the observed velocities
are underestimated by about a factor of 3. Thus the outflow velocities of IRAS 4A are
at least 4 times larger than IRAS 4B and this could be an indicator that IRAS 4A is a
less evolved source than IRAS 4B. One must remember that 4A is a binary though. In
particular, there is evidence that the source to the NW (A2) has masers while the source
to the SE (A1) does not have masers (e.g. Park & Choi 2007). The H2 masers require
the existence of warm dense shocked gas (Elitzur et al. 1992), and mainly disks and
outflows in YSOs fulfil these criteria. Thus A2 is probably more evolved than A1 source
to the SE. The inclination of both outflows have been calculated before using the masers
associated with them, which provided proper motion and radial velocity measurements
(Marvel et al. 2008). At that work both maser outflows were found to be nearly in the
plane of the sky (2˝ for IRAS 4A, 13˝ for IRAS 4B) with the IRAS 4B estimate being
more uncertain.

122

4. The evolutionary status of dense cores in the NGC 1333 IRAS 4 region

4.4.2 Mean envelope temperature
The determination of the temperature is another crucial parameter that we use to distinguish between the different evolutionary stages among objects with the same luminosity.
We derive the kinetic temperature of IRAS 4 region using the H2 CO lines which have
been found to be good tracers of kinetic temperatures. We use the most recent collisional
rate coefficients as derived by Wiesenfeld & Faure (2013) and the Einstein coefficients
from the JPL database (Pickett et al. 1998).
We used the non–LTE radiative transfer program RADEX (van der Tak et al. 2007b)
to compare the observed integrated intensity fluxes with a grid of models for deriving
kinetic temperatures. For the model input we used the molecular data from the LAMDA
database (Schöier et al. 2005). RADEX predicts line intensities of several molecular
transitions for a given set of parameters: kinetic temperature, column density, H2 density,
background temperature, and line width.
We perform a χ2 minimization to fit all the observed o–H2 CO and p–H2 CO fluxes
simultaneously (up to 7 lines, Table 4.1), using
2

χ “

n
ÿ
pOi ´ Ei q2
i“1

Ei

(4.3)

integrated over the velocity range from `5 to `9 km s´1 , which corresponds to the
narrow emission. In this way we try to limit the contribution of the outflows and perform
the analysis under the assumption that we trace the same gas. The χ2 (Eq. 4.3) was
computed as the quadratic sum of the differences between the observed (Oi ) and the
synthetic (Ei ) line intensities for a range of kinetic temperatures (7 KăTkin ă120 K), a
column density of 2ˆ1014 cm´2 and H2 density of 3ˆ105 cm´3 . These volume and
column densities have been obtained from the analysis by Maret et al. (2004a) towards
IRAS 4A and IRAS 4B, which is based on data at similar angular resolution as ours
(JCMT, IRAM; 9–172 Maret et al. 2004a). Adopting these values for the entire cloud
suffers from uncertainties (see below) since it is expected that the rest of the cloud is most
likely characterized by smaller densities. In addition, the temperature of the background
radiation field (CMB) is set to 2.73 K and the line width to 1.8 km s´1 that approximates
the value that we have measured throughout the cloud for the narrow component. Finally,
in our calculations we assume a fixed ortho to para ratio of o–H2 CO/p-H2 CO “ 3 and
e-CH3 OH/a-CH3 OH of 1.
Figure 4.15 presents the kinetic temperatures of our modeling results, which vary
between „ 8 ´ 80 K with the highest value stemming from IRAS 4B. The map shows
several local peaks with the global one towards IRAS 4B. Core IRAS 4A is not a temperature peak but rather the map shows two peaks northeast („152 ) and southeast („52 )
of IRAS 4A („ 60 K). The gas that surrounds IRAS 4A and IRAS 4B is characterized
by Tkin „15–30 K. Two weaker local peaks are observed towards IRAS 4A and IRAS 4–
SWC positions. Figure 4.15 presents the map of the H2 CO 50,5 –40,4 optical depth, which
corresponds to the optically thin regime („0.1–0.65) and the best fit χ2 which is lowest
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Figure 4.15: Kinetic temperature map of NGC 1333 IRAS 4 (left). During the fitting

procedure all the 7 H2 CO detected lines are taken into account for the positions with S/N
ą3 rms. The white contour shows the region where at least 2 lines were detected with S/N
ą3 rms. The kinetic temperature is higher towards the Class 0 objects IRAS 4A („ 45 K)
and IRAS 4B („ 80 K) while it is significantly lower towards IRAS 4C („ 12 K). Note
also the compact emission towards IRAS 4–SWC („ 15 K), which has been observed
in channel maps of other molecules (e.g. CH3 OH, SO, Figure 4.11). The tau map of
H2 CO 50,5 –40,4 presents values in the optically thin regime throughout the cloud (middle;
„0.1–0.7). The best resulting χ2 vary between „1–5 in the region of the sources (right).
(„1) towards IRAS 4A and the surrounding gas. Interestingly, the τ map peaks at the
position of IRAS 4A, while Tkin map peaks at IRAS 4B. Only IRAS 4C shows up as a
local peak in both the optical depth (i.e., column density) and kinetic temperature. The τ
map shows also the two distinctive peaks towards IRAS 4A and IRAS 4B and its entire
distribution follows the morphology of the kinetic temperature map.
Our kinetic temperature estimates towards the Class 0 objects IRAS 4A and IRAS 4B
are 45 K and 80 K respectively while it is lower towards IRAS 4C („ 12 K). Deutero–
ammonia observations presented in Shah & Wootten (2001) point also towards very cold
conditions towards IRAS 4C (15 K). IRAS 4–SWC is characterized by a kinetic temperature „15 K and it can be a result of an internal outflow shock from IRAS 4A or a separate
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core, as discussed in Sec. 4.3.3.
Maret et al. (2004a) had performed a H2 CO study towards a sample of 8 low mass
protostars, including IRAS 4A and IRAS 4B. The collisional rate coefficients that were
used in that study were taken from Green (1991). Our results are in excellent agreement
with those Maret et al. (2004a) reported (50 K for IRAS 4A; 80 K for IRAS 4B), especially given the different observations and collision rates used. In their analysis they used
pointed observations towards IRAS 4A and IRAS 4B, thus no analysis was performed
towards IRAS 4C and their H2 CO observations were taken from IRAM and JCMT, allowing them to measure more lines but at different angular resolutions.
To have a sense of the uncertainties in the above calculations, we have run additional
models towards IRAS 4A and IRAS 4B, where the largest number of lines has been
detected. For these models we varied the column density between 2ˆ1012 cm´2 and
2ˆ1016 cm´2 . We find a best fit column density of 5ˆ1014 cm´2 for IRAS 4A and
3ˆ1014 cm´2 for IRAS 4B which are 2.5 and 1.5 times higher than the adopted value of
2ˆ1014 cm´2 , but the same order of magnitude. These values result in temperatures of
30 K for IRAS 4A and 64 K for IRAS 4B which are 1.5 and 1.2 times lower than the
values we obtained above. IRAS 4B remains warmer than IRAS 4A while their absolute
temperature difference remains to be „35 K, making more prominent the temperature
difference among the 2 systems. The reader should note that a full MCMC approach
might yield more reliable results regarding confidence intervals but we chose to work
with a simplified approach which seems to be good enough for the purpose of this paper.
Since we do not have a way to accurate measure the column density of IRAS 4C, and
the other 2 sources were found to have higher column density than the adopted, we run
RADEX towards IRAS 4C for a higher N(H2 CO) adopting a value of 1.5 times higher
that before, 3ˆ1014 cm´2 . The increase in column density results in a kinetic temperature
of „8 K which is lower by 4 K compared to our previous estimation and maintains the
IRAS 4C the colder among the sources. We also ran our calculations for 1.5 times lower
column density using 7.5ˆ1013 cm´2 a value that results a temperature of „18 K which
is 1.7 times more than what we obtained in our analysis. Even in that case IRAS 4C
remains to be the coldest among the sources with absolute differences of „20 K and
„40 K with IRAS 4A and IRAS 4B respectively.
To test the assumption of constant volume density in our analysis, we have re–run
our calculations for nH2 “ 106 cm´3 and 104 cm´3 for the entire cloud. The lower value
of 104 cm´3 was adopted because the cloud around the compact objects is most likely
characterized by smaller densities. In both cases the distribution of the kinetic temperature is the same as seen in Figure 4.15, but the values vary. For the higher density the
temperature is characterized by significantly lower values (7 KăTkin ă22 K). Once more
IRAS 4B is the warmest („20 K), followed by IRAS 4A („16 K) and IRAS 4C („8 K).
For the lower density the cloud is characterized by temperatures 20 KăTkin ă82 K resulting „ 60 K for IRAS 4B, „ 35 K for IRAS 4A and „ 16 K for IRAS 4C. This result
indicates that our solution is more sensitive to higher densities leading to an overestimation of temperatures for IRAS 4A and IRAS 4C at the adopted nH2 “ 3ˆ105 cm´3 ,
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since they were found to be denser in our approach as described in Sec. 4.4.3. Although
the absolute values for kinetic temperatures vary with the different assumptions, IRAS 4B
remains the warmest and IRAS 4C the coldest among the 3 sources in all our calculations.

4.4.3 Mass and density
We use our CARMA continuum observations to estimate the gas mass (Equation 4.4)
and the H2 column (Equation 4.5) and volume density of IRAS 4C. We calculate these
parameters via:
Mgas “

S ν d2 α
κν Bν pT d q

(4.4)

where Sν “ 0.061 Jy is the total flux density after fitting a 2D–Gaussian of 2.32 ˆ2.12 , α
“ 100 is the gas to dust ratio, κν (1.3 mm) “ 0.89 cm2 g´1 is the dust opacity per unit mass
(Ossenkopf & Henning 1994b) and Bν (Td ) is the Planck function at dust temperature Td
(„12 K; H2 CO analysis described at 4.4.2). We find a Mgas “ 0.16 Md . We adopt a
distance d of 235 pc. We calculate the column density using
NpH2 q “

Iν α
2mH Ωb κν Bν pT d q

(4.5)

where Iν is the peak flux density (0.048 Jy/beam), mH is the mass of hydrogen and Ωb is
the beam solid angle. The resulting N(H2 ) “ 1.5ˆ1024 cm´2 while the volume density assuming 22 diameter for the adopted area as determined by a 2d Gaussian fit, is„3.1ˆ108
cm´3 . This value is higher by 3 orders of magnitude compared to the values obtained
by (Maret et al. 2004a) for IRAS 4A and IRAS 4B (3ˆ105 cm´3 ) and the one we have
adopted for IRAS 4C for our H2 CO analysis (3ˆ105 cm´3 ; 4.4.2) under the assumption that the 3 sources are characterized by similar volume densities, but the scales are
different since the CARMA beam is „10ˆ smaller and thus trace denser region.
Smith et al. (2000) derived masses of 10.9 Md for IRAS 4A, 6.9 Md for IRAS 4B
and 2.9 Md for IRAS 4C using the SCUBA 850µm continuum map of NGC 1333/IRAS
4, with a FWHM of the beam „162 and assuming the same temperature (30 K) for the
3 sources. In that work they had considered the possibility of CO line contamination in
the 850 mum SCUBA passband, which could cause an underestimation of the calculated
spectral index and overestimation of the masses. The mass of IRAS 4C that we obtain is
about an order of magnitude lower but the CARMA beam is „10 times smaller. In addition we use the most recent distance estimate of 235 pc (Hirota et al. 2008), compared to
their distance of 350 pc (Herbig & Jones 1983). Correcting for the distance and the temperature and using their reported values for total and peak flux density and their angular
resolution we find a volume density of 6ˆ106 cm´3 , which is about 2 orders of magnitude
lower than the one obtained from the CARMA data, providing an evidence of a density
gradient at IRAS 4C. We follow the same process for IRAS 4A and IRAS 4B using a
FWHM „252 as a result of the Gaussian fit, and we measure the values of 2ˆ106 cm´3
for IRAS 4A and 5ˆ105 cm´3 for IRAS 4B. So we find that IRAS 4C is 3 times denser
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than IRAS 4A and IRAS 4A is 4 times denser than IRAS 4B. Since our CARMA observations do not cover IRAS 4A and IRAS 4B we cannot further investigate possible
density gradients.
Lastly, for a direct comparison, we determine the masses of the sources in a resolution
similar to our JCMT maps. For this purpose, we use the SCUBA data (Smith et al. 2000),
adopting the more recent distance of 235 pc and the temperatures we derived in Sec. 4.4.2
and we calculate masses (Eq. 4.4) of 2 Md for IRAS 4A, 0.6 Md for IRAS 4B and 1.5 Md
for IRAS 4C. This is the first time that IRAS 4C appears with a higher mass than IRAS 4B
due to the fact that we do not use the same temperatures for all 3 sources, as previous
studies, but the ones determined in Sec. 4.4.2. The derived masses and column densities
are very sensitive to the adopted opacity and temperatures.

4.4.4 Depletion of CO
Carbon monoxide and its isotopologues are broadly used as a tracer of N(H2 ) in studies
of the interstellar medium. The most abundant 12 CO, can only provide a lower limit of
the column density and the mass of the region since it is often optically thick in typical
conditions of the molecular clouds. The less abundant isotopologues can then been used
(e.g. 13 CO, C18 O), assuming optically thin emission.
To estimate the spatial distribution of N(CO), we use the C17 O 3-2 line, assuming a
constant 16 O/17 O of 2000 (Wilson 1999). We run RADEX in order to derive the column
density of C17 O, using the gas temperature map as determined from the H2 CO analysis
and a constant volume density of 3ˆ105 cm´3 . We derive N(CO) for the region where
T peak ą3 rms, to be in the range of 2ˆ1017 cm´2 – 9ˆ1017 cm´2 (Figure 4.16).

Figure 4.16: Synthetic CO column density as determined fitting the peak intensities for

the range from `5 to `9 km s´1 .
The higher value is close to IRAS 4C. This is a result of low kinetic temperature
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of IRAS 4C compared to the other two sources („12 K) while the intensity of C17 O
line is stronger towards IRAS 4C than towards the warmest IRAS 4B (Figure 4.17). In
order to be able to fit the relatively high intensity towards IRAS 4C, for so low kinetic
temperature RADEX requires higher column density, given the fact that we use a constant
volume density.

Figure 4.17: C17 O 3-2 line profiles towards IRAS 4A, IRAS 4B and IRAS 4C. The line is

strongest towards IRAS 4A followed by IRAS 4C and then IRAS 4B.
In order to derive the N(CO)/N(H2 ) for the 3 sources we use Equation 4.5 applying
the peak flux densities reported by Smith et al. (2000) from the 850µm continuum. In
this way we ensure that the angular resolution between continuum and CO observations
is about the same (HPBW „ 13.52 ) and thus that we trace the same amount of gas. For
the temperature we use 45 K, 80 K and 12 K for IRAS 4A, IRAS 4B and IRAS 4C
respectively as have been determined in Sec. 4.4.2. We find the column density N(H2 )
towards IRAS 4A, IRAS 4B and IRAS 4C to be 2.4ˆ1023 cm´2 , 1.3ˆ1023 cm´2 and
3.6ˆ1023 cm´2 resulting N(CO)/N(H2 ) of 2.4ˆ10´6 , 3.8ˆ10´6 and 1.2ˆ10´6 . These
values are „ 1.5 ´ 2 orders of magnitude less than the canonical [CO]/[H2 ] of 10´4
indicating significant depletion of CO.
The CO depletion factor, fD can be calculated via:
fD “

E
XCO
O
XCO

(4.6)

where XE CO is the expected abundance of CO relative to H2 (10´4 ) and XOCO is the ratio
between the observed N(CO) and the observed N(H2 ).
We determine a fD of 42, 26 and 83 for IRAS 4A, IRAS 4B and IRAS 4C respectively. The highest degree of CO depletion is observed towards the coldest of the sources,
IRAS 4C, while the lowest degree of CO depletion towards the warmest source, IRAS 4B,
as expected (e.g.; Bacmann et al. 2002). Our solution is dependent on the assumed parameters, including the resulting kinetic temperature for the 3 sources and the assumption
that H2 CO and C17 O trace the same gas. As discussed also in Sec. 4.4.2, IRAS 4C is the
coldest of the sources under each assumption and thus although the absolute values of
depletion factors may vary, the estimated trend between the sources will remain.
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4.4.5 Deuteration
The deuterium fractionation (e.g. [N2 D` ]/[N2 H` ]) is another factor to estimate the evolutionary stage of IRAS 4C. More specifically, the [N2 D` ]/[N2 H` ] can be used as a
chemical clock (Belloche et al. 2006; Pagani et al. 2013; Fontani et al. 2014b) and has
been measured to be „ 15 ´ 20 % for prestellar cores (e.g. L1544) and „ 5 ´ 10 % for
Class 0 objects (e.g. L1521F). A measurement between these two limits is an indication
for an object for which the evolutionary stage lies between these 2 early star formation
stages. The cosmic ratio [D]/[H]“1.5ˆ10´5 (Linsky et al. 1995) and that higher observed
values are typical for low–mass dense cores (e.g.; Crapsi et al. 2005b; Parise et al. 2006).
This can be explained due to the fact that at very low temperatures the reaction H3 ` `
HD ðñ H2 D` ` H2 ` ∆E is driven strongly to the right increasing the abundance of
H2 D` , in combination with the undergoing freeze out of CO which decreases the H2 D`
destruction rate (e.g. prestellar cores Bacmann et al. 2003). This process leads to enhancement of H2 D` and the D atom passes down to other species leading to formation
of more deuterated species such as N2 D` . We do not have N2 D` observations towards
all the sources and our N2 H` emission is from JCMT data making the determination of
[N2 D` ]/[N2 H` ] impossible for our dataset.
We used RADEX to model the observed emission in HCO` , H13 CO` and DCO` .
The collision rates of HCO` and DCO` with H2 were adopted from Flower (1999). The
critical densities ncr of HCO` 4–3 and DCO` 5–4 at 50 K are „9.1ˆ106 cm´3 and
„9.3ˆ106 cm´3 , calculations based on Schöier et al. (2005).
For this purpose we used the kinetic temperature map resulting from the H2 CO analysis and a constant volume density of 3ˆ105 cm´3 for the entire cloud. Fitting the integrated intensities of the lines for each spatial point enabled us to produce the column density maps of H13 CO` , DCO` . We find column densities between 8ˆ1012 –4ˆ1013 cm´2
for H13 CO` with the higher value close to IRAS 4C and 8ˆ1013 –1.5ˆ1014 cm´2 for
DCO` . HCO` is usually optically thick, something that we were able to test by determining the observed HCO` 4-3 / H13 CO` 4-3 ratio of the peak intensities for the
range from `5 to `9 km s´1 (Figure 4.18).
The observed ratio is found to vary between 6 and 37, which is 10 to 1.5 times smaller
than the expected ratio of 60 under optically thin conditions, indicating that the main isotope HCO` 4-3 is moderately optically thick throughout the cloud. The effect is stronger
towards the 3 embedded objects as expected. For this reason we produce the [DCO` ] /
[HCO` ] towards the 3 sources using a fixed isotopic ratio of [HCO` ]/[H13 CO` ] = 60.
We reran our calculations adopting the volume densities for each source as determined
in Sec. 4.4.3 and we determine deuteration of „12˘2% towards IRAS 4A, „3.5˘1%
towards IRAS 4B and an upper limit of „20% towards IRAS 4C. The lowest deuteration
is towards IRAS 4B and is correlated also with the lower degree of depletion towards that
source as we determine in Sec. 4.4.4. For IRAS 4C the error is an order of magnitude
higher compared to the other 2 sources, since at such low temperatures a decrease or
increase of temperature by only 5 K causes almost one order and half order of magnitude
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Figure 4.18: Observed HCO` 4-3 / H13 CO` 4-3 ratio of the peak intensities for the range

from `5 to `9 km s´1 . The fact that the observed ratio takes values between 6 and 37,
which is smaller than the optically thin ratio of 60, indicates that the main isotope HCO`
4-3 is optically thick throughout the cloud. The effect is stronger towards the 3 embedded
objects.
higher or lower N(DCO` ) and N(HCO` ) respectively. One would expect that IRAS 4C
would show the higher degree of deuteration since it is the coldest among the sources
and thus the enhancement of H2 D` abundance contributes to the enhancement of DCO`
through the reaction H2 D` ` CO ùñ DCO` ` H2 . Instead, we report the highest deuteration towards IRAS 4B, but can only determine an upper limit for IRAS 4C. However,
Friesen et al. (2013) report [N2 D` ]/[N2 H` ] “ 6.4% for IRAS 4C.

4.4.6 HCN/HNC
We want to test our temperature estimates by using a method not connected to the H2 CO
lines. The [HCN]/[HNC] ratio has been found to be sensitive to temperature (Schilke
et al. 1992), while for cold molecular clouds is expected to be „1 (Sarrasin et al. 2010).
More precisely HNC/HCN have been found to be decreasing while temperature increases
and vice versa (Graninger et al. 2014).
We follow similar procedure as in Sec. 4.4.5 using the collisional rate coefficients
for HCN and HNC from Dumouchel et al. (2010), scaled by a factor 1.37 to represent
collisions with H2 . We use the optically thin H13 CN and adopting a HCN/H13 CN “ 60 we
present the observed HCN/HNC ratio towards the 3 sources. We find a ratio of „3.5 for
IRAS 4A and „4.2 for IRAS 4B. The isotopologue HN13 C did not show a clear detection
and thus we assume that HNC is optically thin towards all 3 positions. None of the rarer
isotopologues are observed towards IRAS 4C so we assume that the main isotopologues
are optically thin and we find there the lowest observed ratio of „0.85.
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Our results show nicely the correlation between HCN/HNC and the temperature,
since the lowest value corresponds to the colder source (4C) and the highest to the warmer
source (4B). We also find more HNC than HCN towards IRAS 4C, where the temperature
is as low as „12 K and HNC emission is expected to be higher than HCN for such low
temperatures (Padovani et al. 2011; Graninger et al. 2014).

4.5

Discussion and Conclusions

IRAS 4C has been reported in various previous works as a Class 0 object (e.g.; Enoch
et al. 2009b). We take the advantage of the direct comparison with the other 2 nearby
Class 0 objects, IRAS 4A and IRAS 4B, using single dish mapping observations as they
have been obtained during the JCMT line survey. In addition we report the mass and the
volume density as was determined using our CARMA observations.

4.5.1 Results
We tried to distinguish the evolutionary stage of IRAS 4C compared to the other 2 Class 0
objects, taking into account, the derived physical parameters from our analysis sections,
the projection effects, the mass and the luminosity of the sources.
• We do not observe extended bipolar emission from the outflow towards IRAS 4C,
as we would expect from an edge–on disk structure. IRAS 4A drives the faster outflow, followed by IRAS 4B and IRAS 4C. Outflows could be used as evolutionary
constraints in the earlier phases of star formation.
• We determine the lowest kinetic temperature towards IRAS 4C („12 K), followed
by IRAS 4A („45 K) and IRAS 4B („80 K).
• We take into account the different derived temperatures among the sources and we
find IRAS 4C to have 3 times higher mass than IRAS 4B. This can explain why the
line profile of C17 O is stronger towards IRAS 4C than IRAS 4B. IRAS 4A remains
the most massive among the sources (2 Md ).
• The warmest source IRAS 4B is characterized by the lowest degree of depletion
and deuteration, and the highest HCN/HNC confirming its warm nature. In addition IRAS 4C is characterized by the highest degree of depletion and HCN/HNC
ă 1 characteristic of objects with very low temperature. Due to large errors at such
low temperatures, we can only provide an upper limit for the deuteration towards
IRAS 4C („20%).
• IRAS 4A is „2 times less warm, „3 times more massive with „4 times stronger
outflow activity and „3 times lower deuteration than IRAS 4B, and it is probably
younger than IRAS 4B.
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• Our velocity distribution maps of several species show that IRAS 4A and IRAS 4B
appear at different velocity from most of the region (`6.7 km s´1 ), while IRAS 4C
and the surrounding area peak at about 1 km s´1 higher velocity (`7.9 km s´1 ).
The observed absorption of the HCN profiles at `7.84 km s´1 can be an indicator
that IRAS 4C may not be member of IRAS 4 cloud, but probably in foreground.
Our analysis is not dependent on the distance though, with the exception of the
mass calculation.

4.5.2 Discussion
Our JCMT data alone have revealed differences between the 3 sources that make us reconsider the true nature of IRAS 4C. The major differences appear in the: a) chemical
composition (i.e. the spectrum of IRAS 4C appears less rich than the other 2), b) the
spatial distribution of some species are more extended towards IRAS 4A and IRAS 4B
indicating stronger outflow activity, c) the line profiles suggest weak or non–existent outflow activity in IRAS 4C.
Moreover, the H2 CO kinetic temperature analysis reveals that IRAS 4C is characterized by the lowest kinetic temperature („12 K), followed by IRAS 4A („45 K) and
IRAS 4B („80 K). HCN/HNC and DCO` /HCO` ratios support the temperatures estimated from the H2 CO analysis. Furthermore, we determine the degree of CO depletion
(N(CO)/N(H2 )) and deuteration (N(DCO` )/N(HCO` )) for each object. We determine
the lowest degree of depletion to be towards IRAS 4B where the deuteration is lower. We
report values of 12% for IRAS 4A source, 3.5% for IRAS 4B, and an upper limit of 20%
for IRAS 4C. Lastly, we find the [HCN]/[HNC] of „3.5 for IRAS 4A, „4.2 for IRAS 4B
and „0.85 for IRAS 4C, being in agreement with the temperatures of the 3 sources.
We clearly observe differences between IRAS 4A, IRAS 4B and IRAS 4C, which may
be due to (a) differences in mass and/or luminosity (b) a different orientation (edge–on vs
face–on) or (c) evolution.
Previous studies report Lbol of 4.2 Ld , 1.6 Ld , 0.49 Ld and Menv of 7.75 Md , 3.66 Md
and 0.5 Md for IRAS 4A, IRAS 4B and IRAS 4C respectively as detemined for a temperature of „ 50 K (Enoch et al. 2009a). We estimate masses of „2 Md for IRAS 4A,
0.6 Md for IRAS 4B and 1.5 Md for IRAS 4C, using different temperatures for each
source as determined in Sec. 4.4.2. The mass of the envelope shows a linear correlation
with the luminosity of CO lines (San José-García et al. 2013). The fact that C17 O emission towards IRAS 4C is stronger than IRAS 4B can be explained by the fact that we
find „3 times higher mass towards IRAS 4C compared to IRAS 4B. The low bolometric
luminosity towards IRAS 4C can be the main reason that we observe the weaker lines
towards this source.
Dunham et al. (2008) report LIR “ 0.305Ld as integrated for all existing detections
between the 1.25–70 µm that corresponds to an internal luminosity LINT “ 0.51Ld and
excludes IRAS 4C from being a VeLLO since the luminosity is ą 0.1Ld .
We finally see an emission from a fourth source, that we call IRAS 4–SWC in this
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work, the nature of which is not clear. IRAS 4–SWC shows line peaks at lower velocity
(„ 5.3km s´1 ) and only narrow lines („3km s´1 ) which can be either a projection effect
of the outflow, or an indication that IRAS 4–SWC is a separate core. The non-detected
emission at mid– and far– infrared at this position, while Winston et al. (2010) reports
X–ray emission close to it, in combination with the fact that IRAS 4–SWC can be observed mostly in outflow tracers such as CH3 OH makes it unlike to be a separate core
and connects it more with internal shock from the IRAS 4A outflow.

4.5.3 Younger age scenario
We start with investigating the scenario that IRAS 4C is in younger age than the other 2
objects.
A lower temperature can be an indication of earlier evolutionary state as soon as the
objects of comparison are characterized by the same luminosity. This is not the case for
our sources and thus we cannot base our interpretation on the kinetic temperature alone.
The deuteration ([N2 D` ]/[N2 H` ]) has been measured from Crapsi et al. (2005a) to be
„ 16 ´ 23 % for a prestellar core (e.g. L1544) and „ 5 ´ 10 % for Class 0 objects (e.g.
L1521F). Our results suggest that IRAS 4C is not the source with the higher deuteration
as expected for younger sources but our big errors towards IRAS 4C (16%) do not allow
us to clearly distinguish it from the other 2 sources.
The bolometric temperature can be additionally used to probe the various evolutionary stages from prestellar core to protostars (e.g.; Enoch et al. 2009a). Prestellar cores
are characterized by Tbol „ 10–20 K while Tbol ă 50 K can be used to classify an object
as early Class 0. The reported values for IRAS 4A and IRAS 4B are „30–36 K (e.g.;
Kristensen et al. 2012a; Motte & André 2001) while for IRAS 4C Tbol “ 26 K (Dunham et al. 2008). Enoch et al. (2009a) reports a value of „ 50K for all 3 objects. The
variations between the reported values in different studies make the use of Tbol alone not
reliable enough to discriminate between the relative states of the sources.
Gutermuth et al. (2008) report IRAS 4C as a deeply embedded source with incomplete IRAC photometry but a relatively bright MIPS 24 µm. This information tells us
that IRAS 4C possibly contains a compact hydrostatic object that can result warm dust
to emit at 24 µm excluding IRAS 4C from being a pre–stellar core. IRAS 4A shows
compact point–like emission already at 3.6 µm and IRAS 4B at 4.5 µm (Young et al.
2015) being associated with shock knots, while IRAS 4C shows a more extended weaker
emission at 8 µm.
3–D radiation magneto–hydrodynamics simulations that reproduce the stage of a
dense core collapse (Machida et al. 2008; Tomida et al. 2010) show that a slow poorly
collimated outflow can exist, without the presence of a protostar, but rather due to the already formed FHSC. These simulations predict a very slow collimated outflow that does
not exceed the velocity of 3 km s´1 . On the other hand, both theory and observations
(Shang 2007; Arce & Sargent 2006), report highly collimated outflows from YSOs that
reach velocities up to a few tens of km s´1 . IRAS 4C does not seem to drive a strong
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outflow, while IRAS 4A and IRAS 4B do show a strong outflow activity (high velocity
gas). The orientation plays an important role when it comes to the observed outflow. Line
emission from outflow tracers such as CO, is more sensitive to the different orientation
of the sources and can affect the strenght of the observed outflow. Thus the observed
differences in the outflow activity could be a result of a) orientation and/or b) evolution.
Although the orientation of the source may influence the interpretation of the outflow
emission, it does not affect the estimated values of the degrees of CO depletion and
deuteration. C17 O, DCO` and HCO` are all species found to trace the envelope. Given
the fact that the single dish observations cannot resolve a disk structure, we assume that
all of the observed emission comes from the bulk of gas tracing the envelope and thus it is
independent of the orientation of the sources. The determined values towards IRAS 4C,
point towards a colder, less evolved source compared to IRAS 4A and IRAS 4B, either
between the prestellar and protostellar phase (FHSC) or a very young Class 0 object at the
earliest accretion phase which makes it one of the very few observed cases (e.g.; André
et al. 1999; Belloche et al. 2006).

4.5.4 Older age scenario
We now investigate the scenario that IRAS 4C is in an older age than the other 2 objects.
Tobin et al. (2015) & Segura–Cox et al. 2015 (submitted) report strong evidence of
an edge on disk–like structure around IRAS 4C, although the S/N in that work was not
sufficient to test for Keplerian rotation. A disk–structure indicates that IRAS 4C is a
more evolved object than a FHSC, probably an object in the transition phase between
Class 0 and Class I. An edge on disk–like structure can cause an underestimation of the
observed Tbol by even „100 K (Launhardt et al. 2013). This would favor the scenario
that IRAS 4C is actually a more evolved object with Tbol ą70 K, bringing it closer to
the late Class 0 to early Class I stage. This would also be in agreement with the fact
that IRAS 4C is the object with the lowest luminosity, which might indicate less strong
accreting activity and thus a more evolved object. Another indicator of evolutionary stage
is the ratio L smm /Lbol which is expected to be higher the less evolved the object is, and it is
considered to be more accurate than Tbol . This was found to be 5% for IRAS 4A, 5.5% for
IRAS 4B and 6.3% for IRAS 4C (Dunham et al. 2008; Sadavoy et al. 2014). Launhardt
et al. (2013) report values of 3%ăL smm /Lbol ă7% for Class 0 and Class I objects, while
André et al. (2000) had previously proposed a threshold of ă0.3% for Class I objects.
Furthermore they report 10%ăL smm /Lbol ă30% for starless cores and objects that could
possibly host an embedded FHSC. This could limit the classification of IRAS 4C as
FHSC, but the reported values for the 3 sources are close enough, making it difficult to
distinguish between the Class 0 and Class I stage. A rough classification would bring
IRAS 4C to the Class 0 stage but probably younger than the other 2.
The collimation and bipolarity of an outflow can be used to distinguish Class 0 objects
from the more evolved Class I objects. For Class I objects the outflow angle is wider and
as we move further to the evolution, the swept–up material is slowing down, since the
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driving force is reducing (Arce & Sargent 2006). Outflows in Class 0 sources have proven
to be much stronger than in Class I objects (Bontemps et al. 1996).
Our CARMA observations indicate the presence of a slow outflow („2km s´1 ) which
is not characterized by a wide angle and it is rather compact. The nebulosity revealed by
Spitzer shows a scattered light cone which has an origin at the location of the protostar
indicating that the most likely direction of the outflow is orthogonal to the plane of the
disk. The edge on disk scenario can explain the apparent low outflow velocity and thus
partially why the line profiles from JCMT are so narrow towards IRAS 4C and deprived
of the higher velocity activity but it cannot explain that we do not observe spatially an
extended outflow. The relatively wide cone–like structure to the east of IRAS 4C which is
observed in our CO maps from JCMT, could be connected to the outflow activity. There
is the possibility that we do not observe similar structure on the west of IRAS 4C, due to
the strong interaction with the red lobe of IRAS 4A. A more powerful outflow from 4A
would sweep the red lobe of IRAS 4C away, but this requires a very specific geometry
and distance of the sources and the outflows. This is the only scenario that can explain
the observed outflow by an older age object. This explanation cannot be valid in case
IRAS 4C is a foreground object though, since there is no way that both red lobes interact
in such way that the one connected with IRAS 4C and is in the foreground is not present.
On the other hand an outflow parallel in our line of sight could explain a more compact outflow but that would mean that the observed velocity is very close to the real
velocity and thus very slow, and thus inconsistent with an older age.

4.5.5 Conclusions and future direction
Both younger and older age scenarios are not fully consistent. If IRAS 4C is old enough
to reveal a disk structure, we cannot fully explain the missing outflow, and the cold nature
of the source. If IRAS 4C is so young that cannot drive a powerful outflow, we cannot explain the low L smm /Lbol and the disk structure that has previously been observed. IRAS 4C
appears not to be the strongest candidate among the FHSC candidates. Nevertheless, if
all of the candidates located in Perseus (e.g.; Pezzuto et al. 2012; Enoch et al. 2010) will
be confirmed, while statistics predict ă 0.2, it would be a strong evidence that the lifespan of these objects is ě 103 years. This can be a result of a lower mass accretion rate
(ă4ˆ10´5 Md /yr) or that special conditions apply to Perseus, perhaps a non–stationary
accretion. Tomida et al. (2010) predict a lifespan longer than 104 yrs for a protostar of
0.1Md adopting an accretion rate of 10´5 Md /yr and this would improve the situation in
Perseus by an order of magnitude.
Applying FHSC and YSO with disk models towards IRAS 4C will help us characterizing more accurately this object. In addition, the detailed study of the outflow of the
observed FHSCs and VeLLOs might be crucial in understanding the missing link between
these early stages of star formation.

4.A. Line detections towards the 3 sources

4.A

Line detections towards the 3 sources
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Table 4.1: Molecular Line Detections for NGC 1333-IRAS 4A - JCMT data
Broad

Molecule

Transition

HCN
4-3
H13 CN
4-3
HNC
4-3
CO
3-2
13 CO
3-2
C17 O
3-2
HCO`
4-3
H13 CO`
4-3
5(1,5)-4(1,4)
H2 13 CO
H2 13 CO
5(2,3)-4(2,2)
CS
7-6
C34 S
7-6
H2 CS
10(1,10)-9(1,9)
H2 CS
10(2,9)-9(2,8)
H2 CS
10(1,9)-9(1,8)
OCS
28-27
CH3 OH
11(1,10)-11(0,11)
CH3 OH
7(1,7)-6(1,6)
CH3 OH
7(0,7)-6(0,6)
CH3 OH
7(-1,7)-6(-1,6)
CH3 OH
7(-1,7)-6(-1,6)++
CH3 OH
7(2,6)-6(2,5)–
CH3 OH
7(3,4)- 6(3,3)
CH3 OH
7(3,5)-6(3,4)++
CH3 OH
7(1,6)-6(1,5)
CH3 OH
7(2,5)-6(2,4)
CH3 OH
7(-2,5)-6(-2,4)
CH3 OH
7(1,6)-6(1,5)–
CH3 OH
13(1,12)-13(0,13)-+
CH3 OH
4(0,4)-3(-1,3)
CH3 OH
1(1,1)-0(0,0)++
CH3 OH
4(1,3)-3(0,3)
CH3 OH
8(1,7)-7(2,5)
CH3 OH
7(2,5)-6(1,5)
H2 CO
5(1,5)-4(1,4)
H2 CO
5(0,5)-4(0,4)
H2 CO
5(2,4)-4(2,3)
H2 CO
5(2,3)-4(2,2)
H2 CO
5(3,3)-4(3,2)
H2 CO
5(3,2)-4(3,1)
H2 CO
5(4,2)-4(4,1)
DCO`
5-4
SO 3 Σ
7(8)-6(7)
SO 3 Σ
8(8)-7(7)
SO 3 Σ
8(9)-7(8)
33 SO
10(11)-10(10)
SO2
4(3,1)-3(2,2)
C2 H
N=4-3, J=9/2-7/2, F= 4-3
C2 H
N=4-3, J=7/2-5/2, F= 4-3
CN N=3-2, J=5/2-3/2, F=7/2-5/2
CN N=3-2, J=7/2-5/2, F=9/2-7/2
HDCO
5(1,4)-4(1,3)
HDCO
6(1,6)-5(1,5)
D2 CO
6(0,6)-5(0,5)
HDC2 O
18(1,17)-17(1,16)
SiO
8-7
N2 H`
4-3

Rest Frequency Eup
(MHz)
(K)
354505.5
345339.8
362630.3
345796.0
330588.0
337061.1
356734.1
346998.3
343325.7
356176.2
342882.8
337396.7
338083.2
343322.1
348534.4
340449.2
331502.3
335582.0
338124.5
338344.6
338408.7
338512.9
338583.2
338540.8
338615.0
338721.7
338722.9
341415.6
342729.8
350687.7
350905.1
358605.8
361852.2
363739.8
351768.6
362736.0
363945.9
365363.4
364275.1
364288.9
364103.2
360169.8
340714.2
344310.6
346528.5
332014.3
332505.2
349337.5
349399.3
340031.5
340247.8
335096.9
369763.5
342522.1
342729.7
347330.6
372672.5

Vlsr
(km s´1 )

component
FWHM
(km s´1 )

T˚
A

(K)

Narrow

component

Vlsr
(km s´1 )

FWHM
(km s´1 )

T˚
A
(K)

42.5 5.03 ˘ 0.21 13.7 ˘ 0.5 0.67 ˘ 0.03
41.4 6.4 ˘ 0.7
14 ˘ 2
0.04 ˘ 0.01 7.8 ˘ 0.3 2.8 ˘ 1.0 0.03 ˘ 0.01
43.5 7.66 ˘ 0.05 1.18 ˘ 0.08 1.26 ˘ 0.08
33.2 9.2 ˘ 0.8
22.3 ˘ 2
2.6 ˘ 0.2
6.7 ˘ 0.1 1.5 ˘ 0.2 6.1 ˘ 0.7
31.7 7.3 ˘ 0.9
10 ˘ 3
0.4 ˘ 0.1 7.63 ˘ 0.05 2.1 ˘ 0.2 3.3 ˘ 0.2
32.4 7.65 ˘ 0.02 1.52 ˘ 0.06 0.70 ˘ 0.02
42.8 8.87 ˘ 0.55 10.2 ˘ 1.5 0.71 ˘ 0.09 7.41 ˘ 0.04 1.21 ˘ 0.08 3.43 ˘ 0.19
41.6 7.64 ˘ 0.02 1.24 ˘ 0.04 0.87 ˘ 0.02
61.3 6.9 ˘ 0.4
3˘1
0.06 ˘ 0.2
98.5 8.0 ˘ 0.2
2.6 ˘ 0.7 0.06 ˘ 0.01
65.8 6.53 ˘ 0.09 11.77 ˘ 0.25 0.69 ˘ 0.01 7.53 ˘ 0.02 1.26 ˘ 0.12 0.87 ˘ 0.05
50.2 7.1 ˘ 0.2
3.2 ˘ 0.5 0.16 ˘ 0.02
102.4 7.54 ˘ 0.52 7.0 ˘ 1.4 0.06 ˘ 0.01
143.3 4.3 ˘ 0.7
6.0 ˘ 1.7 0.04 ˘ 0.01
105.2 8.0 ˘ 0.6
5.1 ˘ 1.5 0.06 ˘ 0.01
237.0 7.6 ˘ 0.2
3.8 ˘ 0.6 0.054 ˘ 0.007
169.0 4.6 ˘ 0.6 10.0 ˘ 1.4 0.06 ˘ 0.01 7.07 ˘ 0.47 2.29 ˘ 1.34 0.02 ˘ 0.01
79.0 5.1 ˘ 1.4
9.2 ˘ 3.0 0.04 ˘ 0.04 7.8 ˘ 1.5 2.7 ˘ 5.2 0.04 ˘ 0.04
78.1 5.5 ˘ 0.4 10.2 ˘ 0.9 0.12 ˘ 0.01 7.8 ˘ 0.2 1.0 ˘ 0.5 0.10 ˘ 0.03
70.6 5.3 ˘ 0.1 10.2 ˘ 0.2 0.27 ˘ 0.08 7.61 ˘ 0.05 2.16 ˘ 0.14 0.25 ˘ 0.01
65.0 5.4 ˘ 0.2 10.3 ˘ 0.4 0.34 ˘ 0.02 7.48 ˘ 0.08 2.04 ˘ 0.22 0.29 ˘ 0.02
102.7 7.2 ˘ 0.7
7.2 ˘ 1.8 0.04 ˘ 0.01
112.7 7.6 ˘ 0.2
2.6 ˘ 0.6 0.05 ˘ 0.01
114.8 5.9 ˘ 0.2
4.5 ˘ 0.5 0.07 ˘ 0.01
86.0 7.8 ˘ 0.3 10.2 ˘ 0.9 0.08 ˘ 0.01 7.7 ˘ 0.1 1.7 ˘ 0.4 0.05 ˘ 0.01
87.3 6.1 ˘ 0.2
8.5 ˘ 0.5 0.14 ˘ 0.01 7.9 ˘ 0.2 2.0 ˘ 0.6 0.06 ˘ 0.01
90.9 7.1 ˘ 0.2
8.5 ˘ 0.5 0.14 ˘ 0.01 8.9 ˘ 0.2 2.1 ˘ 0.6 0.06 ˘ 0.01
80.1 5.2 ˘ 0.3
8.2 ˘ 0.6 0.11 ˘ 0.01 7.2 ˘ 0.3 2.9 ˘ 1.0 0.05 ˘ 0.02
227.5 7.0 ˘ 1.0
8.5 ˘ 3.1 0.03 ˘ 0.01
36.3 4.8 ˘ 0.7
9.0 ˘ 1.4 0.09 ˘ 0.02 6.9 ˘ 0.2 2.7 ˘ 0.6 0.14 ˘ 0.02
16.8 4.4 ˘ 1.2
7.3 ˘ 2.5 0.11 ˘ 0.03 6.9 ˘ 0.4 2.2 ˘ 1.2 0.13 ˘ 0.05
44.3 5.2 ˘ 0.5
8.7 ˘ 0.9 0.10 ˘ 0.01 7.4 ˘ 0.1 2.2 ˘ 0.4 0.12 ˘ 0.02
104.6 6.8 ˘ 0.4
4.7 ˘ 1.0 0.03 ˘ 0.001
87.2 7.5 ˘ 0.9 11.4 ˘ 4.4 0.05 ˘ 0.02 7.3 ˘ 0.3 2.9 ˘ 1.3 0.06 ˘ 0.02
62.4 6.0 ˘ 0.1
9.0 ˘ 0.4 0.71 ˘ 0.03 7.43 ˘ 0.03 1.41 ˘ 0.08 1.16 ˘ 0.05
52.3 7.16 ˘ 0.09 9.1 ˘ 0.2 0.28 ˘ 0.01 7.81 ˘ 0.02 1.40 ˘ 0.07 0.53 ˘ 0.04
99.5 6.49 ˘ 0.05 11.1 ˘ 0.1 0.08 ˘ 0.01 8.01 ˘ 0.01 1.94 ˘ 0.03 0.12 ˘ 0.01
99.7 7.34 ˘ 0.08 8.5 ˘ 0.2 0.12 ˘ 0.02 8.25 ˘ 0.02 0.91 ˘ 0.05 0.15 ˘ 0.03
158.4 7.0 ˘ 3.1 11.0 ˘ 4.8 0.09 ˘ 0.03 8.3 ˘ 0.2 1.8 ˘ 0.7 0.08 ˘ 0.02
158.4 5.8 ˘ 1.9 12.4 ˘ 3.4 0.09 ˘ 0.01 7.6 ˘ 0.2 1.4 ˘ 0.5 0.08 ˘ 0.02
240.7 9.0 ˘ 0.7
5.6 ˘ 1.9 0.04 ˘ 0.01
51.9 7.56 ˘ 0.02 1.11 ˘ 0.07 0.45 ˘ 0.02
81.2 5.2 ˘ 0.6 14.3 ˘ 1.5 0.10˘0.01
87.5 5.2 ˘ 0.3 12.5 ˘ 0.8 0.118 ˘ 0.006
78.8 5.4 ˘ 0.3 14.5 ˘ 0.9 0.27 ˘ 0.01
141.5 5.5 ˘ 0.1
4.0 ˘ 0.2 0.187 ˘ 0.008
31.3 7.7 ˘ 0.7
5˘1
0.04 ˘ 0.01
41.9 7.8 ˘ 0.2
4.9 ˘ 0.5 0.09 ˘ 0.01
41.9 8.0 ˘ 0.7
5.4 ˘ 1.9 0.06 ˘ 0.01
32.6 6.9 ˘ 1
5˘3
0.09 ˘ 0.03
32.7 7.87 ˘ 0.05 1.5 ˘ 0.1 0.38 ˘ 0.02
56.2 7.5 ˘ 0.2
1.1 ˘ 0.3 0.09 ˘ 0.02
70.1 7.6 ˘ 0.2
1.0 ˘ 0.4 0.10 ˘ 0.03
58.1 7.7 ˘ 0.2
2.7 ˘ 0.8 0.08 ˘ 0.01
165.2 7.3˘0.8
7.2˘2.0
0.03˘0.01
75.0 ´0.5˘1.7
24˘6
0.04˘0.01
4.4˘0.5
4.7˘1.5 0.05˘0.01
44.7 7.52 ˘ 0.08 3.47 ˘ 0.34 0.41 ˘ 0.78 7.39 ˘ 0.05 1.0 ˘ 0.3 1.8 ˘ 0.7
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4.A. Line detections towards the 3 sources

Table 4.2: Molecular Line Detections for NGC 1333-IRAS 4B - JCMT data
Molecule

Transition

HCN
4-3
H13 CN
4-3
HNC
4-3
CO
3-2
13 CO
3-2
C17 O
3-2
HCO`
4-3
H13 CO`
4-3
H2 13 CO
5(1,5)-4(1,4)
CS
7-6
CH3 OH
11(1,10)-11(0,11)
CH3 OH
7(1,7)-6(1,6)
CH3 OH
12(1,11)-12(0,12)
CH3 OH
7(0,7)-6(0,6)
CH3 OH
7(-1,6)-6(-1,6)
CH3 OH
7(6,2)-6(6,1) CH3 OH
7(-1,7)-6(-1,6)++
CH3 OH
7(2,6)-6(2,5)–
CH3 OH
7(3,5)-6(3,4)++
CH3 OH
7(3,4)- 6(3,3)
CH3 OH
7(1,6)-6(1,5)
CH3 OH
7(2,5)-6(2,4)++
CH3 OH
7(2,5)-6(2,4)
CH3 OH
7(1,6)-6(1,5)–
CH3 OH
13(1,12)-13(0,13)-+
CH3 OH
4(0,4)-3(-1,3)
CH3 OH
1(1,1)-0(0,0)++
CH3 OH
13(0,13)-12(1,12)++
CH3 OH
4(1,3)-3(0,3)
CH3 OH
11(0,11)-10(1,9)
CH3 OH
8(1,7)-7(2,5)
CH3 OH
7(2,5)-6(1,5)
H2 CO
5(1,5)-4(1,4)
H2 CO
5(0,5)-4(0,4)
H2 CO
5(2,4)-4(2,3)
H2 CO
5(2,3)-4(2,2)
H2 CO
5(3,3)-4(3,2)
H2 CO
5(3,2)-4(3,1)
H2 CO
5(4,2)-4(4,1)
DCO`
5-4
SO 3 Σ
3(3)-3(2)
SO 3 Σ
7(8)-6(7)
SO 3 Σ
8(8)-7(7)
SO 3 Σ
9(8)-8(7)
SO2
4(3,1)-3(2,2)
C2 H
N=4-3, J=9/2-7/2, F= 4-3
C2 H
N=4-3, J=7/2-5/2, F= 4-3
CN N=3-2, J=5/2-3/2, F=7/2-5/2
CN N=3-2, J=7/2-5/2, F=9/2-7/2
HDCO
5(1,4)-4(1,3)
HDCO
6(1,6)-5(1,5)
D2 CO
6(0,6)-5(0,5)
SiO
8-7
N2 H`
4-3

Rest Frequency Eup
(MHz)
(K)
354505.5
345339.8
362630.3
345796.0
330587.9
337061.1
356734.1
346998.3
343325.7
342882.8
331502.4
335582.0
336865.1
338124.5
338344.6
338404.6
338408.7
338512.9
338540.8
338583.2
338615.0
338639.9
338721.6
341415.6
342729.8
350687.7
350905.1
355603.1
358605.8
360848.9
361852.2
363739.8
351768.6
362736.0
363945.8
365363.4
364275.1
364288.9
364103.25
360169.8
339341.5
340714.2
344310.61
346528.5
332505.2
349337.5
349399.3
340031.5
340247.8
335096.8
369763.5
342522.1
347330.6
372672.5

Broad

component

Vlsr
(km s´1 )

FWHM
(km s´1 )

T˚
A
(K)

Narrow

component

Vlsr
(km s´1 )

FWHM
(km s´1 )

T˚
A
(K)

42.5 8.0 ˘ 0.2 11.5 ˘ 0.5 1.04 ˘ 0.05 7.11 ˘ 0.04 0.9 ˘ 0.8
1.2 ˘ 1
41.4 8.4 ˘ 0.3 7.1 ˘ 0.8 0.08 ˘ 0.01
43.5 7.8 ˘ 0.2 4.5 ˘ 0.6 0.12 ˘ 0.02 7.67 ˘ 0.02 1.09 ˘ 0.04 0.89 ˘ 0.03
33.2 9.3 ˘ 0.4 14.6 ˘ 1.0 1.2 ˘ 0.1 6.78 ˘ 0.04 1.8 ˘ 0.1 4.2 ˘ 0.2
31.7 7.90 ˘ 0.03 2.56 ˘ 0.08 2.8 ˘ 0.1
32.4 7.4 ˘ 0.1 1.8 ˘ 0.1 0.37 ˘ 0.03
42.8 9.5 ˘ 0.4 9.9 ˘ 0.9 0.45 ˘ 0.04 7.47 ˘ 0.03 1.36 ˘ 0.07 2.1 ˘ 0.1
41.6 7.70 ˘ 0.05 1.26 ˘ 0.09 0.35 ˘ 0.02
61.3 8.3 ˘ 0.2 1.6 ˘ 0.3 0.11 ˘ 0.02
65.8 8.0 ˘ 0.1 10.5 ˘ 0.2 0.63 ˘ 0.02 7.86 ˘ 0.03 2.6 ˘ 0.1 0.77 ˘ 0.03
169.0 8.5 ˘ 0.5 9.6 ˘ 2.2 0.08 ˘ 0.03 8.0 ˘ 0.1 3.5 ˘ 0.6 0.15 ˘ 0.03
79.0 8.3 ˘ 0.2 5.3 ˘ 0.4 0.18 ˘ 0.02 7.4 ˘ 0.1 1.3 ˘ 0.3 0.14 ˘ 0.03
197.1 8.5 ˘ 0.1 4.8 ˘ 0.4 0.14 ˘ 0.01
78.1 9.3 ˘ 0.4 7.2 ˘ 0.7 0.15 ˘ 0.02 7.78 ˘ 0.09 2.2 ˘ 0.3 0.27 ˘ 0.03
70.5 8.8 ˘ 0.1 7.0 ˘ 0.4 0.34 ˘ 0.03 7.81 ˘ 0.04 2.2 ˘ 0.1 0.58 ˘ 0.03
243.8 5.2 ˘ 0.2 7.3 ˘ 0.4 0.39 ˘ 0.04 4.16 ˘ 0.05 2.1 ˘ 0.2 0.67 ˘ 0.04
65.0 8.8 ˘ 0.2 7.3 ˘ 0.4 0.38 ˘ 0.04 7.79 ˘ 0.05 2.2 ˘ 0.1 0.67 ˘ 0.04
102.7 8.5 ˘ 0.1 3.6 ˘ 0.2 0.13 ˘ 0.01
114.8 7.5 ˘ 0.1 5.0 ˘ 0.3 0.15 ˘ 0.01
112.7 8.6 ˘ 0.4 2.9 ˘ 0.8 0.06 ˘ 0.01
86.0 9.2 ˘ 0.4 6.8 ˘ 0.8 0.12 ˘ 0.02 7.9 ˘ 0.1 1.9 ˘ 0.4 0.17 ˘ 0.03
102.7 8.4 ˘ 0.2 4.8 ˘ 0.6 0.08 ˘ 0.01
87.3 11.8 ˘ 0.8 4.1 ˘ 1.4 0.09 ˘ 0.02 7.7 ˘ 0.16 3.8 ˘ 0.2 0.45 ˘ 0.02
80.1 8.9 ˘ 0.2 6.3 ˘ 0.4 0.18 ˘ 0.02 7.78 ˘ 0.05 2.1 ˘ 0.2 0.31 ˘ 0.02
227.5 8.6 ˘ 0.3 6.3 ˘ 0.6 0.11 ˘ 0.02 7.3 ˘ 0.3 1.9 ˘ 0.8 0.06 ˘ 0.02
36.3 8.3 ˘ 0.2 5.7 ˘ 0.6 0.15 ˘ 0.02 7.49 ˘ 0.07 1.7 ˘ 0.2 0.23 ˘ 0.03
16.8 8.8 ˘ 0.3 6.0 ˘ 0.5 0.16 ˘ 0.02 7.48 ˘ 0.05 1.3 ˘ 0.3 0.28 ˘ 0.03
211.0 8.6 ˘ 0.3 5.7 ˘ 0.8 0.14 ˘ 0.02
44.3 8.0 ˘ 0.2 4.7 ˘ 0.7 0.18 ˘ 0.06 7.8 ˘ 0.1 1.7 ˘ 0.4 0.20 ˘ 0.06
166.0 8.3 ˘ 0.2 6.6 ˘ 0.7 0.05 ˘ 0.01 8.0 ˘ 0.2 1.2 ˘ 1.0 0.02 ˘ 0.01
104.6 7.9 ˘ 0.6 7.2 ˘ 1.9 0.05 ˘ 0.01 7.5 ˘ 0.1 0.9 ˘ 3.2 0.08 ˘ 0.30
87.2 8.7 ˘ 0.2 6.8 ˘ 0.6 0.16 ˘ 0.02 8.06 ˘ 0.06 1.7 ˘ 0.2 0.25 ˘ 0.02
62.4 8.7 ˘ 0.2 8.2 ˘ 0.5 0.66 ˘ 0.07 7.60 ˘ 0.03 2.6 ˘ 0.1 1.81 ˘ 0.07
52.3 7.9 ˘ 0.03 2.2 ˘ 0.1 1.17 ˘ 0.04 7.86 ˘ 0.03 2.25 ˘ 0.09 1.17 ˘ 0.04
99.5 8.4 ˘ 0.1 5.1 ˘ 0.4 0.27 ˘ 0.04 7.94 ˘ 0.06 1.9 ˘ 0.2 0.33 ˘ 0.04
99.7 9.1 ˘ 0.3 9.0 ˘ 0.9 0.13 ˘ 0.02 8.33 ˘ 0.04 2.6 ˘ 0.2 0.48 ˘ 0.02
158.4 8.7 ˘ 0.5 7.5 ˘ 1.1 0.18 ˘ 0.04 8.16 ˘ 0.08 2.5 ˘ 0.3 0.36 ˘ 0.04
158.4 9.4 ˘ 0.9 7.9 ˘ 2.0 0.16 ˘ 0.04 8.16 ˘ 0.07 2.7 ˘ 0.3 0.40 ˘ 0.05
240.7 8.5 ˘ 0.2 3.9 ˘ 0.4 0.11 ˘ 0.01
51.9 7.65 ˘ 0.09 0.8 ˘ 0.4 0.6 ˘ 0.3
25.5 8.5 ˘ 0.1 1.3 ˘ 0.2 0.16 ˘ 0.02
81.2 8.2 ˘ 0.4 7.8 ˘ 1.1 0.07 ˘ 0.01 7.1 ˘ 0.2 1.3 ˘ 0.6 0.06 ˘ 0.02
87.5 9.4 ˘ 0.5 10.1 ˘ 1.1 0.06 ˘ 0.01 7.6 ˘ 0.1 1.9 ˘ 0.6 0.06 ˘ 0.02
78.8 9.5 ˘ 0.4 12.7 ˘ 0.9 0.10 ˘ 0.01 7.8 ˘ 0.1 2.4 ˘ 0.3 0.13 ˘ 0.01
31.3 7.9 ˘ 0.2 1.7 ˘ 0.5 0.08 ˘ 0.01
41.9 7.2 ˘ 0.2 2.6 ˘ 0.5 0.10 ˘ 0.02
41.9 6.8 ˘ 0.4 3.7 ˘ 1.0 0.06 ˘ 0.01
32.6 9.7 ˘ 1
7.6 ˘ 3 0.06 ˘ 0.02
32.7 7.7 ˘ 0.2 1.9 ˘ 0.4 0.23 ˘ 0.03
56.2 7.6 ˘ 0.1 1.8 ˘ 0.3 0.17 ˘ 0.02
70.1 7.1 ˘ 0.2 1.7 ˘ 0.6 0.13 ˘ 0.03
58.1 7.8 ˘ 0.2 1.6 ˘ 0.4 0.10 ˘ 0.03
75.0 8.6 ˘ 1.0 30.0 ˘ 3.0 0.08 ˘ 0.01
44.7 7.3 ˘ 0.1 3.5 ˘ 0.4 0.4 ˘ 0.1 7.3 ˘ 0.02 1.0 ˘ 0.1 1.8 ˘ 0.1
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4. The evolutionary status of dense cores in the NGC 1333 IRAS 4 region

Table 4.3: Molecular Line Detections for NGC 1333-IRAS 4C - JCMT data
Broad
Molecule

Transition

HCN
4-3
HNC
4-3
CO
3-2
13 CO
3-2
C17 O
3-2
HCO`
4-3
H13 CO`
4-3
CS
7-6
CH3 OH
4(0,4)-3(-1,3)
H2 CO
5(1,5)-4(1,4)
H2 CO
5(0,5)-4(0,4)
DCO`
5-4
SO 3 Σ
3(3)-3(2)
SO 3 Σ
7(8)-6(7)
SO 3 Σ
8(8)-7(7)
SO 3 Σ
9(8)-8(7)
C2 H
N=4-3, J=9/2-7/2, F= 4-3
C2 H
N=4-3, J=7/2-5/2, F= 4-3
CN N=3-2, J=5/2-3/2, F=7/2-5/2
CN N=3-2, J=7/2-5/2, F=9/2-7/2
N2 H`
4-3
H2 D`
1(1,0)-1(1,1)

Rest Frequency Eup
(MHz)
(K)
354505.5
362630.3
345796.0
330588.0
337061.1
356734.1
346998.3
342882.8
350687.7
351768.6
362736.0
360169.8
339341.5
340714.2
344310.6
346528.5
349337.5
349399.3
340031.5
340247.8
372672.5
372421.4

Vlsr
(km s´1 )

component
FWHM
(km s´1 )

Narrow component
T˚
A

(K)

Vlsr
FWHM
(km s´1 ) (km s´1 )

T˚
A
(K)

42.5 8.35 ˘ 0.06 1.2 ˘ 0.1 0.21 ˘ 0.02
43.5 8.58 ˘ 0.05 1.15 ˘ 0.09 0.42 ˘ 0.03
33.2 8.7 ˘ 0.5 5.1 ˘ 0.9 2.6 ˘ 0.4 6.8 ˘ 0.1 1.3 ˘ 0.3 4.1 ˘ 0.9
31.7 8.2 ˘ 1.2 1.9 ˘ 0.1 2.9 ˘ 0.1
32.4 8.27 ˘ 0.02 0.96 ˘ 0.05 0.69 ˘ 0.01
42.8 8.5 ˘ 0.03 1.52 ˘ 0.07 0.99 ˘ 0.04
41.6 8.44 ˘ 0.06 1.2 ˘ 0.1 0.20 ˘ 0.01
65.8 8.5 ˘ 0.1 1.1 ˘ 0.3 0.35 ˘ 0.08
36.3 7.6 ˘ 0.3 3.4 ˘ 0.6 0.09 ˘ 0.01
62.4 8.31 ˘ 0.04 1.3 ˘ 0.1 0.40 ˘ 0.03
52.3 8.72 ˘ 0.08 1.4 ˘ 0.2 0.20 ˘ 0.02
51.9 8.4 ˘ 0.5 0.9 ˘ 0.5 0.2 ˘ 0.1
25.5 8.2 ˘ 0.3 1.8 ˘ 0.8 0.09 ˘ 0.03
81.2 8.7 ˘ 0.2 2.0 ˘ 0.4 0.06 ˘ 0.01
87.5 8.8 ˘ 0.8 0.8 ˘ 1.8 0.1 ˘ 0.2
78.8 8.6 ˘ 0.1 1.9 ˘ 0.1 0.11 ˘ 0.01
41.9 7.9 ˘ 0.2 1.9 ˘ 0.4 0.21 ˘ 0.03
41.9 7.7 ˘ 0.1 1.9 ˘ 0.3 0.17 ˘ 0.02
32.6 9.2 ˘ 0.2 2.4 ˘ 0.5 0.09 ˘ 0.01
32.7 8.7 ˘ 0.1 1.4 ˘ 0.3 0.22 ˘ 0.04
44.7 8.1 ˘ 0.1 0.9 ˘ 0.2 0.55 ˘ 0.05
104.2 8.4 ˘ 1.1 1.7 ˘ 1.2 0.08 ˘ 0.03
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Chapter 5

The chemical structure of NGC 1333 IRAS 4A
The nitrogen in our DNA, the calcium in
our teeth, the iron in our blood, the
carbon in our apple pies were made in the
interiors of collapsing stars. We are made
of starstuff.
Carl Sagan

Abstract
It is not well known what drives the chemistry of a protostellar envelope, in particular the role of the stellar mass and the protostellar outflows on the chemical
enrichment of such environments.
We study the chemical structure of the Class 0 protostar NGC 1333 IRAS 4A in order
to (i) investigate the influence of the outflows in the chemistry, (ii) constrain the age
of our studied object, (iii) compare it with a typical high–mass protostellar envelope. In our analysis we use JCMT mapping observations (360–373 GHz) and HIFI
single pointing data (626.01– 721.48 GHz). We first estimate the average excitation
temperature and column density that characterize the outflow and the envelope of
our source using H2 CO lines, adopting a simple LTE approximation. To study the
influence of the outflow on the degree of deuteration, we model our observed JCMT
maps with RADEX to produce the DCO` /HCO` in a region that spatially covers
the outflow activity of IRAS 4A. Lastly, we derive empirical molecular abundance
profiles for the observed species using the Monte Carlo radiative transfer code (RATRAN) and adopting a 1D dust density/temperature profile from the literature. We
use a combination of constant abundance profiles and abundance profiles that include jumps at two radii (T„100 K or T„30 K) to fit our observations. We compare
our best–fit observed abundance profiles with the predictions from the time dependent gas grain chemical code (ALCHEMIC).
We detect CO, 13 CO, C18 O, CS, HCN, HCO` , N2 H` , H2 CO, CH3 OH, H2 O, H2 S,
DCO` , HDCO, D2 CO, SO, SO2 , SiO, HNC, CN, C2 H and OCS. The observed abundance profiles for many species are reproduced by a 1D pseudo-time-dependent gasgrain chemical model for the outer envelope, with the exceptions of HCN, HNC, CN.
The observed CO abundance requires an enhanced UV field which points towards
an outflow cavity. The abundances are 1 to 2 orders of magnitude lower than those

140

5. The chemical structure of NGC 1333 IRAS 4A
observed in the high mass protostellar envelope (AFGL 2591). This enhancement
can be explained by the significant difference on the temperature profiles among low
and high mass protostellar envelopes, especially the absence of a freeze–out zone in
the high mass case. The CH3 OH modeled abundance profile points towards an age
of ě 4ˆ104 yrs for IRAS 4A. The spatial distribution of H2 D` differs from that of
other deuterated species (i.e. DCO` , HDCO and D2 CO), indicating origin from a
colder layer in the foreground.
The observed abundances can be explained by passive heating towards the high
mass protostellar envelope, while the presence of UV cavity channels become more
important toward the low mass protostellar envelope (e.g. CO, HCO` .

5.1. Introduction
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Introduction

uring low mass (ă 2 Md ) star formation a rotating cloud of gas and dust collapses
under gravitational forces. The central protostar increases in mass through the accretion disk that surrounds it. The main mechanisms that retard the gravitational collapse
are the thermal pressure, magnetic fields and turbulence (Luhman 2012; Evans 2011;
Hennebelle & Motte 2009; Tan 2015). Turbulence can be enriched by energetic outflows
from young stellar objects (YSOs) which may further trigger star formation (Quillen et al.
2005).
Molecular outflows are prominent during the earliest stages of star formation, especially when collimated jets are driven in the youngest (103 –104 years) embedded protostars (Arce et al. 2007). Class 0 protostars are still in their main accretion phase and they
also drive the most powerful outflows. The impact of the ejected material on the surrounding cloud causes shock fronts. These lead to changes in the chemical composition
and the enhancement of the abundance of several species in the surroundings. Fontani
et al. (2014a) have found enhancement of HDCO/H2 CO towards the shock location of a
Class 0 object, L1157 mm (d“250 pc), reporting a deuterated molecule as a shock tracer
for the first time.
The strong outflow activity and winds that YSOs produce result in high velocity gas,
but also the evacuation of regions near the protostar. Such cavities have been previously
seen as a ”hole” in the continuum emission (e.g. near NGC 1333 IRAS4 and SVS13;
Lefloch et al. 1998). UV radiation from the protostellar system (mainly due to accretion)
and/or related to shocks is expected to play a crucial role in such environments since it
can penetrate over longer distances (Stäuber et al. 2004; Visser et al. 2012).
During the cold and dense pre-collapse phase, molecular complexity increases by
rapid ion-molecule gas-phase reactions followed by gradual freeze-out and build up of
ices (H2 O, CO, NH3 ) and surface processes. While collapsing, the radiation that comes
from the forming protostar heats the inner parts of the envelope making surface radicals
mobile and highly reactive. Later, these freshly formed complex ices thermally desorb,
further boosting rich chemical processes in the gas and creating a “hot corino” (e.g. Ceccarelli 2004, 2008). The hot corinos refer to inner regions (ă200 au) with an increase of
the temperature above 100 K, as a result of passive heating from the protostar.
In this work we are interested in answering the following questions: What is the
chemical structure of low mass protostellar envelopes and how does it compare to high
mass protostellar envelopes? How do the outflows influence the chemistry of the surroundings of a protostar?
For this purpose we use the low mass protostar IRAS 4A which appears as the brightest continuum object in NGC 1333 IRAS 4 region and is classified as Class 0 object
(André et al. 1993). IRAS 4A is a prototype well studied Class 0 object and of great
interest as it is among the first (Mathieu 1994), and youngest (André et al. 1993) protobinary systems ever detected. NGC 1333 is one of the nearest (D=235 pc; Hirota et al.
2008) and youngest (ă 1 My; Gutermuth et al. 2008) star forming regions. IRAS 4A is
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actually a binary system, consisting of two deeply embedded Class 0 YSOs with a separation of 1.2 8 (420 au at a distance of 235 pc). The binary nature of IRAS 4A had first
been observed in 0.84 mm CSO–JCMT interferometric high–resolution submillimeter
continuum observations (Lay et al. 1995) and resolved at millimeter wavelengths using
the BIMA array by Looney et al. (2000b). They were also found to share a common
circumbinary envelope (Looney et al. 2003).
In addition, a spectral line and continuum survey using SMA was performed by Jørgensen et al. (2007) where inverse P–Cygni 13 CO 2–1 (low–density) line profiles have
been found. These profiles indicate infall motions, which are also a characteristic of
Class 0 stage. Di Francesco et al. (2001b) reported inverse P–Cygni profiles in CS and
H2 CO, tracing high–density gas and observed by IRAM Plateau de Bure.
IRAS 4A has been suggested to have a “hot corino” (Maret et al. 2004b). Multitransition observations of species such as H2 CO and CH3 OH towards 4A revealed abundance
enhancement in the inner warmest regions (ą100 K) by up to 2 orders of magnitude
(Maret et al. 2004b, 2005). The same abundance enhancement can also occur in outflows
on larger scales as a result of ice mantle sputtering in shocks (Bachiller & Pérez Gutiérrez 1997; Tafalla et al. 2000). Mantle sputtering is thought to play a role when outflow
speeds reach about 10 km s´1 and is independent of gas density. In shocks with speeds
as high as 20–25 km s´1 the mantles vaporize completely. As an example, H2 CO and
CH3 OH have been found to trace outflow activity of IRAS 4A, which make it difficult to
distinguish between a “hot corino” chemistry and the enhancement due to shocks caused
by the protostellar outflows.
The highly collimated outflows from IRAS 4A have been mapped in several CO transitions (Yıldız et al. 2012; Jørgensen et al. 2007; Knee & Sandell 2000). IRAS 4A shows
two bipolar outflows, one with a N–S orientation and the other with P.A. „45˝ , likely
due to the binary nature of the system. The extended spatial distribution of the outflows
in combination with broad lines towards 4A (i.e. large range of velocities) suggests that
the inclination of the second outflow is ă 45˝ .
In this article we present HIFI and JCMT observations of a range of chemically diverse species towards IRAS 4A. We first estimate the excitation temperature and column
density of H2 CO in the envelope and outflow using population diagrams. We proceed
with modeling our observed maps with RADEX in order to determine the DCO` /HCO`
and test the enhancement observed by Fontani et al. (2014a). Then, we apply the 1D
physical model determined by Kristensen et al. (2012b) that takes into account the temperature and density gradients of the envelope and we run RATRAN in order to fit our
observations. We apply constant and enhanced abundance profiles. In addition, we run
chemical models that similarly take into account the physical structure of the protostellar
envelope and apply the abundance profiles we determine to our RATRAN models and we
compare those results with the empirical models.
We compare this low–mass case with the high–mass case of AFGL 2591 for which a
similar analysis was performed by Kaźmierczak-Barthel et al. (2015). Lastly, we try to
constrain the chemical age of the IRAS 4A from our time-dependent chemical models.

5.2. Observations and data reduction
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Observations and data reduction

5.2.1 HIFI: observations and reduction
Observations of the YSO NGC 1333 IRAS 4A (RA=03h 29m 10.3 s , Dec=`31o 131 312
[J2000]) were made with the HIFI instrument on board of the Herschel Space Observatory, as a part of the CHESS guaranteed time key programme (Chemical Herschel Survey of Star Forming Regions; Ceccarelli et al. 2010). Full spectral scans were made in
bands 2a and 2b, covering the spectral ranges 626.01–721.48 GHz (415.81–479.23 µm)
and 714.02–800.90 GHz (374.58–420.16 µm), respectively, at a resolution of 1.1 MHz
(0.41–0.53 km s´1 ). In this frequency range, the Herschel/HIFI Half Power Beam Width
(HPBW) is 26.5–33.92 (Roelfsema et al. 2012). The spectral scan was performed in Dual
Beam Switch (DBS) mode with a normal chop frequency of 0.17 Hz. Each sky frequency was covered four times to facilitate the double sideband deconvolution process.
The instrument stability settings were calculated in HSPOT by fixing the minimum and
maximum goal resolutions to 1.1 MHz and setting the 1 GHz reference option without
continuum optimization.
The observations were processed with the pipeline at the Herschel Science Center
with HIPE 7.1.0 and retrieved from the Herschel Science Archive. Further post–pipeline
level 2 processing was done in HIPE 8.0. Since we are interested in full spectral coverage,
only the WBS spectra were considered, although many HRS spectra in narrower range
were also available. Spectral regions affected by ‘spurs’ and not automatically detected
by the HIFI pipeline were flagged out and ignored. Polynomial baselines were subtracted
using the FitBaseline task by masking the lines interactively. The overlapping sidebands
were deconvolved with the doDeconvolution task in HIPE by applying the default settings. The observed line intensities in units of antenna temperatures were corrected for
loss in the sidelobes by converting them to main beam temperatures using the main beam
efficiency of ηmb (Beff/Feff) of 0.75 (Roelfsema et al. 2012).

5.2.2 JCMT: observations and reduction
These observations are a part of the JCMT Spectral Legacy Survey (SLS; Plume et al.
2007). The Auto–Correlation Spectral Imaging System (ACSIS) was used at the James
Clerk Maxwell Telescope (JCMT1 ) on Mauna Kea, Hawaii.
We have 21 ˆ21 maps from HARP–B instrument which provides high velocity resolution (1 MHz, „ 1 km s´1 ). These observations cover the frequency window between
330 and 373 GHz. The angular resolution of JCMT is „ 152 at 345 GHz which is equivalent to „ 3500 au at the distance of NGC 1333 IRAS 4 (Choi et al. 2004). The beam
efficiency is 0.63 (Buckle et al. 2009).
1

The James Clerk Maxwell Telescope is operated by the Joint Astronomy Centre on behalf of the Science and Technology Facilities Council of the United Kingdom, the Netherlands Organization for Scientific
Research, and the National Research Council of Canada.
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Details regarding the reduction and line detections of this dataset can be found in
Koumpia et al. (submitted).

5.3

Observational results

5.3.1 Line detections
The Single Side Band (SSB) H and V–polarization HIFI spectra were searched independently for line detections. We consider as safe detections the signals that were detected in
both polarizations, were ą 3ˆRMS (RMS „ 0.01 K–0.04 K) after averaging, and which
were characterised by a width of at least two channels ą 0.9 km s´1 (single channel; 1.1
MHz, „0.47 km s´1 ). Table 5.6 presents the line list with secure detections. The detected lines were identified by producing single temperature LTE models in CASSIS2 of
the species detected in SLS by Koumpia et al. (submitted). The species that are identified
following this process are: CO, 13 CO, C18 O, CS, HCN, HCO` , N2 H` , H2 CO, CH3 OH,
H2 S and H2 O. We inspected our HIFI spectra for lines of SO, SO2 , SiO, HNC, and H2 O
isotopologues, but without detections.
The JCMT observations have been described in more detail in Koumpia et al (submitted), where the detected species towards IRAS 4A are also presented. In addition to
the species detected in the HIFI survey, we detect the deuterated species DCO` , HDCO,
D2 CO, the S–bearing species SO, SO2 and finally SiO, HNC, CN, C2 H, OCS. The overall rms noise level in the JCMT data ranges between 0.005 and 0.05 K at the velocity
resolution of 0.9 km s´1 .

5.3.2 Line profiles
Examples of line profiles from species detected with HIFI and JCMT are plotted in Figures 5.1–5.3. Large line profile variations are observed. The CO 6–5 line shows narrow
emission (FWHM„0.8 km s´1 ) and absorption peaks accompanied by prominent wings
extending over 25 km s´1 toward blue and red–shifted velocities. The absorption is absent
in the other CO isotopologues, and the wings are much weaker. On the other hand, the
H2 O line shows only very broad emission, very similar to the CO 6–5 wings (Figure 5.1).
Visually, the detected lines can be divided in 3 groups. These groups are characterized by line profiles that are dominated by a) broad emission (FWHM“4–11 km s´1 ;
Figure 5.2) such as CS, H2 O, HCN, CH3 OH and H2 CO, b) narrow emission (FWHMă4
km s´1 such as C18 O, 13 CO, H2 S, HCO` and N2 H` (Figure 5.3), and c) showing absorption features such as CO 6-5 and H2 S 212 –101 (Figure 5.1). To quantify the difference
between the line profiles, they were decomposed with a simultaneous fit of three Gaussians: broad emission, narrow emission, and narrow absorption components (Table 5.6).
Our observations show that there is considerable variation in the width of the broad
emission line components. With median FWHM values of 4.6 and 5.1 km s´1 , the H2 CO
2

CASSIS has been developed by IRAP-UPS/CNRS (http://cassis.irap.omp.eu)
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and CH3 OH lines are narrower than the H2 O line (11 km s´1 ).

Figure 5.1: Normalized line profiles of H2 O 211 –202 (red) and CO 6–5 (black) scaled by

0.19 for easier comparison. The H2 O profile is very similar to the CO broad wing emission. The vertical green line represents the central velocity of the source at 6.7 kms´1 .

Figure 5.2: Same as Figure 5.1 but for CS line profiles (black).

146

5. The chemical structure of NGC 1333 IRAS 4A

The H2 O line itself is in fact asymmetric, and can be fitted with an additional, narrower Gaussian (VLS R “ 0.55 km s´1 , FWHM“3.86 km s´1 ). Finally, it is worth mentioning that the peak positions of the narrow N2 H` lines are shifted by `0.6 km s´1
compared to H2 S and the CO isotopologues, similar to the absorption component seen in
CO 6–5 and H2 S. The existence of such variation in the shape of the lines can be a result
of the different regions that these lines trace. A broad component is indicative of outflow
activity, a narrow component arises from dynamically quiescent gas (i.e. envelope) and
the absorption is a result of infall motions or the presence of foreground material.

Figure 5.3: Same as Figure 5.1 but for HCN and HCO` (black). The shape of the HCN

line profile is comparable to the H2 O but HCO` is narrower.

5.4

Physical conditions

5.4.1 LTE column densities
The protostellar envelope of NGC 1333 IRAS 4A has been previously studied by various
authors (e.g. Maret et al. 2004b, 2005), a fact that does not apply for its associated outflow. In this section we aim to estimate the column density and excitation temperature
from the observed emission in the envelope and outflow of IRAS 4A and compare their
derived conditions. In our approach we also add the observed HIFI transitions that were
not available in previous studies.
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A widely used and simplified method for a rough estimation of the column density of
a molecule is a population diagram (Goldsmith & Langer 1999) under the assumption of
LTE. When LTE applies the Tex equals the gas kinetic temperature, otherwise it provides
only a lower limit.
The column density of the upper state Nu and the rotational temperature Trot (“Tex )
once in LTE can then be determined by:
ş
T mb dV
NT
Nu
u
´ TErot
“
“x
e
2
gu
vµ S
QpT rot q

(5.1)

where x “ 8.591ˆ1037 8πk/hc3 , Nu the column density of the upper energy level
(cm´2 ), gu the degeneracy of the upper energy level, Tmb the main beam temperature (K),
dV the velocity range (km s´1 ), ν the frequency (Hz), µ the dipole moment, S the line
strength, NT the total column density (cm´2 ), Trot the rotational temperature (K), Q the
partition function and Eu the upper energy level. Plotting ln(Nu /gu ) versus Eu /k results in
a straight line with a slope of 1/Trot .
In non-LTE excitation the population of each level may be characterized by a different
excitation temperature Tex (,Trot ). The population diagrams can also take into account
optical depth and beam effects due to different angular resolutions among the lines by
using the modified equation:
ln

NT,thin
Eu
Nu
“ ln
´ lnpCτ q ` lnp f q
´
gu
QpT rot q kT ex

(5.2)

where Tex is the excitation temperature, Cτ “ τ/(1-e´τ ) is the optical depth correction
factor, and f the beam dilution which is defined as the size of the telescope beam over
the size of the emitting region which is assumed equal for all lines. A more detailed
description of the method and formulas used can be found in Goldsmith & Langer (1999).
The velocity information of our lines allows us to fit multiple Gaussians and separate the outflow activity from the emission that comes from the dynamically quiescent
envelope. For a more accurate determination of the temperature, species with sufficient
amount of transitions are preferred. We perform this analysis for H2 CO for which we
have observed many transitions with JCMT and HIFI (12). In this approach we include
also 4 extra transitions as observed using IRAM and presented in Maret et al. (2004b).
Figures 5.4 and 5.5 present the population diagrams for the envelope and the outflow
respectively, and the resulting excitation temperature, column density, optical depth and
`1.2
size of the emitting area. We find Tex „ 35˘0.5 K and N(H2 CO) of 8.5´0.8
ˆ1014 cm´2
`0.5
ˆ1015 cm´2 for the outfor the envelope and Tex „ 41.5˘4 K and N(H2 CO) of 1.2´0.2
flow. The error estimates have been computed during the χ2 minimization procedure for
∆χ2 “1. Maret et al. (2004b) modeled only the envelope and found a factor of 2 lower
column density and a factor of 1.2 lower Tex . We attribute these differences to the use of
the HIFI transitions which probe denser/warmer regions.
The excitation temperature provides only a lower limit for the gas kinetic temperature
when the source is not in LTE. Our results point towards 2.5 times lower Tex and 3 times
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Figure 5.4: Results of population diagram based on the narrow component (envelope) of

H2 CO as observed with JCMT and HIFI and the additional IRAM transitions as taken
by Maret et al. (2004b). The plot presents the resulting excitation temperature, column
density, optical depth and size of the emitting area. The red symbols represent the observed data, the green symbols represent the best fitted data, and the blue line represent
the rotation diagram fit.
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Figure 5.5: Same as in Figure 5.4 but for the broad component (outflow) of H2 CO. The

H2 CO transitions observed with HIFI were fitted by a single component and are not
included in this plot.
higher H2 CO column density for the envelope compared to the outflow. The fact that
we can have a reasonable fit for both components using both resulting values though
indicates that the observed difference is not significant.
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5.4.2 Deuterated species and outflows
Pre-stellar cores have been characterized as “deuterium fractionation factories” (Ceccarelli et al. 2014), due to the high deuteration that has been observed towards them in
various studies (ą10% Bacmann et al. 2003; Crapsi et al. 2005b).
More recently, deuterated species have been employed as shock tracers by Fontani
et al. (2014a). They found an enhancement of HDCO/H2 CO („10%) towards the eastern
wall of the cavity excavated by the shock associated with the Class 0 object, L1157 mm.
This is at least an order of magnitude larger than the HDCO/H2 CO ratio of the surrounding material. We aim to study the distribution of the deuterated species in the region and
examine the deuteration towards the outflow of NGC 1333 IRAS 4A, which is also a
Class 0 object.

In search of ions and deuterated species towards the outflow
The outflow activity of IRAS 4A has been traced by many species. SiO is expected to be a
tracer of outflow shocks, due to sputtering of Si off dust grains (Schilke et al. 1997). Choi
(2005) found it to trace the jet in the case of NGC 1333 IRAS 4. They have presented a
map of SiO 1–0 which traces the outflow activity of IRAS 4A and the spatial distribution
of a narrow line component offset at „7.6 km s´1 . Our dataset shows that the SiO 8–7
has its primary peak at the shock position north of IRAS 4A (R1; Santangelo et al. 2014),
while SO also emits significantly at that position (Figure 5.6). The same figure shows the
integrated intensity map of C2 H (core; from `5 to `9 km s´1 ) which was found to trace
the envelopes of the three ptotostars. Its three peaks are in alignment with the continuum
peaks as observed by Sandell & Knee (2001).

Figure 5.6: C2 H map overplotted with SiO in green contours (0.013, 0.03, 0.04, and 0.05

K; rms„0.005 K) and SO in white contours (0.07, 0.02, 0.03 and 0.04 K; rms„0.005 K).
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Figures 5.7 and 5.8 present the spatial distribution of the observed deuterated species
D2 CO, HDCO, DCO` and H2 D` as overplotted with C2 H. HDCO and D2 CO trace
mainly the protostellar envelopes and their distribution covers part of the outflow-shock
area (white rectangle) north–northeast of IRAS 4A (R1; Santangelo et al. 2014). DCO`
traces the envelopes but it also emits in a more extended area between the sources in the
NW–SE direction. Interestingly, H2 D` shows a very different spatial distribution compared to the other deuterated species. It does not follow the distribution of the envelopes
and it mainly emits in the NW–SE direction in the space between the three sources. The
spatial distribution of o-H2 D` as presented in Figure 5.8 appears to be co–spatial with
the narrow component of SiO as presented by Choi (2005).

Figure 5.7: C2 H map overplotted with DCO` in green contours (0.04, 0.06, 0.09, and

0.15 K; rms„0.005 K) and HDCO in yellow contours (0.013, 0.024, 0.034, 0.045 and
0.06 K; rms„0.005 K).

Origin of o-H2 D` emission
H2 D` is expected to arise from very cold gas where CO is depleted. At very low temperatures (ă20 K) the reaction H3 ` ` HD ÐÑ H2 D` ` H2 ` ∆E is not balanced by the
backward process, increasing the abundance of H2 D` . In addition the freeze out of CO
and N2 that would normally destroy H2 D` (e.g. Bacmann et al. 2003; Caselli et al. 2003,
2008), results in an increases of H2 D` abundance.
Given the “special” spatial distribution of H2 D` , the logical follow-up is to investigate
the spatial distribution of HCO` and N2 H` . HCO` and N2 H` are produced through the
reactions: H3 ` ` CO ùñ HCO` ` H2 and H3 ` ` N2 ùñ N2 H` ` H2 . In dense and
very cold environments both CO and N2 are expected to be depleted and thus so do HCO`
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Figure 5.8: The spatial distribution of deuterated species in IRAS 4 region. Integrated

intensity map (core; from `5 to `9 km s´1 ) of C2 H which traces the envelope in colors,
overplotted with H2 D` in green contours and D2 CO in yellow contours. The contour
levels are set to 0.014, 0.016, 0.023 and 0.03 K (rms„0.005 K).
and N2 H` . Previous observations of N-bearing species (e.g. N2 H` ) towards prestellar
cores have shown depletion resistance compared to CO, and that N2 depletes at later
times compared to CO (Bergin & Tafalla 2007b; Pagani et al. 2012). This contradicts
the expectation of similar behavior in terms of freezing out and desorption mechanisms,
since both species have similar masses and dipole moments.
Figure 5.9 presents the integrated intensity map of HCO` overplotted with H2 D` and
N2 H` in contours. This figure shows that N2 H` and HCO` follow similar spatial distribution, tracing mostly the protostellar envelopes and they emit significantly in almost the
half of the H2 D` slab towards the N–NW axis.
The presence of N2 H` and HCO` in part of the H2 D` slab can be a result of the
outflow–shock activity in the region that volatile ices such as CO and N2 . If we assume
a single layer of gas, such activity should also make H2 D` less abundant, but this is
not what we observe. Previous studies including Choi et al. (2004) and Koumpia et
al (submitted) provided evidence for a foreground cloud at „8 km s´1 and IRAS 4A
and IRAS 4B are a part of a smaller embedded cloud at 6.7 km s´1 . The H2 D` line is
shifted by „1.5 km s´1 . This can be an indication that the narrow component of SiO 1–0
(„7.6 km s´1 ) and the H2 D` („8 km s´1 ) originate from the same foreground layer at
the offset velocity. Such narrow SiO emission has been discovered in more regions (e.g.
G035.39–00.33) and it has been suggested that it originates from cold gas associated
with a low-velocity shock (e.g. Duarte-Cabral et al. 2014b). H2 D` emission requires
very cold conditions though and is unlikely to be associated with shock activity due to
the presence of N2 H` and HCO` . This emission probably originates from a colder layer
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Figure 5.9: HCO` integrated intensity map overplotted with H2 D` in green contours

(0.017, 0.026 K; rms„0.005 K) and N2 H` in yellow contours (0.14, 0.27, 0.41 and 0.54
K; rms„0.005 K).

in the foreground.

Modeling the deuteration
In order to model the observed emission and determine the deuteration of the region we
use the kinetic temperature map as derived by Koumpia et al. (submitted) in the non–LTE
radiative transfer program RADEX (van der Tak et al. 2007b) after adopting a constant
H2 density of 3ˆ105 cm´3 as suggested in the same work. We calculate and present the
[DCO` ]/[HCO` ] ratio in Figure 5.10. Because of the adopted constant density the absolute values of the resulting column densities can vary by up to a factor of 3. Assuming
that the gas surrounding the protostars is characterized by densities ă 3ˆ105 cm´3 would
cause a decrease in the resulting kinetic temperature by a factor up to „2 and an increase
in the resulting column densities by a factor up to „3. The uncertainties of this method
are based on the best fit models (χ2 minimization) after keeping 1 fixed parameter per
run (described in detail in Koumpia et al.; submitted).
We find „3 times higher [DCO` ]/[HCO` ] ratio towards the N–NE part of the H2 D`
slab compared to the sources while the N–NW part of the slab does not show an enrichment in deuteration. The shock position on the north though (R1) is characterized by
values equal and up to 2 times higher deuteration compared to IRAS 4A.
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Figure 5.10: Spatial distribution of the modeled [DCO` ]/[HCO` ] ratio.

5.5

Chemical structure of the envelope

5.5.1 RATRAN – model setup
In order to estimate molecular abundance profiles through the envelope of NGC 1333 IRAS 4A,
we ran the Monte Carlo radiative transfer code RATRAN (Hogerheijde & van der Tak
2000) and produced synthetic line emission. RATRAN takes into account the physical
structure of the source including temperature and density gradients, and continuum dust
emission and absorption.
The line spectra of NGC 1333 IRAS 4A are generally broad (ą5 km s´1 ) and the
wings are very prominent in many species. The physical models are determined using
continuum observations that characterize the protostellar envelope. Therefore we focus
on the narrow component of the lines. For this purpose we perform a multi-Gaussian fit
and use only the narrow component for modeling. Some of the lines show self–absorption
making the accurate Gaussian fitting very difficult and the modeling of the lines more
complicated. Thus, we chose not to work with those lines.
The H2 O line shows only a broad component (Figure 5.1) and we observe no isotopologues, making the identification of the envelope component unreliable. The situation for
SiO is similar, thus we do not model these species. We model the isotopologues preferably when present, and otherwise model the narrow component of the main species when
multiple Gaussian fitting is possible (e.g. H13 CO` , C17 O and C18 O, H13 CN). We use
fixed local ISM isotopic ratios of 12 C/13 C “ 60, 16 O/17 O “ 2000, 16 O/18 O “ 560 (Wannier 1980; Wilson & Rood 1994; Wilson 1999). In addition we assume an ortho to para
ratio of 3 for the two collisional partners o–H2 and p–H2 . Dust continuum radiation is
taken into account using the dust opacity OH5 taken from Ossenkopf & Henning (1994b)
(Table 1), which corresponds to dust grains with thin ice mantles.
We ran RATRAN applying the density and temperature radial profiles of NGC 1333 IRAS 4A
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(Figure 5.11) as determined by Kristensen et al. (2012b). The density profile is assumed
to be a power–law, n(r) “ n0 ˆ(r/r0 )´p , with a best–fit index of p “ 1.8. The density
and temperature profiles were derived from the best–fit dust model assuming that the gas
is entirely molecular and using a mean molecular mass of 2.4 amu and a gas–to–dust
ratio of 100. For our calculations we defined a grid of 19 spherical shells from rin “
5ˆ1014 cm up to rout “ 7.7ˆ1016 cm where the dust temperature is 250 K and 10 K and
the nH2 density is 3.05ˆ109 cm´3 and 3.5ˆ105 cm´3 respectively. The original model extends further out as seen in Figure 5.11 but our adopted profiles better represent the size
and outer temperature of the envelope of a protostar („5000 au, 10 K). We also assumed
thermal equilibrium between dust and gas at those high densities.
The papers from which the collisional rate coefficients of the main isotopologues with
H2 were adopted, are presented in Table 5.1. The collisional data of H2 S are scaled from
the files of ortho- and para-H2 O by ortho- and para-H2 as calculated by Dubernet et al.
(2009); Daniel et al. (2010, 2011). For isotopologues and the deuterated species the same
collision data were used as for the main isotope.
Table 5.1: References for the collisional rate coefficients of the species modeled in this

paper.
Species

Authors

CO
Yang et al. (2010)
`
HCO
Flower (1999)
`
N2 H
Flower (1999)
HCN
Dumouchel et al. (2010)
CS Lique et al. (2006); Lique & Kłos (2011)
HNC
Dumouchel et al. (2010)
H2 CO
Wiesenfeld & Faure (2013)
CH3 OH
Rabli & Flower (2010)
C2 H
Müller et al. (2005)
CN Lique et al. (2006); Lique & Kłos (2011)
OCS
Green & Chapman (1978)
SO2
Green (1995)
H2 CS
Wiesenfeld & Faure (2013)

We assumed a static envelope without infall or expansion and we used a range of
abundances typically varying between 10´7 and 10´12 in order to constrain the abundance
profile that best fit the observations. The turbulent line width was fixed to 1.9 km s´1 ,
which is the average value we found for the narrow component of most species after
fitting multiple Gaussians. Modeling the observed lines with a constant abundance is
the only way when it comes to species which show only a few transitions but might be
not always a realistic approach. Several molecules have been suggested to be present in
volatile ice mantles on dust grain surfaces at temperatures ă 20–110 K. The exact temperature depends on species and the surface composition (Bisschop et al. 2006; Herbst &
van Dishoeck 2009). We chose to apply jump–like abundances at 100 K for H2 CO and
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Table 5.2: Constant empirical abundances estimated with RATRAN for the envelope of

NGC 1333 IRAS 4A based on HIFI and JCMT observations. The table contains also the
abundances of AFGL 2591 (outer envelope) for direct comparison.
Molecule

Abundance
IRAS 4A AFGL 2591
(outer)

CO
HCO`
N2 H`
HCN
CS
HNC
H2 CO
CH3 OH
DCO`
C2 H
CN
OCS
SO2
HDCO
H2 CS
D2 CO
H2 S

3 ˆ 10´5
1 ˆ 10´9
8 ˆ 10´11
3 ˆ 10´10
3 ˆ 10´9
8 ˆ 10´11
4 ˆ 10´10
1 ˆ 10´8
1 ˆ 10´11
6 ˆ 10´10
1 ˆ 10´10
6 ˆ 10´9
4 ˆ 10´10
5 ˆ 10´11
4 ˆ 10´10
5 ˆ 10´11
4 ˆ 10´10

2 ˆ 10´4
3 ˆ 10´8
8 ˆ 10´10
5 ˆ 10´7
4 ˆ 10´8
1 ˆ 10´8
1 ˆ 10´8
8 ˆ 10´8
...
8 ˆ 10´8
1 ˆ 10´9
4 ˆ 10´8
5 ˆ 10´9
...
4 ˆ 10´9
...
4 ˆ 10´9

Table 5.3: As Table 5.2, but for jump and drop abundance profiles.
Molecule

IRAS 4A
XIN
XOUT

AFGL 2591
XIN
XOUT

Jump/
Drop at

CO 1 ˆ 10´4 3 ˆ 10´6 2 ˆ 10´4 (const.) 25 K
H2 CO 4 ˆ 10´8 4 ˆ 10´10 1 ˆ 10´11 1 ˆ 10´8 100 K
CH3 OH 1 ˆ 10´8 7 ˆ 10´10 8 ˆ 10´7 8 ˆ 10´8 100 K

CH3 OH for which more transitions are available.

5.5.2 RATRAN – model results
The resulting abundances from the process described above are presented in Table 5.2
which compares this low mass case with a high mass case from the literature (AFGL 2591;
Kaźmierczak-Barthel et al. 2015). We find observed abundance profiles for the low mass
protostellar envelope (NGC 1333 IRAS 4A) which are systematically 1 to 2 orders of
magnitude lower than the high mass protostellar envelope.
Figure 5.12 shows the observed line profiles of C17 O 3-2 and C18 O 6-5 with overplotted the best fit abundance profile model after deriving a constant abundance of 3ˆ10´5
and a drop model for comparison. Using a constant abundance, it was impossible to re-
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Figure 5.11: The density (top) and temperature (bottom) profiles of NGC 1333 IRAS 4A

as derived by Kristensen et al. (2012b). The dashed line represents the outer radius
adopted for our models (T„10 K).
produce the intensities of both C17 O and C18 O lines with this profile. Taking into account
the freeze–out zone one would expect a drop of the CO abundance but this alone is also
not able to reproduce the line intensities. Thus, we use a similar drop profile as suggested
by Yıldız et al. (2010, 2012), in which the abundance of CO drops in the freeze–out zone
but rises again in the outer envelope. The evaporation temperature of CO is not welldetermined, so we chose to use the lower limit from laboratory, which is 25 K. We find
the best fit model is one that adopts an inner abundance for Tą25 K of 1ˆ10´4 which
drops to 3ˆ10´6 at the coldest part of the envelope and rises again to the canonical value
of 1ˆ10´4 towards the outer envelope where external UV radiation becomes important.
This is in good agreement with the additional C18 O transitions from Yıldız et al. (2012)
who found a CO abundance of 6ˆ10´5 for the warmest part of (250–50 K) the envelope
dropping to 3ˆ10´6 for the coldest part (ă30 K) where depletion is prominent and a
jump up to 3ˆ10´4 for the outer envelope. The constant CO abundance reproduces the
C18 O 6–5 transition very well, but it overproduces by a factor of „2 the C17 O 3-2. Having
additional transitions would help to better constrain the abundance profile. The fact that
the higher–J C18 O 6–5 can be reproduced by a constant abundance profile indicates that
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Figure 5.12: Observed C17 O 3-2 and C18 O 6-5 line profiles (black) overplotted with the

modeled line profiles resulting in RATRAN after applying a) „1.5 orders of magnitude
drop in CO abundance at the snowline (blue) b) CO constant abundance of 3ˆ10´5 (red)
and the abundance profile as adopted from our chemical models for UV“10ˆISRF at
AV “1mag (black line in Figure 5.17).
CO evaporate back into the gas phase in the inner envelope (T ą30 K). We chose to work
with these isotopologues because they are optically thin and have narrow line-widths and
thus trace the quiescent envelope. The fact that we avoiding using the optically thick
broad 13 CO lines introduces less systematic errors in our solution.
Figure 5.13 shows the integrated intensities of the observed H2 CO transitions using
HIFI and JCMT towards IRAS 4A overplotted with the convolved („15–332 ) synthetic
emission as calculated with RATRAN for a constant abundance of [H2 CO] “ 4ˆ10´10
and jump models at „100 K. The assumption of a constant abundance works well for
the transitions with Eup ą 100 K while the 2 transitions with Eup ă 100 K are 15–50%
overproduced, indicating that a jump model is required. Our jump model at „100 K
results in XIN “ 4ˆ10´8 and XOUT “ 4ˆ10´10 and reproduces the lower energy lines
better but the higher energy lines a bit worse compared to the constant abundance model.
Maret et al. (2004b) found H2 CO abundance about a factor of 2 lower for the inner
envelope (2ˆ10´8 ) and a factor of 2 lower for the outer envelope compared to our jump
model. Differences up to 2 orders of magnitude between H2 CO abundance of the inner
and outer low–mass protostellar envelopes have been observed before (IRAS 16293–
2422; Ceccarelli et al. 2000).
Figure 5.13 shows the integrated intensities of the observed CH3 OH transitions using
HIFI and JCMT towards IRAS 4A overplotted with the convolved („15–332 ) synthetic
emission as calculated with RATRAN for [CH3 OH] “ 1ˆ10´8 . Maret et al. (2005) have
found an upper limit of 1ˆ10´8 for the CH3 OH abundance in the inner envelope and the
same abundance as we do in the outer envelope. The main differences in the two methods
are the additional HIFI transitions we use, the new collisional data and the new physical
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model derived by Kristensen et al. (2012b) including PACS observations which were the
smallest–scale used data. Maret et al. (2004b, 2005) used the physical model derived by
Jørgensen et al. (2002). The models we used are characterized by the same power law
for the density profiles and the temperature profiles also follow a similar pattern.
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Figure 5.13: Integrated intensities of the observed (black) and modeled H2 CO and

CH3 OH transitions in the observed Eup range using a constant abundance of [H2 CO]
“ 4ˆ10´10 and [CH3 OH] “ 1ˆ10´8 (red) and a jump model (green). The errors of the
observed values are „20% of the measured value.
We find HDCO/H2 CO ratio of „10% which is comparable with the one found by
Loinard et al. (2000, 2001) towards IRAS 16293–2422 („10–15%) and the value reported for Orion KL („15%). We also find a very high D2 CO over H2 CO ratio („10%)
although this is based on only 1 transition. Very high values between „5–10% of the relative D2 CO abundance have been found before towards the low mass protostar IRAS 16293–
2422 (Ceccarelli et al. 1998; Loinard et al. 2000), which is „2 orders of magnitude higher
than in Orion KL. The average gas kinetic temperature of IRAS 4A is „45 K (Koumpia
et al, submitted) and thus such high deuteration cannot be explained if D2 CO is only
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formed in the gas–phase. On the other hand, D2 CO may have been enriched in the dust
grains in low mass protostellar environments during the cold, dense pre–collapse period
followed by its evaporation thus it is probably formed via the grain surface reactions.
Lastly, we find DCO` /HCO` “ 1% in agreement with what is reported by Loinard et al.
(2000, 2001) for IRAS 16293–2422.

5.6

Chemical modeling

5.6.1 Pseudo time-dependent model
In this section we compare the empirical abundance profiles of the studied species (RATRAN) with those resulting from chemical models for the same adopted physical structure of NGC 1333 IRAS 4A. Our goal is to a) understand the chemical processes that
take place in NGC 1333 IRAS 4A and b) constrain its age.
To compare the observationally-derived abundance profiles, we used the same 1D
physical model as in 5.5.1 and gas-grain time-dependent chemical model as in KaźmierczakBarthel et al. (2015). This allows us to compare chemistry modeling results between a
low-mass and a high-mass protostellar envelope. The chemical model is based on the
chemical kinetics ALCHEMIC code of Semenov et al. (2010) and a gas-surface network with deuterium fractionation (Albertsson et al. 2013, 2014). The original, nondeuterated chemical network stems from the osu.2007 ratefile developed by the group of
Eric Herbst 3 . The network is supplied with a set of „ 1 000 high-temperature neutralneutral reactions from Harada et al. (2010, 2012) and updated as of June 2013, using the
KIDA database4 .
All H-bearing species reactions in this network were cloned by adding D, with the exception of molecules with the ´OH functional group. Primal isotope exchange reactions
`
`
for H`
3 as well as CH3 and C2 H2 from Roberts & Millar (2000); Roberts et al. (2004);
Roueff et al. (2005) were included. In cases where the position of the deuterium atom
in a reactant or in a product was ambiguous, a statistical branching approach was used
(for further details please consult Albertsson et al. 2013). In Albertsson et al. (2014) this
deuterium network was further extended by adding ortho- and para-forms of H2 , H`
2 and
`
H3 isotopologues and the related nuclear spin-state exchange processes.
To calculate ionization rates, we adopted the cosmic ray ionization rate of 5 ˆ 10´17 s´1 ,
as derived by van der Tak & van Dishoeck (2000b) and Indriolo et al. (2015). In addition,
we ran chemical simulations with a higher value of 10´16 s´1 . The photodissociation and
photoionization rates in the model are adopted for a 1D slab model from van Dishoeck
(2006). To mimic the presence of an outflow in this source, we also considered several other models with enhanced UV irradiation. For that, we use a scaled interstellar
3

http://web.archive.org/web/20081204232936/
http://www.physics.ohio-state.edu/ eric/research_files/
osu_03_2008
4
http://kida.obs.u-bordeaux1.fr
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UV radiation field in Draine (1978) units and moderate dust extinction of 10, 3, 2, and
1 mag. The pre-computed photoionization and dissociation rates for a 1D plane-parallel
slab model were used (see Eq. 5; Semenov et al. 2010). The self- and mutual-shielding of
CO and H2 from external dissociating radiation was calculated as in Semenov & Wiebe
(2011). The water self-shielding is neglected.
The grains are uniform and spherical and made of amorphous olivine with a density
of 3 g cm´3 and a radius of 0.1 µm. If grains are on average bigger than 0.1 µm it would
slow down freeze-out which would increase the CO gas/ice ratio. The same effect would
be seen for all other species that can freeze out. This would enhance the overall gas-phase
molecular abundances with respect to our standard model. IRAS 4A is still a young object
though, so no severe grain growth is expected.
Each grain provides « 1.88 ˆ 106 surface sites (Biham et al. 2001) for freeze-out of
gaseous molecules. We use the desorption energies Edes from (Garrod & Herbst 2006).
The binding energies Eb are computed by multiplying Edes by 0.4.
The gas-grain interactions include sticking of neutral species and electrons to dust
grains with 100% probability and desorption of ices by thermal, cosmic ray, and UVdriven processes. In our model we use a single Edes for H2 “ 450 K, which properly
describes H2 diffusion over the dust surface and the H2 binding to water or silicate surfaces. However, the H2 –H2 binding energy is much lower (23 K). This means that as soon
as there is a H2 monolayer on a surface, further freeze-out of H2 would be compensated
by immediate desorption of H2 back to the gas phase. Our models cannot capture this
process well and thus we simulate it by not allowing H2 isotopologues to stick to grains
(See also; Hincelin et al. 2015).
The UV photodesorption yield of 10´3 was used (e.g., Öberg et al. 2009; Fayolle
et al. 2011, 2013). This is consistent for CO and some other light species, but it drops to
„10´5 or lower for anything bigger (e.g. CH3 OH). This is one of the limitations of our
method. Photodissociation processes of solid species are taken from Garrod & Herbst
(2006).
Surface recombination proceeds through the classical Langmuir-Hinshelwood mechanism (e.g. Hasegawa et al. 1992). The ratio between diffusion and desorption energies
of surface reactants is taken to be 0.5 for all surface species. We do not allow tunneling
of surface species via the potential wells of the adjacent surface sites. To account for hydrogen tunneling through barriers of surface reactions, we have employed Eq. (6) from
Hasegawa et al. (1992), which describes a tunneling probability through a rectangular
barrier with a thickness of 1 Å.
For each a surface recombination, we assume there is a 1% probability for the products to leave the grain due to the partial conversion of the reaction exothermicity into
breaking the surface-adsorbate bond (Vasyunin & Herbst 2013). Following experimental studies on the formation of molecular hydrogen on amorphous dust grains by Katz
et al. (1999), the standard rate equation approach to the surface chemistry is utilized.
In addition, dissociative recombination and radiative neutralization of molecular ions on
charged grains and grain re-charging are taken into account.
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Table 5.4: Initial abundances for chemical modeling.

Species Abundances
“Low metals” (LM), C{O “ 0.44
o-H2
p-H2
HD
He
C
N
O
S
Si
Na
Mg
Fe
P
Cl

3.75 ˆ 10´1
1.25 ˆ 10´1
1.55 ˆ 10´5
9.75 ˆ 10´2
7.86 ˆ 10´5
2.47 ˆ 10´5
1.80 ˆ 10´4
9.14 ˆ 10´8
9.74 ˆ 10´9
2.25 ˆ 10´9
1.09 ˆ 10´8
2.74 ˆ 10´9
2.16 ˆ 10´10
1.00 ˆ 10´9

With this network and 10´5 relative and 10´20 absolute tolerances, the 1D IRAS 4A
model takes about 1 minute using Core-i7 2.5 GHz CPU (OS X 10.11, gfortran 6-x64) to
compute over 106 years. This time span encompasses the likely age of this object.

5.6.2 Initial abundances
To set the initial abundances, we calculated the chemical evolution of a 0D molecular
cloud with nH “ 2 ˆ 104 cm´3 , T “ 10 K, and AV “ 10 mag over 1 Myr (model
“PSC-LM”). For that, the neutral “low metals” (LM) elemental abundances of Graedel
et al. (1982); Agúndez & Wakelam (2013) were used, with the solar C{O “ 0.44, initial
ortho/para H2 of 3:1, hydrogen being fully in molecular form, and deuterium locked up
in HD (see Table 5.5).

5.6.3 Error estimations
The problem of uncertainties of the calculated abundances is well known in chemical
studies of various astrophysical environments, ranging from dark clouds and hot cores
to protoplanetary disks and exoplanetary atmospheres (see, e.g., Dobrijevic et al. 2003;
Vasyunin et al. 2004; Wakelam et al. 2005; Vasyunin et al. 2008). The error budget of the
theoretical abundances is determined by both the uncertainties in physical conditions in
the object and, to a larger degree, by uncertainties in the adopted reaction rate coefficients
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Table 5.5: The top 25 of the initially abundant molecules for the NGC 1333 IRAS4A

chemical modeling.
Species Abundances
PSC-LM model with C{O “ 0.44
p-H2
o-H2
He
H
H2 O˚
CO˚
CO
O2
HD
N2
NH˚3
O
O˚2
CH˚4
N˚2
H˚
C3 H˚2
OH
H2 O
HNO˚
NO
N
HDO˚
CO2
CO˚2

3.77 ˆ 10´1
1.23 ˆ 10´1
9.75 ˆ 10´2
5.25 ˆ 10´4
5.53 ˆ 10´5
4.05 ˆ 10´5
3.26 ˆ 10´5
1.79 ˆ 10´5
1.52 ˆ 10´5
7.39 ˆ 10´6
5.64 ˆ 10´6
5.59 ˆ 10´6
4.12 ˆ 10´6
3.64 ˆ 10´6
1.76 ˆ 10´6
6.03 ˆ 10´7
4.48 ˆ 10´7
3.43 ˆ 10´7
2.79 ˆ 10´7
2.40 ˆ 10´7
2.22 ˆ 10´7
1.36 ˆ 10´7
1.35 ˆ 10´7
1.32 ˆ 10´7
1.19 ˆ 10´7

* – denotes frozen species.

and their barriers. Poorly known initial conditions for chemistry may also play a role
here.
In order to estimate the chemical uncertainties rigorously, one usually needs to perform a large-scale Monte Carlo modeling by varying reaction rates within their error bars
and re-calculating chemical evolution of a given astrophysical environment. We do not
attempt to perform such a detailed study and use the estimates from previous works.
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In previous studies of chemical uncertainties it was found that the uncertainties are in
general larger for bigger molecules as their evolution involves more reactions compared
to simpler molecules. For simpler, key species such as CO and H2 involved in a limited
cycle of reactions it is easier to derive the reaction rates with a high accuracy of „ 25%.
In addition these species are formed in the gas which is better known than the surface
part. Consequently, their abundances are usually accurate within 10 ´ 30% in modern
astrochemical models. On the other hand, for other diatomic and triatomic species such as
CN, HCO` , HCN, CCH, etc. uncertainties are usually about a factor of 3-4 (see Vasyunin
et al. 2008). The chemical uncertainties are even higher for more complex molecules like
methanol due to the fact that gas phase reactions are less known and the surface chemistry
less well understood. These uncertainties can reach orders of a magnitude, with the factor
of 10 being a likely lower limit.
Moreover, for S-bearing species, for which many reaction rates have not been properly measured or calculated or included in the networks, these intrinsic uncertainties and
hence the uncertainties in their resulting abundances are higher, ą factor of 10 even for
simple species such as SO, OCS, and SO2 (Loison et al. 2012). Also, the incompleteness
of astrochemical networks with regard to the chemistry of Cl- and F-bearing molecules
makes their calculated abundances rather unreliable.
In our study we assume that the uncertainties in the abundances of ortho- and para-H2
and CO are within a factor of 30%. For HCO` , H2 CO, CN, N2 H` , C2 H, NO, OH, C,
C` , O, CH, NH3 , H2 O, HCN, HNC the uncertainties are within a factor of 3, and for
S-bearing species, CH3 OH, and HCl they are within a factor of 10.
The result of this process is the abundance profiles from the species of interest. This
means that we get the abundance of species over the radius adopted from the physical
models for a range of timescales. In our study we do not use the abundance profiles of
SO2 , SO, and OCS from the chemical model because the chemical network for S-bearing
species is too inaccurate with respect to these species and thus lacks predictive power.

5.6.4 Results
Standard approach
Figures 5.14–5.16 present the results of the standard chemical modeling compared to
the observed abundances of NGC 1333 IRAS 4A from Sec. 5.5.1 and the high mass
protostellar envelope AFGL 2591 from Kaźmierczak-Barthel et al. (2015). The observed
abundances for most species appear to be in agreement with the modeled abundances
in the outer envelope while they are systematically 1 to 2 orders of magnitude lower
than the high mass protostellar envelope. In contrast, the predicted CN, HCN, and HNC
abundances are 1 to 2 orders of magnitude higher than the observed values for the outer
envelope. Our chemical models do not take into account shielding of CN by H2 , as
well as FUV scattering which can be important. In addition our models use the CN
photodissociation rates which are taken by van Dishoeck et al. (2006). A more recent
study by el-Qadi & Stancil (2013) presents CN cross sections with values several times
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smaller than those from van Dishoeck et al. (2006). From all the parameters, it seems
that the strongest effect in those modeled abundances is due to the assumed FUV intensity
and the C/O ratio. The C/O “ 1.1 gives X(CN) of 3ˆ10´7 while X(HCN) „ X(HNC)
„ 8ˆ10´10 . If one assumes a strong FUV field of 104 of the ISF UV with a modest
extinction of Av“1 mag, the fit is much better: X(CN) „1–4ˆ10´10 , X(HCN) „ă10´11 ,
X(HNC) „ą 2ˆ10´11 . Without any additional FUV one gets X(CN) “ 10´14 , X(HCN)
„ 2ˆ10´9 , X(HNC) „ 7ˆ10´11 . The standard model alone cannot explain the observed
abundances for more than one of the modeled species, making the development of a more
advanced model necessary.

The necessity of an outflow cavity
We observe a drop of only „2 orders of magnitude towards the snowline of CO, compared
to „6 orders of magnitude predicted by our chemical models. A plausible explanation for
such a discrepancy between our chemical model and the observations is the presence of
the outflow, which is not accounted for in the 1D model (Bruderer et al. 2009). The way
to approximately simulate the outflow, the UV-irradiated outflow walls, and the envelope
in the 1D approximation is to add more UV radiation to the chemical model. For that,
additional FUV components with the intensities of 1 and 10 Draine and moderate dust
extinction of 10 and 3 mag was considered. We find that only lower extinction influences
the resulting CO abundance, increasing it by „1 order of magnitude. The standard model
without extra UV radiation and an extinction of 10 mag produces the same abundance
profiles.
Figures 5.17–5.19 present the results of the models with additional 10 Draine UV
fields and for dust extinctions of 1, 2 and 3 mag. The extreme case of an 100 Draine
UV field and AV “ 1 was also considered resulting in an almost constant CO abundance
profile. Our observed CO abundance profile appears to be reproduced reasonably well
by UV“ 10ˆISRF and AV “ 1 mag (green line; Figure 5.12). Although such a model
makes the overall fit better for CO, HCO` and DCO` , it does not really improve the fit
for other species (e.g. CS, CN, C2 H) and it actually makes overall fit worse for H2 CO,
HDCO, D2 CO and CH3 OH, by decreasing the abundance of the outer envelope by up to
4 orders of magnitude. Thus, we do not consider it to be our best–fit (or standard) model.
The modeled HCO` abundances generally follow those of its parent molecule, CO,
and show a strong decline for radii between „ 5 ˆ 1015 and 8 ˆ 1016 cm, where the
CO freezeout zone is located. HCO` abundances also drop strongly in the inner, dense
and dark envelope region at ră2ˆ1015 cm, where ionization degree drops due to fast
recombination processes. Not surprisingly, the modeled N2 H` abundances also drop in
the very inner envelope, like those of HCO` . In contrast to HCO` , N2 H` thrives in the
CO freezeout zone, where a key destruction reaction of N2 H` ions by CO molecules is
no longer effective. In Figures 5.15, 5.18 the DCO` abundances are compared, and the
modeled DCO` profile follows the case of HCO` and agrees with observations in two
areas: 1) inner envelope at „ 1 ´ 4 ˆ 1015 and 2) outer envelope with r ą 1017 cm.

5.6. Chemical modeling
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In constrast to HCO` , DCO` is slightly overproduced in the no-UV chemical model in
the inner part of the envelope, but is well fitted by the model with additional UV due to
outflow cavity.
The poor fit and dependence on UV irradiation of CN, HCN, and HNC we already discussed above. Their formation mainly proceeds via neutral-neutral gas-phase reactions
involving light hydrocarbons like C2 H and other N-bearing species (e.g., NO). Thus the
no-UV model that fails to fit CN, HCN, and HNC data is also not able to fit the C2 H
observed abundances.
The modeled CS abundance profile shows a poor fit to the data as well. As we also
mentioned above, this is due to general lack of predictive power of modern astrochemical
models for S-bearing species. Still, H2 S modeled values are in good agreement with the
observed data.
The observationally-driven H2 CO abundances are only well reproduced in the outer
envelope at r ą 3 ˆ 1016 cm, and are lower than the observed values by up to 3-5 orders
of magnitude in the inner part. This is also likely caused by the same approximation of
the outflow and UV-irradiated outflow cavity walls in our 1D chemical model as for CO.
Alternatively, our observations may lack the necessary resolving power and sensitivity
to uncover and unbiasedly constrain the underlying physical structure of the inner NGC
1333 IRAS 4A envelope, which comes out in the lack of agreement between the data and
the chemical predictions. The similar behaviour is shown by H2 CO isotopologues and
chemically-related methanol molecule.
In Figures 5.17–5.19 we show the effect of including an additional UV component
into the chemical model, as our attempt to represent the UV-irradiated outflow cavity
material. As we discussed above, additional UV radiation lowers the degree of CO
depletion and brings us much closer to agreement between the observed and modeled
CO abundances. The same effect is seen for our N-bearing species (CN, HCN, HNC).
Unfortunately, for all other observed species (HCO` , N2 H` , CS, H2 CO isotopologues,
CH3 OH, C2 H, S-bearing species) the modeled abundance profiles have poorer agreement
with observations than in the standard model. The enhanced UV irradiation makes too
rapid destruction of less tightly bound molecules than CO, plus it limits the efficiency
of surface chemistry by desorbing ices too efficiently. The potential solution to such
a chemical discrepancy is to perform chemical modeling using a more realistic 2D or
3D physical structure of the NGC 1333 IRAS 4A envelope, including the outflow and
outflow cavity wall and performing UV radiative transfer.
Time dependency and different input parameters
Our models are time dependent so we also investigate the influence of different timescales
on the produced chemical abundance profiles. Figure 5.20 in the appendix presents the
time dependent abundance profiles of several species, demonstrating the insignificant influence of time in the short timescales that characterize a Class 0 object (104 -105 yrs). Our
observed methanol abundance though is in better agreement with the modeled methanol
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abundance for ě 4ˆ104 yrs (Figures 5.15, 5.20), while other species do not show significant abundance variation on these timescales and thus we cannot use them as additional
constraints for the age. We provide a lower limit to the age of IRAS 4A which is at least
4 times older than the one given by Maret et al. (2002) and potentially in agreement with
the value of 9ˆ104 yrs given by Gonçalves et al. (2008) based on the morphology of the
observed magnetic field. We should point out that the derived best–fit age of our object
is dependent on the framework of model that we use. If in reality conditions are different
(e.g. different physical structure) or our chemical network misses some key reactions the
best-fit age value can vary significantly. A rigorous way to do such modeling would require running numerous models with varying T, ρ, CR ionization rate, and reaction rates,
which would give a best–fit chemical age plus its error bars. A previous study towards
young high-mass star-forming regions took these factors into account and found chemical
ages that were characterized by uncertainties of a factor of 2–3 (Gerner et al. 2014).
To test the dependence of our results on the adopted physical conditions, we have run
models with a 2 times higher cosmic ray ionization rate, a grain growth up to 0.5 µm and
different initial abundances for timescales between 103 and 106 yrs. To set the different
initial abundances for the chemical modeling, we calculated the chemical evolution of a
0D model of an Infrared Dark Cloud with nH “ 2ˆ 105 cm´3 , T “ 15 K, ζ CRP “ 5ˆ10´17
s´1 , H2 OPR “ 3:1 and AV “ 10 mag over 1 Myr. The neutral “low metals” elemental
abundances of Graedel et al. (1982) and Agúndez & Wakelam (2013) were used. The
resulted abundance profiles of this process can be seen in Figure 5.21.
We find that the CO abundance profiles are not affected strongly by increasing the
cosmic ray ionization rate. In contrast, the model with bigger grain sizes of 0.5 µm
shows an increase in CO abundances by 1–2 orders of magnitude at the snowline. This is
because the total dust surface area per unit gas volume is smaller in this model compared
to the standard case of 0.1 µm grains, lowering the pace and hence the degree of the CO
freeze out. The effect is particularly dramatic at shorter chemical ages of „ 103 years,
where the difference in CO abundances between the 0.1 µm and 0.5 µm models is „ 3´4
orders of magnitudes. Lastly, we find that the different initial abundances can cause
a decrease of 1–2 orders of magnitude in the abundance profiles at the inner or outer
envelope but does not significantly affect the CO abundance at the snowline. Only in
combination with the short timescale of 103 yrs do we see 0.5–1 order of magnitude
higher abundance at the snowline compared to the other timescales.

5.7

Conclusions and discussion

We used HIFI and JCMT data to constrain the chemical structure of a low mass protostellar envelope and compare it with a high mass equivalent.
• The empirical abundance profiles for most species appear to match the modeled
chemical abundances in the outer envelope.
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Figure 5.14: Observed and modeled abundance profiles of CO, HCO` , N2 H` , CS, HCN

and HNC at the minimum representative timescale of 4ˆ104 yrs as predicted from the
time dependent CH3 OH models. The red dashed lines show the abundance profile of the
outer envelope of the high–mass case, AFGL 2591 (Kaźmierczak-Barthel et al. 2015)
for comparison with NGC 1333 IRAS 4A (blue). The black solid lines represent the
abundance profiles from the 1D chemical model. The green solid lines represent the
abundance profiles from the 1D chemical model that aim to take into account outflow
cavities by applying an extra UV radiation of 10ˆISRF at AV =3 mag. The angular
resolution of the observations vary between „152 and „352 , which corresponds to 2.5 –
6.3 ˆ 1016 cm in the models.
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Figure 5.15: As Fig. 5.14, but for H2 CO, CH3 OH, C2 H, CN, HDCO, CO and DCO` . The

deuterated species, HDCO and DCO` were not observed towards AFGL 2591.
• The empirical abundance profiles for the low mass protostellar envelope (NGC 1333
IRAS 4A) are systematically 1 to 2 orders of magnitude lower than the high mass
protostellar envelope (AFGL 2591).
• The population diagrams of H2 CO do not show a significant difference regarding
the excitation conditions among the envelope and the outflow.
• High D2 CO over H2 CO ratio (10%) points towards formation via grain surface
reactions during the cold phase and not gas–phase chemistry. This is in agreement
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Figure 5.16: As Fig. 5.16, but for H2 S and D2 CO. D2 CO was not observed towards

AFGL 2591.
with what is has been observed before towards IRAS 16293-2422.
• H2 D` shows a different spatial distribution compared to the other deuterated species
and a peak velocity at „8 km s´1 . The most prominent explanation is that it is located in a different layer of gas than the clump that contains the protostars.
• The abundance profile of CH3 OH provides a lower limit for the age of NGC 1333
IRAS 4A of 4ˆ104 yrs.
The modeled chemical abundance profiles of the inner envelope are a few orders of
magnitudes lower than the observed ones for all species. More transitions of the observed
species will help us in the future to better constrain the observed profile. We tried to simply simulate an outflow cavity by increasing the UV radiation that the observed species
were exposed to. We found that this approach improved the fit among the theoretical
abundance profiles and the observed, thus a more detailed 2D/3D chemical modeling
that takes into account disk structure and outflow cavities is expected to be more accurate. We attribute the observed abundance difference among the low and the high mass
protostellar envelope to the higher temperatures that characterise the high mass case and
the absence of the freeze–out zone.
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Figure 5.17: Observed and modeled abundance profiles of CO, HCO` , N2 H` , CS, HCN

and HNC at the minimum representative timescale of 4ˆ104 yrs as predicted from the
time dependent CH3 OH models. The red dashed lines show the abundance profile of the
outer envelope of the high–mass case, AFGL 2591 (Kaźmierczak-Barthel et al. 2015)
for comparison with NGC 1333 IRAS 4A (blue). The solid lines represent the abundance profiles from the 1D chemical model applying an extra UV radiation of 10ˆISRF
AV =1mag, 2mag and 3mag, and the extreme case of 100ˆISRF and AV =1mag. The angular resolution of the observations vary between „152 and „352 , which corresponds to
2.5 – 6.3 ˆ 1016 cm in the models.

5.7. Conclusions and discussion

171

Figure 5.18: As Fig. 5.17, but for H2 CO, CH3 OH, C2 H, CN, HDCO, CO and DCO` . The

deuterated species, HDCO and DCO` were not observed towards AFGL 2591.
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Figure 5.19: As Fig. 5.17, but for H2 S, D2 CO, SO2 , H2 CS and OCS. D2 CO was not

observed towards AFGL 2591.
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Line detections towards NGC 1333-IRAS 4A
Table 5.6: Molecular Line Detections for NGC 1333-IRAS 4A - HIFI data

Molecule

Transition

CO

6-5
6-5
7-6
6-5
8-7
7-6
8-7
2(1,1)-2(0,2)
8-7
9-8
13-12
14-13
15-14
2(1,2)-1(0,1)
9(1,9)-8(1,8)
9(0,9)-8(0,8)
9(5,5)-8(5,4)
9(1,8)-8(1,7)
10(1,10)-9(1,9)
5(-2,4)-4(-1,4)
4(2,3)-3(1,2)–
8(1,8)-7(0,7)++
4(2,2)-3(1,3)++
9(1,9)-8(0,8)++
5(2,3)-4(1,4)++
5(3,2)-4(2,2)
6(2,4)-5(1,5)++

13 CO
13 CO

C18 O
HCO`
N2 H`
N2 H`
H2 O
HCN
HCN
CS
CS
CS
H2 S
H2 CO
H2 CO
H2 CO
H2 CO
H2 CO
CH3 OH
CH3 OH
CH3 OH
CH3 OH
CH3 OH
CH3 OH
CH3 OH
CH3 OH

5.B

Rest Frequency Eup
(MHz)
(K)
691473.08
661067.28
771184.12
658553.28
713341.23
652095.57
745209.87
752033.14
708877.21
797433.66
636531.84
685434.76
734324.00
736034.10
631702.81
647081.73
655212.10
674809.78
701370.46
665442.45
673745.93
674990.42
678785.45
719664.88
728862.52
772453.80
779380.51

Broad

component

Vlsr
(km s´1 )

FWHM
(km s´1 )

116.2 shows absorption
111.0
6.7 ˘ 0.1
148.1
7.4 ˘ 0.3
110.6
6.8 ˘ 0.1
154.1
6.1 ˘ 0.6
125.2
7.7 ˘ 0.2
161.0
7.9 ˘ 0.1
136.9
8.6 ˘ 0.6
153.1
6.4 ˘ 0.5
191.4
4.7 ˘ 0.6
213.9
6.8 ˘ 0.5
246.8
4.5 ˘ 0.5
282
5.5 ˘ 0.6
55.1
6.6 ˘ 0.1
163.6
8.0 ˘ 0.2
156.2
6.5 ˘ 0.2
451.2
6.2 ˘ 0.2
174.0
6.3 ˘ 0.2
197.3
6.9 ˘ 0.1
60.7
6.5 ˘ 0.8
60.9
6.9 ˘ 0.4
97.4
5.9 ˘ 0.3
60.9
6.6 ˘ 0.5
118.1
6.9 ˘ 0.2
72.5
5.2 ˘ 0.5
82.5
6.4 ˘ 0.6
86.5
6.9 ˘ 0.2

10.7 ˘ 0.4
9.0 ˘ 1.0
2.4 ˘ 0.3
7.0 ˘ 2.0
5.3 ˘ 0.3
2.3 ˘ 0.3
30.2 ˘ 0.7
8.9 ˘ 0.5
6.4 ˘ 0.6
6.2 ˘ 0.5
6.2 ˘ 0.5
6.1 ˘ 0.6
0.5 ˘ 0.1
2.7 ˘ 0.3
3.8 ˘ 0.5
2.8 ˘ 0.6
4.6 ˘ 0.6
4.7 ˘ 0.2
5.2 ˘ 0.8
4.2 ˘ 0.4
5.0 ˘ 0.3
6.1 ˘ 0.5
3.7 ˘ 0.3
5.0 ˘ 0.5
5.6 ˘ 0.6
1.8 ˘ 0.2

T˚
A
(K)

Narrow

component

Vlsr
(km s´1 )

FWHM
(km s´1 )

T˚
A
(K)

0.19 ˘ 0.01 6.93 ˘ 0.01 1.60 ˘ 0.04 0.74 ˘ 0.01
0.17 ˘ 0.02 6.78 ˘ 0.03 1.4 ˘ 0.1 0.48 ˘ 0.03
0.14 ˘ 0.02 6.81 ˘ 0.05 0.6 ˘ 0.2 0.11 ˘ 0.03
0.17 ˘ 0.04 7.07 ˘ 0.04 1.9 ˘ 0.1 0.68 ˘ 0.05
0.05 ˘ 0.08 7.5 ˘ 0.1 1.5 ˘ 0.4 0.15 ˘ 0.08
0.13 ˘ 0.02 7.73 ˘ 0.05 0.5 ˘ 0.10 0.11 ˘ 0.02
0.34 ˘ 0.01 0.2 ˘ 0.2 11.4 ˘ 0.9 0.24 ˘ 0.02
0.10 ˘ 0.01
0.09 ˘ 0.01
0.05 ˘ 0.02
0.05 ˘ 0.2
0.04 ˘ 0.01
0.4 ˘ 0.1 6.9 ˘ 0.2 4.1 ˘ 0.2 0.13 ˘ 0.01
0.18 ˘ 0.02
0.09 ˘ 0.01
0.08 ˘ 0.02
0.13 ˘ 0.01
0.19 ˘ 0.01
0.05 ˘ 0.01
0.07 ˘ 0.03
0.09 ˘ 0.01
0.05 ˘ 0.01
0.09 ˘ 0.01
0.07 ˘ 0.01
0.05 ˘ 0.01
0.15 ˘ 0.01

Chemical models for various input parameters
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Figure 5.20: Time dependent 1D chemical models for timescales 104 – 105 yrs, which is

the predicted lifespan of Class 0 objects. The observed variations are not significant and
thus we adopt the 104 models to compare with our empirical models.

5.B. Chemical models for various input parameters
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Figure 5.21: Time dependent 1D chemical models for timescales 103 – 106 yrs adopting

different “extreme” inpout parameters. These models include 2 times higher cosmic ray
ionization rate, a grain growth up to 0.5 µm and different initial abundances.
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Summary

This thesis focuses on understanding the physical and chemical processes that take place
in regions forming both low and high mass stars, in particular the early evolutionary
stages of star formation. The physical and chemical processes during star formation
influence the thermal balance and the chemical composition of the interstellar medium
and its evolution. Star forming regions are among the most chemically rich and complex
regions of the Universe and they are located in dense parts of the interstellar medium. The
study of their molecular content is one of the major goals of astrochemistry in general
and this thesis in particular. But why are we so interested in the chemical composition of
these regions?
We know that several processes during star formation influence the chemical composition, complexity and evolution of the interstellar medium. Vice versa, the chemical
composition and evolution of the interstellar medium have their own influence on the
evolution and possibly the mass of a newly born star. The dynamical processes that lead
to the collapse of an interstellar cloud and thus the creation of a protostar are highly
connected with the chemical composition of the gas. The thermal pressure of the gas
and the magnetic fields resist the gravitational forces and thus the collapse, and both
are connected with the chemical composition of the medium. Namely, the thermal balance (Chapter 2, 3) can only be understood if we know: what kind of molecules can be
formed, when and where do they form and how much do they contribute to the cooling
of the gas via line emission? What are the main heating mechanisms during star formation? The magnetic fields on the other hand, are coupled with the medium through ions.
Knowing the ionization structure and the abundance of ions is mandatory to understand
the overall star formation processes.
Another topic of interest is understanding the evolutionary stages of very young objects (Chapter 4). The processes that turn a prestellar core to a protostar and the several
evolutionary stages can be probed by molecular and dust emission. Molecular emission
is a powerful tool in probing the several mechanisms that take place during star formation
since different chemical species probe different regions and conditions (i.e. temperature,
density, velocity distribution). A question of practical importance is: what are the main
observational signatures that one can use in order to distinguish the different evolutionary
stages?
Last, but not least, understanding the formation/destruction of molecules in star formation (Chapter 5) is directly connected with understanding the chemical history of
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stars and planetary systems. Complex organic molecules, which are the building blocks
of life, have been observed towards young protostars. How, where and in which form
do they form? Studying and understanding the chemical reactions and evolution in star
forming regions could eventually lead to understanding their distribution in protoplanetary systems and to get closer to maybe understand how prebiotic molecules form and
the origin of life on Earth.
The specific questions that we are addressing in this thesis are:
• What is the thermal balance, the chemical and dynamical structure in PDRs and
what is the impact of UV radiation and clumpiness in such environments ? (Chapter
2, 3)
• How can we constrain the evolutionary state of dense cores? (Chapter 4)
• What is the physical and chemical structure of low mass protostellar envelopes?
How does their chemical structure compare to the high mass case? (Chapter 5)
• How do outflows influence the chemistry of the protostellar surroundings? (Chapter 5)
To answer these questions, I have used molecular line and continuum data at millimeter/submillimeter wavelengths, using a variety of instruments, from single dish ground-based
observatories (i.e. JCMT, IRAM) to interferometer (CARMA) and up to stratosphere
(SOFIA) and space (Herschel). To interpret the observations, I used a variety of radiative
transfer models (i.e. RADEX, RATRAN).
This thesis focuses on two targets, the S140 photon-dominated region (PDR), which
is connected with high mass star formation and NGC1333 IRAS4, where a cluster of low
mass protostars is forming. The specific scientific questions, the methodology and the
main results of this thesis are described below.
‚ The thermal balance of dust and gas in photon-dominated regions
The S 140 region is a great environment to study the thermal balance in PDRs. In
order to study the thermal coupling between dust and gas (Chapter 2) and the thermal
balance in this region I used a dataset that traces both continuum dust emission (PACS,
SOFIA/FORCAST, SOFIA/GREAT,SCUBA) and molecular lines (IRAM-30m, HIFI). I
modeled the CO molecular emission using the radiative transfer codes RADEX (van der
Tak et al. 2007a) and RATRAN (Hogerheijde & van der Tak 2000) in order to constrain
the gas kinetic temperature, volume density and CO column density across the region. In
addition, deriving the energy input is important for studying the thermal balance (Chapter 3). We put together the results of the gas and dust emission (DUSTY; Ivezic et al.
1997) and the results regarding the cooling budget (fine-structure lines of [OI]-63µm and
[CII]-158µm) and the PDR modeling (Kaufman et al. 1999).
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Our main results in S140 are a) the gas is systematically warmer than the dust by
at least 5-15 K despite the high gas density (Chapter 2), and we conclude that this
is a result of a deep UV penetration from the embedded sources in a clumpy medium
and/or oblique shocks and b) the line-to-continuum ratios of far-IR CII and OI lines
which trace the cooling budget, are lower than in any other Galactic source (ă 10´4 ),
and are actually matching the far-IR line deficit seen in Ultraluminous Infrared Galaxies
(ULIRGs; Malhotra et al. 1997; Muñoz & Oh 2015). Striking is also the fact that the
main emission of fine-structure lines in S 140 is spatially offset from the main heating
source which is currently a puzzle (Chapter 3).
The possible difference between gas and dust temperature at high densities should be
considered when analyzing continuum and molecular line observations using advanced
radiative transfer models. In addition, given the fact that the observed far-IR line deficit
in ULIRGs is not fully understood, S 140 appears to be a useful template that may lead
to a future model and thus better understanding.
‚ The earliest phases of low mass star formation
Protostellar evolution, following the formation of a protostar is becoming reasonably well
characterized, but the evolution from a prestellar core to a protostar is not well known,
although the first hydrostatic core (FHSC) has been suggested be a pivotal step (Larson
1969). One of the sources of my thesis, the NGC1333 IRAS4 region, is a low mass star
forming region which contains three young stellar objects, IRAS 4A, IRAS 4B and IRAS
4C. IRAS 4C is a potentially very young object, that we can directly compare with the
nearby Class 0 objects IRAS 4A and IRAS 4B. In order to investigate the evolutionary
status of these objects (Chapter 4), I used molecular line survey (JCMT 330-373 GHz
-maps) and continuum observations (CARMA). I used a set of observational constraints
others than the bolometric temperature which is widely used and I modeled the emission
using RADEX.
I found differences among the three sources in four aspects: a) the kinetic temperature
as probed using the H2 CO lines is much lower towards IRAS 4C than the other two
sources, b) the line profiles of the detected species show strong outflow activity towards
IRAS 4A and IRAS 4B but not towards IRAS 4C, c) the HCN/HNC abundance ratio
is lower than 1 towards IRAS 4C, which confirms the cold nature of the source, d) the
degree of CO depletion and the deuteration are the lowest towards the warmest of the
sources, IRAS 4B.
Based on these findings, IRAS 4C seems to be in a different evolutionary state than the
IRAS 4A and IRAS 4B sources, but our results are not fully consistent with a younger or
an older object. The major issues are the absence of outflow activity and the cold nature
of IRAS 4C which could point towards a first hydrostatic core (FHSC). A more detailed
physical model of IRAS 4C is one of my future plans. This method can be extended
to a bigger sample of FHSC candidates (Enoch et al. 2010; Chen et al. 2010; Pineda
et al. 2011; Pezzuto et al. 2012; Schnee et al. 2012) and I am particularly interested in
comparing the results of such sample with a sample of very low luminosity objects (ă
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0.1 Ld ; VeLLOs). Such a study may lead to the understanding of the link between a
prestellar core and a protostar which is predicted by theory to be the first hydrostatic
core.
The number of the observed FHSC candidates in Perseus (six) is an order of magnitude higher than predicted. This can imply a lower accretion rate (ă 4ˆ10´5 Md /yr)
than what models predict (Evans et al. 2009).

Chapter 5 focuses on the chemistry of young embedded protostars. Classical hot
cores, associated with high–mass star formation, are characterized by high temperatures
and high densities and are of interest because of the complex organic molecules that they
host. Similarly, a complex organic chemistry has been reported in the inner envelopes of
low–mass young protostars, the so–called hot corinos (e.g. Ceccarelli 2008). But is the
underlying chemistry actually the same?
In order to study the chemical structure of low-mass protostellar envelopes, compare
it to the high–mass case and investigate the influence of the outflows such environments
I use JCMT and HIFI spectral surveys and compare the observed abundances with time
dependent chemical models (ALCHEMIC; Semenov et al. 2010). The chemical models
used include both gas phase, gas-grain, and surface reactions. The models predict the
abundance profiles over the radius adopted from the physical models („5000 AU) for
timescales between 103 –106 yrs from the species of interest (e.g. CO, HCO` , CH3 OH),
which one can directly compare with the empirical abundances obtained using RATRAN
having adopted the same physical model. We find that the empirical abundance profiles
for most species appear to match the modeled chemical abundances in the outer envelope
and that they are systematically 1 to 2 orders of magnitude lower than in a prototypical
high mass protostellar envelope (AFGL 2591; Kaźmierczak-Barthel et al. 2015). We
attribute the observed differences to the higher temperatures around the hot cores and to
the absence of the freeze-out zone as compared to the low mass protostars.
For some species the observed abundances deviate from the modeled abundances.
The observed drop in the snowline of CO is only „2 orders of magnitude, compared to
„6 orders of magnitude that the chemical models predict. The strong outflow activity
and the winds that YSOs produce, result in a high velocity gas, but also the evacuation
of regions near the protostar. These cavities that are associated with outflows, have been
seen previously (e.g. near NGC 1333 IRAS4 and SVS13; Lefloch et al. 1998) and the UV
radiation is expected to play a crucial role in such environments since it can penetrate to
longer distances. We have simulated an outflow cavity by increasing the UV radiation that
the observed species are exposed to. The observed CO abundance profile appears to be
reproduced by UV“ 10ˆISRF and AV “ 1 mag. This might be crucial in understanding
the constant CO empirical abundance resulted in RATRAN even at temperatures as low
as 10 K where CO is expected to be frozen out on grains and thus be less abundant. We
find that this approach improves the fit among the theoretical abundance profiles and the
observed ones. A more detailed 2D/3D chemical modeling that takes into account disk
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structure and outflow cavities is expected to be more accurate and it is in my future plans.
Lastly, I used time dependent chemical models in order to constrain the age of NGC 1333
IRAS 4A (ą4ˆą104 yrs).
‚ Future outlook
For this thesis I worked on a variety of projects as described above, and contributed to
providing answers to scientific questions in the field. During this process, not only some
questions did not get answers but also new questions were raised.
An example of such a striking new question is: why do we observe such a large farIR line deficit towards S 140 and could this source be a suitable template to understand
the observed deficit in ULIRGs? Among my future scientific interests is modeling of
S 140 using advanced PDR codes (e.g. KOSMA-tau) and obtaining (sub)-mm mapping
observations covering all three infrared sources and the ionization front, in order to study
the spatial distribution of more species. An example of such observations is the high–J
transitions of CO using SOFIA. In addition, HCN maps of multiple transitions towards
S 140 could help constraining the volume density nH2 of the region. The long term goal
of this project is to constrain a model that can have an application to the far-IR line deficit
observed in ULIRGs.
Another scientific direction of interest, is to observationally constrain the missing
link between prestellar cores and protostars, the so called first hydrostatic core (FHSC). A
future project could be focused on a bigger sample of FHSC candidates from the literature
and observe these at high angular resolution with interferometers (e.g. ALMA). The main
questions to still be answered are: Is there a link between very low luminosity objects (ă
0.1 Ld ; VeLLOs) and FHSCs? What is the deuteration and the outflow activity (if any)
towards FHSC candidates? The predicted number of FHSCs in Perseus is one order of
magnitude lower than the observed number. Could we exclude some of them as being
misidentified, or does the theory needs to be improved regarding the accretion rate in the
early phases of star formation? In addition I aim to constrain the physical structure of
IRAS 4C using continuum observations and radiative transfer codes such as DUSTY.
Lastly, the development of 2D/3D chemical models which include a disk structure and
outflow cavities from low and high mass protostellar objects is crucial to better constrain
the abundance profiles observed in several sources (e.g. NGC 1333 IRAS 4A).

Samenvatting

De focus van dit proefschrift ligt op het doorgronden van de fysische en chemische processen die plaatsvinden in gebieden waar zowel zware als lichte sterren gevormd worden,
in het bijzonder de vroege evolutionaire stadia van stervorming. De fysische en chemische processen tijdens de stervorming beïnvloeden het thermisch evenwicht en de chemische samenstelling van het interstellair medium, alsmede de evolutie ervan. Stervormingsgebieden, die zich bevinden in dichte delen van het interstellaire medium, behoren
chemisch gezien tot de meest rijke en complexe gebieden van het heelal. Het achterhalen
van hun moleculaire samenstelling is één van de voornaamste doelen van de astrochemie
in het algemeen, en van dit proefschrift in het bijzonder. Maar waarom zijn wij zo geïnteresseerd in de chemische samenstelling van deze gebieden?
We weten dat diverse processen de chemische samenstelling, complexiteit en evolutie van het interstellaire medium beïnvloeden tijdens de vorming van sterren. Bovendien
hebben samenstelling en evolutie van het interstellaire medium op hun beurt weer invloed op de evolutie en mogelijk ook de massa van de pasgeboren ster. De dynamische
processen die leiden tot het ineenstorten van een interstellaire gaswolk, en daarmee de
vorming van een protoster, zijn zowel door de thermische druk in het gas als magnetische velden (die beide weerstand bieden tegen de zwaartekracht en daardoor de ineenstorting belemmeren) diep verweven met de chemische samenstelling van het gas. Met
name het thermisch evenwicht (Hoofdstukken 2 en 3) kan alleen begrepen worden als
we weten welke moleculen gevormd kunnen worden, wanneer en waar ze gevormd worden, hoeveel ze bijdragen aan de koeling van het gas door spectrale emissie, en wat de
voornaamste warmtebronnen zijn gedurende de stervorming. Aan de andere kant zijn
magnetische velden via ionen ook gekoppeld aan het medium. De kennis van de ionisatiestructuur en abundantie van ionen zijn daardoor essentieel voor het begrip van de
stervormingsprocessen.
Een aanverwant interessegebied is de studie van de evolutionaire stadia van zeer jonge
objecten (Hoofdstuk 4). De processen die een pre-stellaire kern uiteindelijk omvormen
tot een protoster, en enkele evolutionaire stadia daarna, kunnen onderzocht worden aan
de hand van moleculaire lijn-emissie en de continuum-emissie van stof. Moleculaire
emissielijnen vormen krachtig gereedschap voor het ontrafelen van diverse mechanismes
die een rol spelen tijdens de stervorming, aangezien verschillende molecuulsoorten indicatoren zijn voor verschillende condities (denk aan temperatuur, dichtheid en snelheidsverdelingen). Een belangrijke vraag hierin is: welke observationele signaturen kunnen
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gebruikt worden om de verschillende evolutionaire stadia te onderscheiden?
Ten slotte is inzicht in de vorming en dissociatie van moleculen tijdens de stervorming (Hoofdstuk 5) direct gekoppeld aan het begrip van de chemische historie van
sterren- en planetenstelsels. Complexe organische moleculen, bouwstenen van leven,
zijn waargenomen in de omgeving van jonge protosterren. Hoe, waar en in welke omstandigheden zijn deze gevormd? Studie van chemische reacties en evolutie in stervormingsgebieden zou moeten leiden tot kennis van hun verdeling in protoplanetaire systemen, en kunnen het begrip van het onststaan van prebiotische moleculen, en mogelijk
leven, naderbij brengen.
De specifieke vragen die in dit proefschrift aan de orde komen zijn:
• Hoe ziet het thermisch evenwicht, en de chemische en dynamische structuur in
foton-gedomineerde gebieden eruit, en wat is de invloed van ultraviolette straling
en dichtheidsvariaties (“klontering”) in dergelijke omgevingen? (Hoofdstukken 2
en 3)
• Hoe kunnen we randvoorwaarden stellen aan de evolutionaire toestand van kernen
met hoge dichtheid? (Hoofdstuk 4)
• Wat is de fysische en chemische structuur van de omhulsels van Zon-achtige protosterren? Hoe vergelijken deze zich met die van zware protosterren? (Hoofdstuk
5)
• Hoe beïnvloeden uitstromende gassen de chemie van de protostellaire omgeving?
(Hoofdstuk 5)
Om deze vragen te kunnen beantwoorden heb ik gebruikt gemaakt van waarnemingsgegevens van zowel lijn- als continuumstraling in het millimeter en sub-millimeter
golflengtebereik. De data zijn afkomstig van verschillende instrumenten, van enkelvoudige
telescopen (bv. JCMT, IRAM–30m) en interferometers (CARMA) op aarde, vanuit de
stratosfeer (SOFIA) en de ruimte (Herschel Space Observatory). Om deze observaties te
interpreteren heb ik een verscheidenheid aan modellen voor stralings-transport gebruikt
(o.a. RADEX, RATRAN).
Twee gebieden aan de hemel staan centraal in dit proefschrift, het foton-gedomineerde gebied S140, dat in verband gebracht wordt met de formatie van zware sterren, en
NGC1333 IRAS4, waar een cluster van lichte protosterren bezig is zich te vormen. De
specifieke wetenschappelijke vragen, de gebruikte methodes en de voornaamste resultaten worden hieronder besproken.
‚ Het thermisch evenwicht van stof en gas in foton-gedomineerde gebieden
Het S140-gebied is bij uitstek geschikt voor de bestudering van het thermisch evenwicht in foton-gedomineerde gebieden (PDR’s). Voor de studie naar de thermische koppeling tussen stof en gas (Hoofdstuk 2) en het thermisch evenwicht in dit gebied heb
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ik gebruik gemaakt van een serie gegevens waarin zowel de continuum-emissie van
stof (PACS, SOFIA/FORCAST, SOFIA/GREAT, SCUBA) als moleculaire spectraallijnen (IRAM-30m, HIFI) vertegenwoordigd zijn. De lijnemissie van CO heb ik gemodelleerd met behulp van twee programma’s voor de berekening van stralings-transport:
RADEX (van der Tak et al. 2007a) en RATRAN (Hogerheijde & van der Tak 2000), om
een bovengrens te kunnen stellen aan de kinetische temperatuur, de gasdichtheid en de
kolomdichtheid van CO en de verdeling hiervan over het gebied. Voor de studie van het
thermisch evenwicht is het bovendien belangrijk de energietoevoer te bepalen (Hoofstuk
3). We hebben de resultaten van de emissie door gas en stof (DUSTY; Ivezic et al. 1997),
de resultaten met betrekking tot het koelings-budget (fijnstructuurlijnen van [OI]-63 µm
en [CII]-158 µm) en de modellering van de PDR samengevoegd.
Onze voornaamste resultaten in het S140 gebied zijn a) het gas is systematisch 5–
15 K warmer dan het stof, ondanks de hoge dichtheid van het gas (Hoofdstuk 2), en
wij concluderen dat dit een gevolg is van de diepe penetratie van ultraviolette straling
vanuit bronnen ingebed in een medium dat “klonterig” is en/of blootstaat aan zijwaartse
schokken; en b) de verhoudingen tussen lijn- en continuumintensiteiten van de CII en
OI lijnen in het ver infrarood, die indicators zijn binnen het koelings-budget, zijn lager
(ă 10´4 ) dan in alle andere galactische bronnen, en komen overeen met het ver-infrarood
lijn-deficiet dat geobserveerd wordt in ultralumineuze infraroodsterrenstelsels (ULIRGs;
Malhotra et al. 1997; Muñoz & Oh 2015). Een ander opmerkelijk, en op het moment
onbegrepen, feit is dat de voornaamste emissie van fijnstructuur-lijnen in S140 spatieel
verschoven is ten opzichte van de voornaamste warmtebron (Hoofdstuk 3).
Wanneer continuum- en moleculaire lijn-observaties geanalyseerd worden met behulp van geavanceerde stralings-transport modellen, zouden de mogelijke verschillen
tussen de temperaturen van gas en stof meebeschouwd moeten worden. Gegeven het
feit dat het waargenomen ver-infrarood deficiet in ULIRG’s nog niet geheel begrepen
is, lijkt S140 een bruikbaar voorbeeldsysteem te zijn dat tot betere modellen en dus een
beter begrip kan leiden.
‚ De vroegste fasen in de vorming van lichte sterren
De fase van protostellaire evolutie, volgend op de vorming van de protoster, is tegenwoordig redelijk goed gekarakteriseerd. Van de voorafgaande evolutie van een prestellaire kern tot een protoster, daarentegen, is niet veel bekend. Wel is voorgesteld dat de
vorming van een eerste hydrostatische kern (FHSC) een cruciale stap is. Eén van de bronnen die ik voor mijn proefschift bestudeerd heb, NGC1333 IRAS 4, is een gebied waar
lichte sterren gevormd worden, en dat drie zeer jonge stellaire objecten bevat, IRAS 4A,
IRAS 4B en IRAS 4C. Hiervan is IRAS 4C potentieel een zeer jong object dat we direct
met de nabijgelegan Classe 0 objecten IRAS 4A en IRAS 4B kunnen vergelijken.
Om de evolutionaire toestand van deze objecten te onderzoeken (hoofdstuk 4), heb ik
gebruikt gemaakt van een moleculaire lijnsurvey (JCMT 330-373 GHz -Kaarten) en continuüm waarnemingen (CARMA). Ik heb gebruik gemaakt van een set van observationele
indicatoren anders dan de bolometrische temperatuur die op grote schaal gebruikt wordt
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en ik heb de uitstoot gemodelleerd met behulp van RADEX. Ik vond verschillen tussen
de drie bronnen in vier aspecten: a) de kinetische temperatuur bepaald vanuit de H2 CO
lijnen is veel lager richting IRAS 4C dan de andere twee bronnen, b) de lijnprofielen
van de gedetecteerde soorten vertonen sterke uitstroomactiviteit ten opzichte van IRAS
4A en IRAS 4B maar niet voor IRAS 4C, c) de HCN/HNC ratio is lager dan 1 richting
IRAS 4C, wat de koude aard van de bron bevestigt, en d) de mate van CO bevriezing en
deuteratie zijn het laagst in de richting van de warmste bron, IRAS 4B.
Op basis van deze bevindingen lijkt IRAS 4C zich in een andere evolutionaire toestand te bevinden dan IRAS 4A en IRAS 4B, maar onze resultaten zijn niet geheel consistent met een jonger of een ouder object. De belangrijkste bevindingen zijn de afwezigheid
van uitstroom activiteit en de koude aard van IRAS 4C. Deze zouden kunnen wijzen op
een eerste hydrostatische kern (FHSC). Een meer gedetailleerd fysisch model van IRAS
4C is één van mijn plannen voor toekomstig onderzoek. Deze methode kan worden uitgebreid tot een grotere steekproef van FHSC kandidaten (Enoch et al. 2010; Chen et al.
2010; Pineda et al. 2011; Pezzuto et al. 2012; Schnee et al. 2012). Ik ben vooral geïnteresseerd in de vergelijking van de resultaten van een dergelijke steekproef met een
steekproef van objecten met zeer lage lichtkracht (ă 0,1 Ld ;VeLLOs). Een dergelijk
onderzoek kan leiden tot het begrip van het verband tussen een prestellaire kern en een
protoster, volgens theorie de eerste hydrostatische kern.
Het aantal waargenomen FHSC kandidaten in Perseus (6) is een orde van grootte
hoger dan voorspeld. Dit zou een lagere groeisnelheid (ă4ˆ10´5 Md /jr) kunnen impliceren dan voorspeld door modellen (Evans et al. 2009).

Hoofdstuk 5 richt zich op de chemie van jonge ingebedde protosterren. Klassieke
hete kernen, geassocieerd met zware stervorming, worden gekenmerkt door hoge temperaturen en hoge dichtheden en zijn interessant vanwege de complexe organische moleculen
die zij bevatten. Er is een complexe organische chemie gevonden in de binnenste omhulsels
van lichte jonge protosterren, de zogenaamde hot corinos (eg. Ceccarelli 2008).
Om de chemische structuur van liche protostellaire omhulsels te bestuderen, te vergelijken met zware varianten en de uistroom van dergelijke omgevingen te onderzoeken, gebruik ik JCMT en HIFI data en vergelijk ik mijn RATRAN empirische modellen met
tijdsafhankelijke chemische modellen (ALCHEMIC; Semenov et al. 2010). De chemische modellen die worden gebruikt omvatten zowel gasfase, gas-stof interactie, en oppervlakte reacties. De modellen voorspellen de abundantie profielen als functie van straal
van de fysische modellen („5000 AU) voor het tijdschema tussen de 103 -106 jaar van
de betreffende soort (bijv. CO, HCO` , CH3 OH), die men direct kan vergelijken met de
empirische abundanties verkregen mbv. RATRAN met hetzelfde fysische model. We
zien dat de empirische abundantie profielen voor de meeste moleculen overeenkomen
met de gemodelleerde chemische abundanties voor het buitenste omhulsel en we zien
dat zij systematisch 1-2 orden van grootte lager zijn dan in een prototypisch zwaar protostellair omhulsel (AFGL 2591; Kaźmierczak-Barthel et al. 2015). Wij schrijven de
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waargenomen verschillen toe aan de hogere temperaturen rond de hete kernen en de
afwezigheid van de bevriezingszone in vergelijking met de lichte protosterren.
Voor sommige soorten wijken de waargenomen abundanties af van de gemodelleerde
abundanties. De waargenomen daling van de sneeuwgrens van CO is slechts „2 ordes
van grootte, in vergelijking met „6 ordes van grootte die de chemische modellen voorspellen. De sterke uitstroom activiteit en de winden die YSOs produceren, resulteren
in hogesnelheidsgas, maar ook in evacuatie van gebieden in de buurt van de protoster.
Deze holtes die worden geassocieerd met uitstromingen, zijn eerder waargenomen (bijv.
NGC 1333; Lefloch et al. 1998) en de UV-straling speelt waarschijnlijk een cruciale rol in
dergelijke omgevingen omdat het kan doordringen tot grotere afstanden. We hebben een
uitstroom holte gesimuleerd door de UV-straling te verhogen die aan de waargenomen
moleculen wordt blootgesteld. Het waargenomen CO abundantie profiel kan redelijk
worden verklaard met UV“10ˆISRF en AV “ 1 mag. Dit zou een verklaring kunnen
zijn voor de constante empirische CO abundantie in RATRAN, zelfs bij lage temperaturen tot 10 K waarbij CO wordt verwacht te bevriezen op stofdeeltjes en daardoor dus
minder abundant zou zijn. Deze benadering verbetert de samenhang tussen de theoretische en waargenomen abundantie profielen. Een meer gedetailleerde 2D/3D chemische
modellering die rekening houdt met de schijfstructuur en uitstroom holten is daarom naar
verwachting nauwkeuriger en staat gepland voor toekomstig onderzoek. Ten slotte heb ik
tijdsafhankelijke chemische modellen gebruikt om de leeftijd van NGC 1333 IRAS 4A
te bepalen (ą4ˆą104 jr).
‚ Vooruitzichten
Voor dit onderzoek heb ik, zoals hierboven beschreven, aan verschillende projecten
gewerkt om zo bij te dragen aan het beantwoorden van wetenschappelijke vragen in dit
veld. Tijdens dit proces zijn vragen onbeantwoord gebleven en hebben nieuwe vragen
zich aangediend.
Een opvallend voorbeeld van een dergelijke nieuwe vraag is: waarom observeren
we een ver-infrarood lijn deficiet in de richting van S 140 en is deze bron een geschikt
prototype om het waargenomen deficiet in ULIRGs te begrijpen? Mijn plannen voor
de toekomst in het wetenschappelijke veld zijn het modelleren van S 140 met behulp
van geavanceerde PDR-codes (bijv. Kosma-tau) en het verkrijgen van (sub)-mm kaartwaarnemingen die alle drie de infraroodbronnen en de ionisatiefront bestrijken, om daarmee
de ruimtelijke verdeling van meer soorten te bestuderen. Een voorbeeld van deze observaties zijn hoge–J overgangen van CO met behulp van SOFIA. Daarnaast, kunnen kaarten
van multi–lijn overgangen van HCN in de richting van S 140 helpen bij het bepalen van
de volumedichtheid nH2 van het gebied. Het lange termijn doel van dit project is om een
model te realiseren dat voldoet aan de waargenomen ver-IR lijn deficiet in ULIRGs.
Een andere interresante wetenschappelijke richting, is het d.m.v. observaties bepalen
van de ontbrekende schakel tussen prestellaire kernen en protosterren, de zogenaamde
eerste hydrostatische kern. Een toekomstig project kan worden gericht op een grotere
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steekproef van FHSC kandidaten uit de literatuur en deze te observeren met hoge hoekresolutie interferometers zoals bijv. ALMA. De belangrijkste vragen die nog openstaan zijn:
Is er een verband tussen objecten met zeer lage lichtkracht (ă0,1 Ld ; Vellos) en FHSCs?
Wat is de deuteratie en de uitstroom activiteit (indien aanwezig) in de richting van FHSC
kandidaten? Het voorspelde aantal FHSCs in Perseus is 1 orde van grootte lager dan het
waargenomen aantal. Kunnen we een aantal van hen uitsluiten op basis van verkeerde
identificatie, of dient de theorie te worden aangepast ten aanzien van de accretie snelheid
in de vroege fasen van stervorming? Daarnaast wil ik de fysische structuur van IRAS 4C
bepalen met behulp van continuüm observaties en stralingstransport codes zoals DUSTY.
Ten slotte is de ontwikkeling van 2D/3D chemische modellen die een schijfstructuur
en uitstroom holtes in de richting van lichte en zware protostellaire objecten omvatten
van cruciaal belang om daarmee de, in verschillende bronnen (bijv. NGC 1333 IRAS 4A)
waargenomen abundatie profielen beter te kunnen bepalen.
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